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Dynamische und Statische Bedingungen in den Atmosphéren
von Leuchtkriftigen Blauen Veranderlichen

ZUSAMMENFASSUNG

Um die spektrale Variabilitit von Leuchtkriftigen Blauen Verdnderlichen (LBVs) zu untersuchen wurde
der galaktische BA-Hyperriesenstern HD 160529 von 1992 bis 1995 iiber jeweils 2 —4 Monate beobachtet.
Der umfaBte Wellenlingenbereich betrug 3450 A < A <8630 A mit einer spektralen Auflésung von
R=A/AX ~20000 (~15kms~!). Zeitserienanalysen der Spektren ergeben dominante Perioden von
92.5+1 Tage fiir photosphirische Linienprofilvariationen (LPVs) und 114 —127 Tage fiir Wind-LPVs; die
Werte liegen im Bereich der beobachteten photometrischen Zeitskalen. Zeitliche Varianz Spektren und
LPVs deuten auf die Existenz von radialen (RP) und nicht-radialen (NRP) Pulsationen niedriger Ordnung
(Im] £2) hin; z.B. die gegen die Rotationsrichtung laufenden Variationen der He 1 A\5876-Linie werden
sehr gut von NRPs mit [=+m=1 reproduziert. TLUSTY 194-Modelle der temperaturempfindlichen
Ti 11 A4468 Linie lassen auf eine variable Temperatur—Schichtung der Photosphire von etwa Teg & 10 000 —
11500K schliessen. Temperatur—Variationen in diesem Bereich ergeben sich auch aus RPs und NRPs mit
[ <2 (Guzik, private Mitteilung) und konnen die Kontinuums—Strahlung ausreichend beeinflussen um die
beobachteten Variationen der Sternwindlinien zu erklidren. Dynamische Wind—Modelle des SEIDYNAMIC—
Programmes bestitigen diese Ergebnisse und demonstrieren dafl selbst betrichtliche Dichteschwankungen
des stellaren Ausflusses nicht Hauptursache der Windverinderlichkeit sein konnen.

Zur Untersuchung der LB V-Windstruktur wurden sehr hoch aufgeldste Spektren (R = 50 000 — 100 000) von
20 Sternen gesammelt. Alle Objekte zeigen Inhomogenititen in ihren Spektrallinien—Profilen, die darauf
hinweisen, dal “Verklumpung” (engl: “clumping”) eine allgemeine Eigenschaft der LBV-Sternwinde sein
konnte. Die Inhomogenititen werden ausgeprigter und hiufiger bei Spektrallinien die weiter aufen in der
Sternatmosphire geformt werden. Es entsteht ein Bild eines zundchst homogenen Windes, der auf dem
Weg von der Sternoberfliche in das interstellare Medium gestort wird und Klumpen oder Schalen bildet.

Dynamic and Static Conditions in the Atmospheres
of Luminous Blue Variables

ABSTRACT

We have observed the galactic BA-type hypergiant HD 160529 from 1992 to 1995 over 2—4 months per
year to study the spectral variability of Luminous Blue Variables (LBVs). The covered spectral wavelength
range was 3450 A < X < 8630A with a spectral resolution of R=\/A\ ~20000 (i.e. ~15kms™?).
Time-series analyses of the spectra result in dominant periods of 92.5+1 days for photospheric line profile
variations (LPVs) and 114 — 127 days for wind LPVs, which are in a range similar to observed photometric
variation time scales. Temporal variance spectra and LPVs indicate radial (RP) and low-order (|m| < 2)
non-radial (NRP) pulsations, e.g. retrograde moving variation features of the photospheric He 1 A5876 line
are well reproduced by NRPs with [ =+m=1. TLUSTY 194 models of the temperature sensitive Ti I1 A4468
line indicate a variable temperature structure of the photosphere in the range of T =~ 10000-11500K.
Temperature variations of this order are expected in RPs and NRPs with [ <2 (Guzik, private communi-
cation) and can change the continuum radiation sufficiently to explain the observed variations of the wind
lines. Dynamical wind models using the SEIDYNAMIC code confirm these results and demonstrate that
even substantial density variations in the stellar outflow cannot be the main cause of the wind variability.
We have obtained very high resolution spectra (R & 50 000 — 100 000) of 20 LBVs to study their wind struc-
ture. All objects show inhomogeneities in their line profiles indicating that clumping might be a common
feature in LBV-winds. The inhomogeneities get more pronounced and more frequent in spectral lines that
are formed further out in the atmosphere. The resulting picture is that of an initially “smooth” wind that
gets disturbed and forms clumps or shells as it travels away from the star into the interstellar medium.







Image of the Luminous Blue Variable (LBV) Eta Carinae (n Car) taken
with the Wide Field Planetary Camera 2 on board the Hubble Space
Telescope in September 1995. Images taken through red and near-
ultraviolet filters were subsequently combined to produce the color im-
age shown.

The huge, billowing pair of gas and dust clouds probably originate from
super-outbursts and strong, dense stellar winds which are characteristic
features of LBVs and possible interaction with one or more companion
stars. The study of the spectroscopic signatures of LBV-outflows and
their underlying extended stellar atmospheres is subject of this thesis.
Photo Credit: Jon Morse (University of Colorado), and NASA
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Chapter 1: Introduction

In this chapter we highlight the astrophysical significance of massive stars, and in particular Luminous
Blue Variables (LBVs), summarize the observational characteristics of LBVs and then present the current
state of research in this area. The following section describes unsolved problem areas and how this thesis
contributes to their solution. Finally we add some notes about spectral line accuracies in general and how
we resolved problematic issues for this work.

1.1 Motivation: The Importance of Massive Star Research

Massive stars with Zero-Age-Main-Sequence (ZAMS) masses of Mzans 2 10 Mg have surface tem-
peratures of over ~10000 K, high luminosities (10* — 108 L)) and relatively short lifetimes (~ 107 yrs).
Their strong radiation fields can ionize large volumes (up to 10 parsecs for H I regions) of the surround-
ing interstellar medium (ISM). Also strong mass loss driven by radiation pressure is a characteristic
feature of hot luminous stars (Kudritzki & Hummer 1990). Although these objects constitute only a
small fraction (~10~7) of the total stellar population, their radiation and mass-loss properties dominate
the power and momentum input into the ISM.

From an evolutionary point of view, mass loss is of minor importance on the main sequence but it is the
single most important parameter governing stellar evolution in the H-shell- and core-He-burning and in
later stellar phases (Chiosi & Maeder 1986). Observationally, these phases are associated with Of stars,
LBVs, and Wolf-Rayet (W-R) stars. Understanding the mass-loss properties of these stars is crucial for
modeling the final evolutionary stages of massive stars and the relationships with their predecessors.

LBVs have recently been recognized as keys to the evolution of massive stars. Every massive star with
M 2> 40 Mg passes through the LBV phase, where it may lose more than 50% of its initial mass by
dense winds, multiple eruptions and occasional large outbursts (see e.g. the evolution summary in the
introduction of Langer et al. 1999). Thus LBVs deposit large amounts of mainly unprocessed material
back into the ISM before nuclear synthesis by a supernova explosion can occur. Therefore these objects
are not only important for stellar evolution but for the chemical evolution of galaxies as well.

The LBVs are ideally suited to probing the stellar wind at various distances from the photosphere using
spectral lines: unlike strong-lined Wolf-Rayet stars, their wind densities are low enough that regions with
U R Ugound can still be directly observed; and unlike normal O stars, densities are high enough that a large
number of lines in the visual spectral range are formed up to distances from the photosphere where the
terminal velocity of the outflow is reached.

Given this unique observational possibility, the density structure of the wind can be determined empiri-
cally. Comparison with predictions of the theory of radiatively driven winds can then reveal important
information on the mass-loss mechanism.

The extreme brightness and irregular spectrophotometric variability of the LBVs makes them easily de-
tectable even in extragalactic systems. They are thus particularly interesting as potential indicators for
the cosmological distance scale. If it can be shown that LBV outflows are purely driven by radiation pres-
sure they can be analyzed with the empirical relation between the wind momentum and the luminosity
(WLR) published by Kudritzki (1995): MvsoR,'/? ~ L.
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Figure 1.1: Mveo R, M2 (in Meyr~—!, kms™!, and Rg) versus L (in L). Full squares: LBVs of Leitherer (1997);
full triangles: Ofps/WN9 stars of Pasquali et al. (1997), and HD 80077 and HD 152236; open squares: Galactic

OBA stars of Kudritzki et al. (1996); open circles/triangles: SMC/M33 stars of Kudritzki et al. (1996). This plot is
reproduced from Leitherer (1997).

For normal O supergiants this relation is very tight and theoretical models based on spherically symmet-
ric, radiation driven winds can explain the hydrodynamic processes in these objects very well. However,
the mass-loss mechanism in LBVs with their very massive winds and irregular spectrophotometric vari-
ability is still uncertain. In Figure 1.1 this is illustrated in the much larger scatter of LBVs around the
general trend. For the most recent results on WLR for galactic BA supergiants see Kudritzki et al. (1999).

Using a core-halo approximation for photosphere and stellar wind, the theory of hydrodynamics shows
that M is determined by the forces existing in the region below a critical point (which is usually close
to the sonic point). Additional forces to the radiation pressure in the supersonic region may change the
wind velocity structure (in particular v, ) but do not influence the mass-loss rate. In general more refined
models are necessary when the above assumption is not valid (see Lamers & Cassinelli 1999).

Processes like pulsations and local magnetic fields together with rotation have been proposed to explain
the atmospheric variabilities. These forces act at the base of the wind, i.e. in subsonic regions, and thus
influence M.

Furthermore, even small density or velocity perturbations can quickly grow into shocks which would
change the density, velocity and temperature structure of the stellar winds. In the case of inhomogeneities
in the wind of LB Vs, current mass-loss rates could be drastically overestimated (Barlow & Cohen 1977).
Schmid-Burgk (1982) showed that narrow streaming outflow cones mimic high mass-loss rates as well
while the effects of non-spherical wind geometries overestimate M only by a relatively small amount
(typically less than a factor two).
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Continuous high resolution spectroscopic observations are needed to investigate the underlying physical
mechanisms of LBV-variabilities and to study their effects on mass-loss rates.

Until recently the required high-resolution spectrographs were only available at large telescopes (i.e.
diameters > 1 m). The time-allocation pressure factor on these telescopes is generally too high to carry
out dedicated monitoring programs to study the observed variabilities over the relevant time scales (on
the order of weeks to months). However, the development of a fiber-linked echelle spectrograph with an
efficient CCD detector at the observatory of Heidelberg permitted a spectroscopic monitoring program
of bright stars on sub-meter class telescopes. These observations provide for the first time the required
time resolution for a detailed scrutiny of the spectroscopic variability of LBVs, which is presented here.

As seen in W-R stars, inhomogeneities in the outflows would manifest themselves in faint narrow sub-
structures in the spectral lines. Because the wind velocities in the LBV phase are an order of magnitude
smaller than in W-R stars, a corresponding higher resolution is necessary to detect narrow line features in
LBV spectra. Consequently we have obtained ultra-high resolution spectra (R > 50 000) with high S/N
ratios which are presented in the second part of the thesis.

1.2 General Characteristics of LBVs

The term “Luminous Blue Variables”, introduced by Conti (1984), combines stars identified as S Dor and
Hubble-Sandage variables and as P Cygni-like stars into one unique class. These objects are (apart from
supernovae) visually the most luminous stars in the universe (M, =-8 to —11) and exhibit irregular pho-
tometric and spectroscopic variations over several distinct time scales, ranging from weeks to decades.
In particular they are characterized by three photometric variability stages:

1. Sporadic giant eruptions with changes in V magnitude by more than 3 mag.

2. Moderate variability or S Dor eruptions at optical and IR wavelengths with amplitudes of 1 —2 mag
on time scales of years to decades at constant bolometric brightness (i.e. luminosity).

3. Microvariations of up to a few tenths of a magnitude on time scales of weeks to months.

The defining characteristic is showing variations of type 1 and/or 2 — whereas the third type is common
for many luminous stars.

Together with the photometric changes we observe spectroscopic variations: at quiescence (optical min-
imum), LBV stars show early-type spectra (OB to early-A), while during an outburst (optical maximum)
they typically exhibit mid-A to early-F spectra. Mass loss rates of the order of 1073 to 10™* Mgyr—!
are usually derived by fitting the emission lines of the optical spectrum (in particular Ha) which often
have P Cygni profiles. The wind velocities are usually measured from the UV or optical spectral lines
and range typically from ~100 to ~200km s~ (see e.g. Wolf 1992).

The outbursts and dense winds result in extended nebular shells. Studies of the dynamics of these en-
velopes yield a typical kinematic time scale of approximately 10*—10° yrs (see e.g. Leitherer et al.
(1994) for AG Car). Most LBV nebulae exhibit axisymmetric morphologies (Nota et al. (1995); see also
previous image of n Car).

LBVs represent an episode in the evolution of high mass OB stars to Wolf-Rayet stars: e.g. Langer
(1994) proposed the following evolutionary sequence stars with Mz 4p5 2 40 Mg:
O — Of — H-rich WN — LBV — H-poor WN — H-free WN — WC — SN.
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Bohannan (1997) estimated the LBV lifetime from the relative numbers of W-R stars and LBVs in the
Large Magellanic Cloud (LMC) to ~40000 yrs using a W-R lifetime of 5x 10° yrs and 115 W-R stars
and 10 LBVs!. This corresponds to about 1 % of the main sequence lifetime of a 40 M, precursor (de
Koter 1993).

A more detailed discussion of the properties of LBVs can be found in the comprehensive review of
Humphreys & Davidson (1994).

1.3 Current State of Research

In recent years significant progress has been made in the theoretical interpretation of LBV phenomena.

The observed moderate photometric variations which are found to occur at almost constant luminosity
(Wolf et al. 1981, Lamers 1989) are explained as a change in bolometric correction due to a variation of
the photospheric radius and temperature: during minimum, when the star is hottest, it is smallest in radius
and vice versa. That is, on its way from the minimum to the maximum phase the star is expanding and
its temperature is cooling proportionally to the square root of the radius. This behavior can be explained
by two mechanisms:

1. The variations are due to a drastic, but unexplained, increase in mass loss which makes the wind
optically thick in the continuum. This would form a “pseudo-photosphere” which would mimic an
increase of the photospheric radius (Lamers 1987).

2. The variations are due to a drastic, but unexplained, increase in real stellar radius (Leitherer et al.
1989).

Lamers (1995) reports that in the analysis of S Dor a true radius change between 100 and 380 Rg is
required and that the changes in luminosity suggest that about 10~3 to 102 M, participate in the ex-
pansion of the star. De Koter (1997) showed with detailed calculations that a change of mass loss is
generally insufficient to explain the required change in radius. This led to the important implication that
the responsible mechanism for the radius change must act in subphotospheric/interior layers of the star.

One of the possible causes for the LBV variability phenomena is the close vicinity to their respective
Eddington limit as represented by the location of many LB Vs in the Hertzsprung-Russell-diagram (HRD)
around the Humphreys-Davidson limit. Langer (1997) has shown that if the evolution of massive stars
toward the Eddington limit is responsible for the giant eruptions, then the stellar rotation defines the
critical hydrostatic stability limit. This {2-limit can naturally explain the highly bipolar nebulae that are
seen around LLBVs. Hydrodynamical simulations of the giant eruption of 7 Car by Garcia-Segura et al.
(1996) illustrate this behavior. Lamers (1997) calculated the location of the atmospheric Eddington limit
(AEL) in the HRD and showed that LBVs are close to the AEL with I' ~ 0.95. Thus changes of the
stellar interior will result in drastic variations of the overlaying atmosphere.

Pulsations (radial and non-radial, normal and strange modes) occur naturally during the evolution of
massive stars with high mass-loss rates when the luminosity-to-mass ratio is high as it is the case for
LBVs (calculations of Glatzel 1997). In particular, strange mode instabilities (SMIs) can be associated
with the opacity bumps of Fe, He and He/H and coincide with the observed location of LBVs in the HRD
around the Humphreys-Davidson limit. Cox et al. (1997) and Guzik et al. (1997) found that outbursts
require pulsations to be triggered in their models and that SMIs are controlled by the surface He content.

'There are currently only six confirmed LBVs known in the LMC; Bohannan used the number 10 in his estimation to
account for possible unknown objects.
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Stothers & Chin (1993, 1996) have suggested adiabatic instabilities as the cause for minor and major
LBV outbursts. However, the reported instabilities could not be reproduced by models calculated by
Glatzel & Kiriakis (1996).

Davidson (1989) and Maeder (1992) proposed a “Geyser mechanism” to explain the LBV outbursts:
here a density inversion layer is found in the models where the thermal time scale is shorter than the
dynamical time scale in large regions.

Recent theoretical models show that density irregularities can form within a few stellar radii due to shocks
from line-driven instabilities (Feldmeier 1995, 1998) and/or in corotating interactive regions (see recent
2D-CIR models of Owocki 1999). At larger distances “ram-ram” pressure mechanisms and fast/slow
wind models can create inhomogeneities that reproduce observed LBV nebulae structures very well
(Garcia-Segura et al. 1996).

Fullerton (1990) conducted a large spectroscopic survey of O stars in his PhD thesis and found absorption
line profile variations (LPVs) that could be attributed to pulsations, rotational modulations or evolving
substructures in the stellar wind. Similar LPVs, although on different times scales and also affecting
emission lines, have been observed in BA supergiants (Kaufer 1996), B hypergiants (Rivinius et al.
1997), W-R stars (see e.g. the relevant sections in: Nonisotropic and Variable Outflows from Stars, ASP
Conference Series Vol. 22) and LBVs (see e.g. Wolf & Kaufer (1997), Stahl (1997) and this study).
Hydrodynamical codes have been developed to model these observations, e.g.:

e Simulations of Corotating Interaction Regions (CIRs) and Discrete Absorption Components (DACs)
in rotating OB-Star Winds including the effects on limb darkening have been carried out by Cran-
mer (1996), Cranmer & Owocki (1996) and Owocki et al. (1996).

e Lepine et al. (1996) modeled the profile variations of emission lines in W-R winds by clumps
propagating in the wind direction and causing large turbulent motions and shock waves.

e Rivinius et al. (1997) incorporated density irregularities in their code (SEIDYNAMIC) to model
P Cygni-type line variations in B hypergiants.

e Non-radial pulsation codes have been developed and applied to model the spectral variations of
rotating early-type stars (e.g. Townsend 1997, Schrijvers et al. 1997).

To summarize we find that the above mentioned theoretical models can explain the characteristic varia-
tions of LBVs: the S Dor variability may be modeled by pulsations and adiabatic instabilities and giant
outbursts from crossing the Eddington-limit or via the “Geyser mechanism”. Nevertheless to decide
which mechanisms really exist or dominate, continuous spectroscopic observations of LBVs are neces-
sary. In particular the pulsation models need accurate radial velocity measurements of photospheric lines
over a long time period to confirm their results.

Spectroscopic observations of early-type stars have been carried out by the Heidelberg research group
of Wolf, Stahl and Mandel and have been presented by Ging (1993; A hypergiants), Kaufer (1996;
BA supergiants) and Rivinius et al. (1997; B hypergiants). The tools developed for these studies provide
the basic analysis methods for the studies of LBV variabilities as carried out in this thesis.

The studies of “ordinary” super- and hypergiants from the above long-term spectroscopic monitoring
programs revealed that a variety of effects might be responsible for the observed line variations: Kaufer
et al. (1996) explains the observed variability of BA-type supergiants with rotational modulation due to
weak magnetic surface structures and instabilities of the ionization structure of the wind. In the early B
hypergiants of the sample, propagating discrete absorption components (DACs) could be seen directly
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and were modeled with a dynamical wind code assuming density perturbations of ca. 10% at the base of
the wind (Rivinius et al. 1997).

It has been known for some time that W-R stars exhibit narrow-line features (seen in both emission
and absorption (Brown & Richardson 1994)) and that O stars show discrete absorption components
(DAC:s) in their spectral lines (Prinja 1992 for O stars). Narrow-line features have also been detected
in the IUE spectra of late B-type supergiants (Bates & Gilheany 1990). These features are ascribed to
regions of locally enhanced densities, indicating clumping and/or asymmetries in the wind structure, and
have dramatic consequences on the observed wind structure (see IAU Symp. No. 163 about W-R star
properties). The DACs are excellent probes of the varying mass-loss features which may occur in the
winds of LBVs: they reflect changes in the column densities and the distribution of absorbing matter in
the wind, thus delivering information on the line formation depth (Willis et al. 1989).

Several factors indicate that LBV stars may have irregular or clumpy winds. The LBV stars are known
to have variable mass-loss rates and/or to shift in and out of the W-R phase (e.g. AG Car, see Leitherer
et al. (1994) and possibly HD 5980, a WN eclipsing binary system that has experienced an LBV-like
eruption (Barba et al. 1995)). The existence of inhomogeneities in the circumstellar envelope of the
LBYV prototype P Cygni is also supported by recently obtained infrared observations with ISO (Lamers
et al. 1996). Finally, coronographic images exhibit clumpy substructures in LBV nebulae (Nota et al.
1995).

It is plausible why such line structures have not yet been detected in LBVs — as opposed to W-R or O
stars: since the wind velocities in the LBV phase are an order of magnitude smaller than in W-R and O
stars, a correspondingly higher resolution is necessary to detect narrow line features in LBV spectra. The
spectra observed for the ultra-high resolution project provide for the first time sufficient high spectral
resolution and high S/N to check for spectroscopic evidence of inhomogeneities in LBV winds.

The most up-to-date progress reports in the field of LBV research can be found in the proceedings of
the LBV-workshop “Luminous Blue Variables: Massive Stars in Transition”, ASP Conference Series,
Vol. 120, eds. A. Nota & H.J.G.L.M. Lamers, 1997 and the IAU Colloquium 169 “Variable and Non-
spherical Stellar Winds in Luminous Hot Stars”, eds. B. Wolf, O. Stahl & A.W. Fullerton, 1999.

1.4 Outline of this Work

From the previous overview of the current state of LB V-research we can summarize the following open
questions:

e The time development of wind and photospheric spectral lines is poorly studied. The causes for
the variability on all time scales is unknown.

e The influence of suggested existing processes like radial or non-radial pulsations and rotational
modulated magnetic fields on the photospheric variability is unknown.

e The role of possible shocks in the stellar outflows is unclear.

e The contributions of the previously described processes to the derived mass-loss rate is completely
uncertain.

e The interaction between photospheric and wind variability has been poorly investigated. Previous
core-halo approximations are too inaccurate to describe the velocity and density structure of LBV
atmospheres if photospheric processes influence the supersonic regions and possibly drive the wind
and determine the mass-loss rates.
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e The question of why most LBV’s, the descendants of O stars, are surrounded by bipolar outflows,
whereas O star winds are spherically symmetric, is open.

e Is our mass-loss calibration at the high-mass end systematically wrong due to inhomogeneities and
clumps in the winds?

The main goal of this work is to deliver the material necessary to tackle the previously described research
areas and make initial approaches to solve the open questions with basic analyses.

To address the variability issues, spectral observations with high resolution in time and spectral wave-
length over a sufficiently long time period have been carried out. Because of the enormous observational
expense of this program we concentrated on one object — HD 160529 — for this monitoring program. The
analyses and discussion of these data are presented in chapter 3 and constitute the main part of this thesis.

To study the question of inhomogeneities in the stellar wind we have observed 20 LBVs and LBV
candidates? in the Galaxy and the Magellanic Clouds with a spectral resolving power of R =50000—
100 000. We have tried to achieve the highest possible S/N ratios with the available observing time to
resolve and detect the expected faint narrow substructures in the spectral lines. These observations are
discussed in chapter 4. The mean profiles of the obtained spectra are presented in the appendix together
with a summary of the relevant observational informations for quick reference.

In chapter 2 we outline the main theoretical points of stellar astrophysics and pulsation; the collected
formulae serve as references in the respective analyses. In chapter 5 we summarize our results and draft
future prospects.

1.4.1 Selection of Program Stars

Currently only telescopes of the sub-meter class have low enough observing time pressure factors to
allow monitoring programs over time spans of months, which are typical time scales for the observed
LBV microvariations. The European Southern Observatory (ESO) generously allocated us sufficient
time on its 50-cm telescope in La Silla/Chile to observe stars in the southern hemisphere, where most
confirmed LBVs are located. Previous observations at a 70-cm telescope with the echelle spectrograph
of the Landessternwarte Heidelberg, which was planned to be used for the spectroscopic monitoring,
revealed that stars with visual brightness of V' < 7 are bright enough to achieve the desired high S/N ratio
(~100) in a reasonable exposure time (i.e. under two hours per exposure).

With V = 6.5 to 6.9 the established LBV HD 160529 fulfills this requirement. Additionally it has been
one of the initial stars observed in the “Long-term Photometry of Variables (LTPV)” program at ESO
(Sterken 1983). Thus a large database of its photometric variability was already available and has been
analyzed by various authors.

A comparison of the photometric and spectroscopic variability to check for correlations made this object
particularly desirable for the proposed research project. Quasi-periods on the order of weeks to months
have been observed in the photometric variability of HD 160529. Consequently the initiated spectro-
scopic monitoring project covered similar durations.

For our proposed ultra-high resolution study of LBV atmospheres we were granted observing time at
three different observing sites. We selected the program stars to be LBVs or LB V-candidates with visual

Due to a software error during the observations at the AAT on January 1996 the data of 4 stars were not usable and are thus
not included in the discussion of this project.
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brightness high enough to achieve a typical S/N ratio of around 100 while covering the whole optical
wavelength range with a resolving power of at least 50 000.

This allowed us to observe most confirmed LBVs brighter than V' < 11.0 in the Galaxy and the Large
and Small Magellanic Clouds. The achieved high resolution corresponds to a velocity resolution of
< 6kms~! which is sufficient to observe narrow line features in the slow moving outflows which have a
typical sound velocity of > 10kms~1.

Table 1.1 lists all objects that were observed for this thesis project with their visual brightness and co-
ordinates for epoch 2000. The noted observing time, instrument and approximate spectral resolution
(~ A/AM) correspond to observations for the ultra-high resolution project (see chapter 4).

Table 1.1: Observed Program Stars (sorted by right ascension, i.e. a2000).

Object V [mag] 000 [hym] da000 [° '] Observing run  Instrument *  ~ A/AX
HD 5980 * 9.3 00 59 -72 10 Oct 1995 UCLES/AAT 50000
R 40 10.7 0107 —72 28 Oct 1995 UCLES/AAT 50000
R71 9.8 05 02 -7120 Oct 1995 UCLES/AAT 50000
R 81 10.4 0510 -68 46 Oct 1995 UCLES/AAT 50000
S Dor 10.0 0518 -69 14 Oct 1995 UCLES/AAT 50000
HDE 269582 * 11.3 0527 -68 59 Jan 1996 UCLES/AAT 50000
R110* 10.3 05 30 -69 03 Jan 1996 UCLES/AAT 50000
R1271% 11.1 05 36 -69 30 Jan 1996 UCLES/AAT 50000
R143% 12.2 05 39 -69 08 Jan 1996 UCLES/AAT 50000
HD 80077 t 7.6 09 15 —49 58 Apr 1996 CES/CAT 60000
HR Car 8.6 1022 -59 37 Apr 1996 CES/CAT 60000
n Car 6.2 10 45 -59 41 Apr 1996 CES/CAT 60000
AG Car 6.9 10 56 -60 27 Apr 1996 CES/CAT 60000
HD 326823 f 9.0 11 09 -6043 Apr 1996 CES/CAT 60000
HD 160529 6.7 17 41 -33 30 Oct 1995 UCLES/AAT 50000
HD 316285 * 9.1 17 48 -28 00 Apr 1996 CES/CAT 60000
HD 168607 8.3 18 21 -1622 Oct 1995 UCLES/AAT 50000
HD 168625 8.4 18 21 -1622 Oct 1995 UCLES/AAT 50000
HD 169454 * 6.6 18 25 -13 58 Apr 1996 CES/CAT 60000
PCyg 4.8 20 18 +38 02 May 1996 CFS/CFT 100 000

 LBV-candidate

¥ Observations not usable

$ UcLEs: University College London Echelle Spectrograph, AAT: Anglo-Australian Telescope,
CES: Coudé Echelle Spectrometer, CAT: Coudé Auxiliary Telescope,
CFS: Coudé Feed Spectrograph, CFT: Coudé Feed Telescope

1.5 Notes about Spectral Line Accuracies

We point out that there are considerable differences in the literature about the laboratory rest wavelengths
(A1ap) Of specific spectral lines. For example the He 1 A5876 line is formed from multiplet 11 with at least
6 different contributions with \;q = 5875.599 — 5875.966 A (Kurucz & Bell 1995).
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Many authors still use the old Moore tables or just pick the wavelength with the highest oscillator
strengths (log gf) as Ajqp. Typical differences in the various line lists of AA=20.1 A correspond to a
Aw of ~5kms~! at 5876 A. In high-resolution spectra such as ours (dispersion of wavelength calibra-
tion less than 1 km s~ 1) this introduces a significant error in the absolute v,,q measurements. Calculating
the mean value, weighted with the given oscillator strengths or intensities from the respective \;q;-tables,
improves these values but still leaves inaccuracies (in the case of He 1 A5876 the error is of the order of
0.01 A or ~0.5kms!). The more recent wavelength tables of Kurucz & Bell (1995) and Hubeny (1996)
contain very similar values and yield the same results for the weighted averages.

A more accurate procedure is to let the synthetic codes handle the convolution of the various line con-
tributions but then fitting these spectral lines to get \;qp values (e.g. using the line center of Gaussian
fits) introduces errors (in our tests with TLUSTY 194/SYNSPEC 41 and ATLAS 9 models the fitting er-
rors were of the order of <0.03 A). In this thesis we use the published values of Hubeny (1996) when
there is only one unique transition in the line list and otherwise use the line centers of single Gaussian
fits to appropriate synthetic spectra calculated with TLUSTY 194/SYNSPEC 41 as Ay, values. Table 1.2
lists the Ajqp values used, except for the analyses and plots of the forbidden iron lines in P Cygni where
we took the \jqp values from Coluzzi (1993).

Fortunately this \;4, problem only causes a shift in the absolute velocity determination (which influences
e.g. the derived value of vgy); the amplitude of the radial velocity variations are independent of \;qj and
have the same differential value.

In Table 1.3 we list the values for the He 1 A5876 and He 1 A4471 lines from the literature and our mea-
surements of the calculated synthetic spectrum to illustrate the differences in the atomic data of published
line lists. In column 3 we have listed the oscillator strengths (log g f) as given in the line lists of Hubeny
(1996) and Kurucz & Bell (1995) or the intensities (INT) from the tables of Moore 1972.

Table 1.2: A\, values [in A] of selected spectral lines as used in this thesis.
The values are taken from line lists of Hubeny (1996) or from single Gaussian
fits to the TLUSTY 194/SYNSPEC 41 spectra. The list is sorted by rising A;qp
value within each element group. Line-ID: element, ionization stage, rounded
rest wavelength (well-known diagnostic lines like Balmer lines, Na D lines, ...
are listed with their common names (e.g.: H9, H8, He, NaDl1, CaK, ...) and
thus deviate from the usual line-ID specifications).

Line-ID A | Line-ID A | Line-ID Aab |

H113771 3770.632 | He14922 4921.931 | Mgm4481 4481.201
H103798 3797.900 | He15015 5015.678 | Si114553  4552.640
H93835  3835.386 | He15876 5875.668 | Sim4568  4567.840
H83889  3889.051 | He16678 6678.154 | Si114575  4574.757
He3970  3970.074 | CaK 3934  3933.664 | Si115978  5978.930
H0 4102  4101.737 | CaH3968  3968.469 | Simn6347  6347.110
Hvy4340  4340.468 | NaD25890 5889.951 | Si1r6371  6371.371
HpB 4861  4861.332 | NaD15896 5895.924 | Fe115074  5073.903
Ha 6562  6562.817 | Ti1n4469 4468.510 | Fe115087  5086.701
He14026 4026.190 | Timn 4780 4779.985 | Fe115243  5243.306
He14388 4387.929 | N115667 5666.629 | Fe115387  5387.136
He14471 4471.499 | N115711 5710.766 | Fe11 6248  6247.541
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Table 1.3: Comparison of atomic line data. Line-ID: element, ion-
ization stage, multiplet-number, WAVE = Weighted AVErage (with
log g f or intensity). The entry in Synthetic spectrum is the line cen-
ter value of a single Gaussian fit to the TLUSTY 194/SYNSPEC 41
spectrum of Figure 3.21).

Line-ID Aab loggf, INT) Source

He1 14 4471.477 (6) Moore 1972

Her1 14 4471.688 1 Moore 1972

Her1 14  4471.507 WAVE-Moore

Her1 14 4471.469 -2.198 Kurucz & Bell 1995
Her1 14 4471.473 -1.028 Kurucz & Bell 1995
He1 14 4471473 -0.278 Kurucz & Bell 1995
Her1 14 4471.485 -1.028 Kurucz & Bell 1995
Her1 14 4471.488 -0.548 Kurucz & Bell 1995
He1 14 4471.682 -0.898 Kurucz & Bell 1995
Her1 14 4471.501 WAVE-Kurucz & Bell
He1 14 4471.469 -2.200 Hubeny 1996

Her 14 4471.473 -1.030 Hubeny 1996

Her1 14 4471.473 -0.280 Hubeny 1996

He1 14 4471.485 —-1.030 Hubeny 1996

Her 14 4471.488 -0.550 Hubeny 1996

Her1 14 4471.682 -0.900 Hubeny 1996

Her1 14 4471.501 WAVE-Hubeny
He1 14  4471.499 Synthetic spectrum
Her 11 5875.618 (10) Moore 1972

Her 11  5875.650 (10) Moore 1972

He1 11 5875.989 (D) Moore 1972

He1 11 5875.651 WAVE-Moore

Her1 11 5875.599 -1.511 Kurucz & Bell 1995
Her1 11 5875.614 -0.341 Kurucz & Bell 1995
Her 11 5875.615 +0.409 Kurucz & Bell 1995
He1 11  5875.625 -0.341 Kurucz & Bell 1995
Her1 11 5875.640 +0.139 Kurucz & Bell 1995
Her1 11  5875.966 -0.211 Kurucz & Bell 1995
Her 11 5875.661 WAVE-Kurucz & Bell
Her 11  5875.599 -1.510 Hubeny 1996

He1 11 5875.614 —0.340 Hubeny 1996

Her 11 5875.615 +0.410 Hubeny 1996

Her 11  5875.625 -0.340 Hubeny 1996

Her1 11 5875.640 +0.140 Hubeny 1996

He1 11  5875.966 -0.210 Hubeny 1996

Her 11 5875.661 WAVE-Hubeny

Her 11 5875.668 Synthetic spectrum




Chapter 2: Theory

Considerable progress has been made in recent years in modeling the spectra of hot star atmospheres.
Particularly impressive results have been achieved by Najarro (1995) in modeling the spectra of the LBV
P Cygni. However, the inclusion of many important mechanisms (NLTE, line blanketing, expanding at-
mosphere, electron scattering, rotation, ...) make these codes very complex and require long computation
times even on current high-speed supercomputers.

It is thus often necessary to select specific codes that model only the particular features one wants to
study (e.g. photosphere, wind, variability), while ideally the effects of neglected parameters should also
be estimated (e.g. with another code) in order to determine the validity of the obtained results.

In this chapter we outline the theoretical framework of modeling stellar atmospheres and summarize the
basics of pulsation theory. For detailed explanations of the underlying concepts we refer to the standard
textbooks and review articles on stellar atmospheres (in particular Lamers & Cassinelli 1999, Mihalas
1978, Kudritzki 1988) and on pulsations (e.g. Cox 1980, Unno et al. 1989). We refer to these sections
later when we analyze the corresponding items.

2.1 Stellar Photospheres

Here, a photosphere is considered to be a plane-parallel, horizontally homogeneous atmosphere in radia-
tive and hydrostatic equilibrium. This approximation is valid when the thickness of the atmosphere is
small compared with the stellar radius and effects of wind, pulsation, magnetic fields, etc. are negligible.

The simplest atmospheric models can be constructed assuming local thermodynamic equilibrium (LTE).
In these calculations we have a Maxwellian velocity distribution of particles with a local kinetic temper-
ature T, which can be used to compute the excitation and ionization conditions by means of the simple
equations of Boltzmann:

Ns _ 9s o xes/kT @.1)
No g0

and Saha:

Nio _ 90 (QWmekT)3/QeXi,0/1cT
Noo  gop h3N,

2.2)

where k is the Boltzmann constant, i the Planck constant, Ny the number of atoms in the ground level O
with statistical weight gg, N the number of atoms in the excitation state s with statistical weight g, and
excitation potential x. s, IV; o the number of atoms in ionization state 4 and ground level O with ionization
potential x; 0, No,o the number of neutral atoms in the ground level 0, N, the number of free electrons,
m, the electron mass; the term before the exponent in the Saha equation is the statistical weight of the
ionized atom in the ground level plus one free electron divided by the statistical weight of the neutral
atoms in the ground level.
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Under the assumption that the absorption coefficient is independent of the frequency we can construct a
mean opacity. Together with the distribution of atoms and ions described by Equations 2.1 and 2.2 we
can then calculate a grey atmosphere to get a continuum spectrum.

The next important step is to include line blanketing (i.e. the influence of spectral lines on the resulting
atmospheric structure and predicted emergent spectrum) in the calculations. In LTE the total line opacity
is a function only of temperature and electron density and therefore determined locally. Dealing with
millions of lines still makes this a nontrivial problem that requires some kind of statistical approach. A
solution was provided with the introduction of opacity distribution functions (ODF) which resample the
total opacities in given frequency intervals. In particular Kurucz (1979, 1992) has calculated widely used
grids of LTE line-blanketed model atmospheres that consider more than 108 spectral lines for a model
construction.

In non-LTE (NLTE) calculations the number densities of selected energy levels and elements are allowed
to depart from their LTE values. The influence of NLTE effects can be expressed directly by means
of “departure coefficients” which are defined as the ratio of the NLTE to LTE occupation numbers:
b; = n;(NLTE)/n;(LTE). The individual spectral lines contribute in non-LTE not only to the total
opacity but also to the global statistical equilibrium and so influence the radiative rates, and therefore the
level populations, of other elements. This affects the conditions of different layers in the atmosphere and
makes the calculations inherently nonlocal and highly nonlinear.

Is it really necessary to spend so much efforts in understanding the conditions of stellar atmospheres?
For stars in a certain range of stellar parameters the answer is definitely yes.

The LTE-assumption is valid at high densities when collisional processes of particles ensure a detailed
balance of the relevant energy levels. In stellar atmospheres of early-type supergiants where log g (and
thus the density) is low and radiation rather than collision dominates the population of energy levels (i.e.
at high temperatures) this condition is violated. The experience from more than two decades of comput-
ing non-LTE model atmospheres (summarized e.g. by Kudritzki & Hummer 1990) has demonstrated that
non-LTE effects play a crucial role in atmospheres of virtually all types of hot stars (effective temperature
larger than ~10 000 K).

Yet, neglecting line blanketing introduces an uncertainty, which sometimes outweighs the correct non-
LTE calculations. The only reliable solution is to calculate non-LTE model atmospheres with full line
blanketing.

In the 1970s it became clear that the basic physical ingredient to understanding a stellar atmosphere is the
nonlocal coupling of physical quantities (Ievel population, radiation field, temperature). The tool which
allowed an explicit and fully consistent treatment of such a coupling was the complete linearization (CL)
method as introduced by Auer & Mihalas (1969). However it was soon realized that only a very limited
number of atomic levels and opacity sources could be treated within this framework due to limitations of
computer resources (e.g. the CPU runtime increases as the cube of the total number of unknowns). With
millions of lines to consider this would be beyond the capacity of even the most powerful computer.

A solution was found by realizing that not all possibilities of couplings are equally important: that only
the essential parts have to be treated explicitly; the rest can be done by iterations.

The accelerated lambda iteration (ALI) method (for a review see e.g. Hubeny 1992) utilized this idea by
expressing the radiation intensity through an approximate lambda operator acting on the source function
plus a correction term from the previous iteration.

This method still treated all energy levels separately and was thus limited to treating only ~100— 1000
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lines of mostly light elements (like C, N, O). To solve this problem Anderson (1989) introduced a statis-
tical method where many energy levels were grouped together in a small number of “’superlevels” which
makes it possible to calculate also atoms with very complex energy levels such as the iron-peak elements.

The incorporation of the above mentioned methods led to numerical codes that are able to calculate truly
line-blanketed non-LTE atmospheres. In particular TLUSTY 194 and SYNSPEC 41, the codes we used
for our analyses of the photospheric lines, are state-of-the-art programs to calculate NLTE atmospheres
and synthetic spectra.

2.2 Stellar Winds

Many hot stars and particularly all LBVs have extended atmospheres where the above plane-parallel
approximation is not valid but a spherical geometry has to be used in the calculations. Furthermore
most spectral lines show a definite influence of stellar outflow (indicated by asymmetric line profiles,
sometimes of the P Cygni type) and thus the static assumption has to be given up and hydrodynamic
codes are necessary to model the observed spectra.

To model expanding atmospheres it is commonly assumed that the stellar outflow is in a steady state
(i.e. time-independent) and that it is radially and spherically symmetric. In the polar coordinate system
(r, ©, @) these assumptions significantly simplify the calculation of the relevant equations since the ve-
locity, density and temperature distribution depend only on the radial distance r and have no angular
components in © or ®.

For early-type stars the dominant outward force driving the stellar winds is the strong radiation field
of the star: photons from the photosphere transfer momentum to ions via scattering and absorption
processes. This results in a net outward force mainly on ions with high absorption coefficients like C, N,
O, Fe. Through Coulomb-interaction these particles drag the surrounding ions and electrons with them
and form the total stellar outflow.

These conditions lead to wind velocity profiles where the speed of the expanding material increases in
the outward direction and reaches a terminal velocity, v, at a large distance from the star. Such wind
velocity fields are well described with functions of the beta-law type and an initial velocity, vg:

B
v(r) = vo + (Voo — v0) (1 — %) (2.3)

The stellar wind is then described by the equations of mass, momentum and energy conservation. The
equation of mass conservation is:

%%(WJ) =0 (2.4)
where p is the mass density and its product with the velocity, pv, the mass flux per unit area of a spherical
surface around the star. Integrating equation 2.4 provides the total outward mass flux with M as the mass-
loss rate':
= —ﬂ = 471'/)1}7“2 = constant 2.5)
dt
The acceleration of the outflowing material is given by the wind momentum equation which is formed

by the combination of radiative acceleration (g,q4) and pressure gradient (dP/dr) counteracting the

1We adopt the conventional use of the mass-loss rate Masa positive number although we can see in Equation 2.5 that M is
negative for stellar winds.
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gravitational forces (where G is the gravitational constant) of the star:

dv dv _ 1dP M
W_ 18 o . 2.6
at ~ Cdr S pdr G’I'2 + Grad (26)

The gas pressure P is related to the temperature T by the equation of state for a perfect gas:

kT  pRT
p= L _pRT_
pmg

2.7)

where k is the Boltzmann constant, umy the mean particle mass, R = k/my the gas constant and v;
the isothermal speed of sound.

Provided that all energy is transported by photons and no sources or sinks of energy exist in the stellar
atmosphere then the equation of radiative equilibrium describes the energy state:

L = 4nr?H = constant (2.8)

Equation 2.8 implies that that the stellar luminosity L is independent of the distance r. H is the integrated
radiative flux, i.e. the total amount of energy integrated over all frequencies. For black-body radiation
this corresponds to the Stefan-Boltzmann law:

H = oTe*. 2.9)

An equivalent formulation is that locally the absorbed amount of energy is equal to the amount that is
emitted. With ¢, and k,, the absorption and emission coefficients and J,, the mean intensity, we get:

o
/ kydy, — €,)dv = 0. (2.10)
0

Similar to H, J, is the total intensity integrated over all frequencies. These angle-averaged quantities
describe the radiation field and are given by:

) d 2.11
2/ (r, 1) dp, (2.11)

H= / H, dv, (2.12)

with the flux per frequency (also called Eddington flux):

1 ! 1
H, =5 [l du= - F(r) (2.13)

where F),(r) is the radial flux component and ;1 = cos © is the cosine of the angle between a beam of
radiation and the outward normal on a spherical surface element.

The specific intensity I,, along a distance ds = dr/ cos © is given by the equation of transfer:

d, oI, 1-p%dI,
ds or r  Ou

=€, — Kkuly. (2.14)
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The intensity after crossing a volume element /,, is connected with the entering intensity I, o via:

I,=Tge ™. (2.15)

The dimensionless variable 7, is called optical depth:

S
T, :/ Ky ds. (2.16)
0

The ratio of emission and absorption coefficients is called the source function: S, = €,/k, which
becomes the Planck function B, for black-body radiation in thermodynamic equilibrium:

2hv? 1
c2 ehe/kT _1°

B,(T) = 2.17)

The radiative acceleration in Equation 2.6, i.e. the amount of absorbed radiative momentum per time and
mass, is given by:

oo 1

4711

Grad = ———//n,, I, pdp dv (2.18)
c p2

0 -1
The absorption coefficient x, consists of three principal contributions: the Thomson scattering (mainly
on electrons) K7y, the continuum absorption (i.e. bound-free and free-free absorption) ¢ and the sum of
all line absorption x!:
Ky = Krh + KS + KL (2.19)

Accordingly the radiative acceleration can be split into:

Grad = Gray + Gfad + Grad- (2.20)

The line absorption coefficient is given by:

kL =kpo, (2.21)
with the line strength k ~ 1/p ~ 1/Avp. The profile of an absorption line ¢ is determined by the in-
trinsic line width, the damping broadening, the thermal motions and the microturbulence (i.e. small scale
turbulent motions). In stellar winds the density is usually low enough that damping can be neglected. The
remaining line broadening mechanisms lead to a profile function that can be expressed as a normalized
Gaussian. With the Doppler effect due to the expanding atmosphere ¢ becomes:

1

Bla) = —zermimend, (2.22)

with z the frequency displacement from the line center vy measured in Doppler units:

vV —1)

AZ/D

Tr =

(2.23)

and vy, the outflow velocity in units of the thermal velocity of the ion:

Vout = @ (2.24)
Vth,
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The characteristic length of flow, /., along which the density or ionization changes significantly, can be

expressed by:
1 dinp

l. dr

. (2.25)

The existence of v(r) in the profile function results in a strongly anisotropic absorption coefficient: !,
is peaked at x = p v,y and drops quickly outside this “interaction region” where the line is formed.
The width of this zone As becomes small when d(u v4y:)/ds becomes large. In the presence of a large
velocity gradient, ¢ behaves like a -function and the optical depth shows the behavior of a step function
(zero before and constant after £ = p vyy:). Sobolev (1957) first applied this approximation which
significantly simplifies the calculations of radiative transfer equations. The location where T = y vyt
is called the Sobolev point and the limit where the §-function approximation of ¢ is applicable is called
the Sobolev approximation (hereafter SA). The SA is valid when As < [, which is a typical condition
found in the supersonic velocity fields around stellar winds of early type stars.

With the SA it is possible to calculate the radiative acceleration due to many lines (of order 10°). In
contrast the physically exact treatment of the radiative transfer in the co-moving frame (hereafter CMF)
is limited to several hundreds of lines because of the computational expense of this method.

Based on the previously described formulae, a self-consistent theory can be developed to derive the
relevant stellar parameters. For example one can use the stellar luminosity L, mass M and radius R as
free parameters and derive the density, velocity and temperature distribution together with the mass-loss
rate and the emergent energy spectrum. Comparison with the observed spectra allows an iterative process
to determine all parameters consistently. Figure 2.1 shows the scheme? for self-consistent modeling of
stellar spectra used by Pauldrach et al. (1994). Note that the authors also solved the rate equations to
derive the occupation numbers for an accurate NLTE treatment.

In a pioneering paper Castor, Abbott & Klein (1975, hereafter CAK) laid the groundwork for a self-
consistent theory of radiation driven winds. The authors found that the force on the stellar material due
to radiation in a large number of subordinate lines can be very large and is a function of the local velocity
gradient in an expanding atmosphere. Further studies show that the dominant term in Equation 2.20 is
indeed gf, oq. the large number of absorption lines in hot stars, especially in the UV region, drives the
wind. To simplify the radiative transfer equations CAK applied the Sobolev approximation and assumed
radially streaming photons in their calculations.

Pauldrach, Puls & Kudritzki (1986, hereafter PPK) compared the CAK theory using the improved force
multipliers of Abbott (1982) with exact calculations of the radiative transfer in the CMF. They found that
the SA is a good description of hot star wind dynamics but that the “radial streaming” approximation
leads to completely unrealistic results.

In cases where the turbulent velocities are not negligible (v, = 0.02v4,) the SA calculated profiles
do not agree well with observed line profiles. To solve these problems Lamers et al. (1987) developed
the SEI method: Sobolev approximation with Exact Integration. Here the source function is calculated
using the escape probability method, whereas the transfer function is solved exactly. Their results agree
very well with with synthetic profiles calculated with the CMF method but require very little CPU time
so that interactive analyses of line profiles are still possible.

State-of-the-art synthetic hydrodynamic codes now include the effects of NLTE, electron-scattering, line-
blanketing, Auger ionization, level dissolution and more (see e.g. Hillier & Miller 1998). Successful

2For a detailed description of this figure and the used notation we refer to their article.
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Figure 2.1: Scheme of self-consistent atmospheric modeling (reproduced from Pauldrach et al. 1994).

examples of their applications for hot stars are the studies of Pauldrach et al. (1994), and in particular in
the case of Luminous Blue Variables, the work of de Koter et al. (1996) and Najarro et al. (1997).

2.3 Stellar Pulsations

Intrinsically variable stars are usually divided into pulsating and eruptive variables. Luminous Blue
Variables present a somewhat special case in the sense that they show cyclic as well as eruptive variability
patterns and thus can be associated with both classes. However the LBV eruptions might be caused by
pulsational instabilities as well and thus it is worthwhile to discuss the basic theoretical framework of the
pulsation theory in this section.
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Up until the middle of this century observed periodic brightness variability was thought to arise from ra-
dial pulsations (RP). The developed RP theory is very successful in explaining the classical (¢) cepheids
and the derived period-luminosity relation is one of the best tools for the measurement of the galactic
distant scale. However the simple RP theory implies that a given star can only oscillate in a definite
“harmonic” frequency or one of its discrete overtones, which provides a maximum allowed period Py,

Ledoux (1951) was the first who suggested that for stars whose brightness changes occur at periods
greater than P,,,, a non-radial pulsation (NRP) theory must be applied. In particular he showed that
the long period of 8 CMa could be explained by a beating mechanism between two pulsation modes of
similar frequencies.

In recent years pulsation-related phenomena have been discovered in many stars that were previously
regarded as non-variable. The best example here is our Sun itself where the field of “helioseismology”
has brought many fruitful insights of its internal structure. Other objects include early-type stars with
luminosity classes V to I which can be classified into 8 Cephei Variables with times scales of ~hours and
rather large variations in brightness and radial velocity, the 53 Persei Variables (slow rotational velocity:
vsing < 170kms™!) and the ¢ Ophiuchi Variables (vsini > 170km s~!) which exhibit small vyaq
variations and periods that are not stable over a long time. The most important characteristic of these
stars are that their non-radial pulsations are multi-periodic with several modes of oscillations (see e.g.
the study of o Cygni by Lucy 1976).

The two fundamental types of stabilities which characterize stars are:

e Dynamical stability where the stellar gravitation acts against the outward pressure gradient to
restore the equilibrium structure. A star spends most of its life in this state. However, this condition
might be violated locally, e.g. a star is dynamically unstable against non-radial perturbations in a
convection zone.

e Thermal stability where an excess of thermal energy causes the gas to expand which in turn de-
creases the temperature. An example of thermal instability is found in the degenerate helium core
at the beginning of the helium burning (visible as the helium flash).

Each stability state has an associated time scale. The dynamical or free-fall time scale, Tgyp, is the
characteristic time for a star to adjust a significant departure from hydrostatic equilibrium. It can be

estimated via:
1 | R3

where p =~ M, /R,? is the average density.

The Kelvin-Helmholtz time, T p, is essentially the relaxation time for departures of a star from thermal
equilibrium which is the balance between the energy generated by the thermonuclear reactions in the
stellar interior and the energy lost by radiation:

G M2
=~ . 2.27
TKH N BT (2.27)
Cox (1980) estimated the ratios of the time scales as:
T g2l B (2.28)

7
TKH M*E’/ 2

with L,, R, and M, in solar units.
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We can see from Equation 2.28 that 74y, is much shorter than 7k g. Thus, apart from degenerate ther-
monuclear ignitions (e.g. nova-like outbursts, helium flash) after which thermal stability is restored
quickly, longer-term thermal instabilities are usually not relevant to non-radial pulsations.

The fact that 74y, < Tx i forms the basis of the adiabatic approximation for the study of stellar pulsation
(i.e. all heat exchange mechanisms may be ignored). Again neglecting effects due to rotation or magnetic
fields, this approximation reduces the problem to a purely mechanical system and is analogous to the
study of sound waves confined in a box.

The relevant hydrodynamical equations are thus only the conservation of mass and momentum while the
equation of energy conservation can be dropped in the adiabatic approximation. Using the gravitational
potential {2 we can express the mass and momentum equations by:

dp
-~ = 2.2
91 +V(pv) =0 (2.29)
and 5
p (_8t +v V) v =—Vp—pVQ. (2.30)

To complete the description of this system we need a third equation, namely the Poisson equation:

V2Q =47Gp. (2.31)

In the above equations v denotes the fluid velocity, V the gradient operator and V2 the Laplacian opera-
tor; the other symbols have their previously defined meanings.

To obtain the equations describing the non-radial pulsations in stars the above equations are subjected to
perturbations which are usually described using the spherical harmonics:

20+ 1) (I —m)! .
Ylm(®,¢>):\/ ( 447; )EZ+Z;!Bm(cos®)ezm¢, (2.32)

where the P/"(cos ©) are the associated Legendre polynomials. Using z = cos © we get:

. —1)m m dl—l—m
Py = P a2y

T (@ 1), (2.33)

Normal modes are eigenfunctions of ¥;”(©, ®) with{ = 0, 1,2, ... and |m| < I. We see that we can also
describe the purely radial modes with this system when we set [ = 0. Each normal mode with index [
has a number of nodes n which describe the radial component of displacement from the equilibrium (i.e.
the stellar surface). The node values are: n = 0,1, 2, ... with n = 0 as fundamental node, n = 1 as first
overtone, etc.

The two dominant restoring forces in stellar pulsations are pressure, which causes acoustic waves called
p-modes, and gravity, which leads to g-modes. The spectrum of radial pulsations is restricted to p-modes
while NRP includes the g-modes as well. P-modes usually have higher frequencies than g-modes. The
pressure and gravity modes without nodes are called fundamental or f-modes and have frequencies that
lie in between the p-mode and g-mode spectrum. G-modes are preferably excited in convection-free
regions; for high-mass stars these are in the outer region and atmospheres and are thus observable in
optical stellar spectra.
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Additionally to the standard modes so-called “strange modes (SM)” can be found that do not fit in nor
follow the above described frequency spectrum. In general they are connected with instabilities having
growth rates in the dynamical range and occur only in non-adiabatic RP and NRP calculations. It is
found that the classical s and e mechanisms (see below) cannot be responsible for the SM instabilities;
however, the SMIs can be of nonthermal origin and might be interpreted fully in mechanical quantities.
For massive stars (in particular LBVs) the strange modes are related to the three opacity maxima of the
iron-peak elements (“Fe”), helium (“He”) and the helium-hydrogen balance (“He/H”). Here the observed
frequencies are closely related to the inverse sound travel time between the photosphere and the outer-
most opacity maximum which indicates that they are acoustic modes for these objects. For a discussion
on strange mode instabilities see Glatzel (1997, 1998).

To maintain stellar pulsations for an extended time a periodic energy input (e.g. in the form of entropy
or heat) is necessary to overcome the oscillation damping resulting from energy loss by radiation. Some
important excitation mechanisms (additionally to the nonthermal, acoustic origins of SMIs) are:

e The k mechanism which works in the outer layers of stellar atmospheres, i.e. the hydrogen and
helium ionization zones. Here ionization prevents the temperature from rising very much upon
compression and the density variation dominates the opacity variation of the respective volume
element: the increasing density increases the opacity and “dams up” the radiation thus driving the
pulsations. This mechanism is responsible for the regular oscillations of the classical cepheids.

e The nuclear energy generation in the stellar core always has a destabilizing effect and is called the e
mechanism. This effect may be important in very massive stars: e.g. it might drive the fundamental
radial modes of W-R stars (Unno et al. 1989).

e Rotation and semi-convection zones might affect the pulsations in massive stars. Calculations
show that preferably prograde (i.e. oscillations in direction of rotation) NRP are excited which may
coincide with the stellar eigenfrequencies and could be visible at the stellar surface as g-modes.

Several observational methods exists to distinguish between radial and non-radial pulsations:
e Direct observations of resolved stellar images (only possible for the Sun or nearby stars).

e Phase shifts of pulsations during stellar eclipses in binary systems indicate NRP (note that these
observations can also be explained by other traveling features around the equator).

e The observed period is longer than the fundamental period of the RP theory.

e The “beating” phenomenon: two simultaneous oscillations with nearly equal frequencies can mod-
ulate the amplitude of the observed oscillation and result in a longer period. This effect can easily
be caused by stellar rotation.

e Baade’s pulsation test: the luminosity variation due to radial pulsation can be expressed by:
L(t) = 47 R%(t) o Teg™(t). If we estimate the temperature variation from the color and mea-
sure the luminosity we get the radius variations from this equation. In case of radial pulsations
R(t) is correlated with the phase of the v,,q variations while for NRP R(¢) is anticorrelated.

e NRPs divide the stellar surface into regions with different velocity fields, which, in the presence of
rotation, redistribute the flux over the line profiles and create moving patterns of peaks and troughs.
Smith (1977) has observed such line-profile variations (LPVs) in early- to mid-B stars and modeled
them successfully using non-radial pulsations. In particular LPVs with v,,4-variations but constant
equivalent widths cannot be explained by radial oscillations.
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In recent years the numerical modeling of LPVs due to non-radial pulsations in rotating stars (Townsend
1997, Telting & Schrijvers 1997) has progressed a lot. Most NRP codes use the previously described
linear adiabatic approximation and achieve very good results in fitting observed line profiles. An example
of the effects of NRP on the line profiles of a rotating star is given in Figure 2.2. We use these theoretical
models in comparison with our observed LPVs and calculate simple numerical models to support our
discussion.

-

—>

Figure 2.2: Example of line profile
variations caused by non-radial pulsa-
tions (reproduced from Schrijvers et
al. 1997). The main input parame-
ters for this model are: | = 4,m =
—4, Vpae = 0.15vsin7 and an incli-
nation angle of ¢ = 90°. Left: line pro-
files and first (thick line, M 1) and sec-
ond (thin line, M2) velocity moments
during the pulsation cycle. The tick
marks at the velocity axis (x-axis) in-
dicate vsin¢. Right: Top: three pul-
sation cycles of residual line profile
(mean subtracted) shown as grey-scale
image. Intensities less than average
are dark. Middle and bottom: am-
plitude distribution and phase diagram
of LPVs (thick to thin lines: input,
first harmonic and second harmonic
frequency).
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Non-radial pulsations do not necessarily affect the photometric brightness of the star. In particular,
oscillations with higher harmonics may cause certain kinds of dynamical phenomena like macro- or
micro-turbulence or the heating of stellar chromospheres, coronae or winds. However these issues are
still subject to scientific debate. More simultaneous photometric and spectroscopic observations and
further theoretical studies are needed to advance our knowledge in this area.

The most recent summary of stellar pulsation theories as well as their applications in modeling observa-
tions can be found in: “A Half Century of Stellar Pulsation Interpretations: A Tribute to Arthur N. Cox”,
ASP Conference Series, Vol. 135, eds. P.A. Bradley & J. Guzik, 1998.
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Chapter 3: Spectroscopic Variability of the LBY HD 160529

3.1 Introduction

The variability of the extreme BA-type hypergiant HD 160529 was already established 30 —40 years ago
when studies of its lightcurve and spectra at different epochs resulted in different temperatures and spec-
tral types. Table 3.1 shows the various spectral classifications of HD 160529 together with the literature
references. This behavior is one of the characteristic features of Luminous Blue Variables (LBVs) when
they shift between minimum and maximum state.

Table 3.1: Spectral classifications of HD 160529.

Spectral type Reference

A3ela—O Bidelman, 1954, PASP 66, 249

A2la™ Hiltner, 1954, ApJ 120, 41

A2la™ Smith, 1956, ApJ 124, 43

A3la™ Buscombe, 1959, MtSOM 3, 1B
A2Ia-O Feast et al., 1961, MNRAS 122, 239
A9la Houk, 1982, Michigan Spectral Survey 3
B8la™ de Jager et al., 1984, A&A 138, 246
B8la Sterken et al., 1991, A&A 247, 383
A9la Sterken et al., 1991, A&A 247, 383

The spectrum of HD 160529 was studied extensively by Wolf et al. (1974) who found radial velocity
variations with amplitudes of about 40kms~! and line splitting of some metallic lines. Intensity vari-
ations of absorption lines of the order of 20 % and considerable photometric variations (e.g. 0.27 mag
in y) were explained as reactions of pronounced time- and depth-dependent nonthermal photospheric
velocity fields. Amplitudes of 25 to 30kms ! were found for the photospheric velocity variations by
measuring the radial velocities of the Hg, Hg and Hjg lines. On the basis of a curve-of-growth analysis
and strict hydrostatic LTE-models with log g =1, they estimated the effective temperature of HD 160529
to be approximately T,g=8800 K. Their observed variations in visual magnitude could be explained
by irregular temperature variations of the order of AT =700 K or continuum variations caused by the
variable velocity field.

The star was classified as a new galactic LBV by Sterken et al. (1991) due to its brightness decrease
of 0.5 mag from 1983 to 1991 and spectral type change from B9 to B 8. The authors found pulsation-
like variations in their photometric data with a quasi-period of 57 days with peak-to-peak amplitudes of
0.1 mag in b and y, while previous analyses suggested a possible 101.3-day period (Sterken 1981). From
comparison with R 110, a close photometric and spectroscopic counterpart of HD 160529 in the Large
Magellanic Cloud, they derived an absolute magnitude of My =-8.9 and a distance of 2.5kpc. The
stellar parameters characterizing the maximum state were estimated to be Teg =~ 8000 K, log g = 0.55,
Rs =~ 330 Rgpand M, = 13 Mg. They concluded that HD 1605291 is located at the lower limit of the
LBYV instability strip and possibly in an evolutionary phase after the Red SuperGiant (i.e. post-RSG)
state.
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HD 1605291 is one of the few stellar objects with a high enough centimeter flux to be accessible with
current radio telescopes. Leitherer et al. (1995) observed the star at 8.64 and 4.80 GHz and found that
the measured flux is consistent with thermal emission from an optically thick expanding wind at constant
velocity. The authors adopt the spectroscopic distance of d=2.5kpc from Sterken et al. (1991) with an
error of 40 %, an electron temperature of Tejectron =95000 K for the radio emitting region and a terminal
velocity of v4 = 180km s~ to derive a mass-loss rate of M =10"487£024 Mgyr—t.

Blomme & Runacres (1995) and Blomme et al. (1998) mentioned the possibility of clumping in the wind
of HD 160529 from IRAS observations and preliminary results of far Infrared observations with the ISO
satellite (60, 90 and 160 pm photometry). Because of problems with the detector response function of
ISOPHOT their data could not provide definitive conclusions (private communication).

In order to study the underlying physical mechanisms of the observed variability we have monitored
HD 160529 spectroscopically over a time span of 2 —4 months in four successive years, i.e. 1992 —1995.

In this thesis project we present and analyze the obtained spectroscopic data set and compare it with the
observed photometric! variations of HD 160529:

we describe the high S/N averaged spectra and some of their characteristic features in section 3.4 and
study the line variations of HD 160529 with tools developed specifically for spectroscopic time-series
observations (section 3.5). The photosphere and the stellar wind are modeled with synthetic spectra in
their static and dynamic states in chapters 3.6 and 3.7 respectively. In section 3.8 we summarize and
discuss the results obtained.

3.2 Observations

The spectrographs which have been used for the variability study of HD 160529 are described in great
detail in the dissertations of Mandel (1988) and Kaufer (1996a). The details of the data reduction proce-
dures and the applied modifications are explained in Gang (1993), Stahl et al. (1993) and Kaufer (1996a).
Hence we describe in the following paragraphs only the essential instrumental specifications and the nec-
essary data reduction steps and refer to the above publications for a more extensive discussion.

3.2.1 Instruments

From 1992 — 1994 the observations were carried out with FLASH (Fiber Linked Astronomical echelle
Spectrograph of Heidelberg) as described by Mandel (1988a, 1988b). It was equipped with an EEV-
CCD (1252x 770, 22 ypm pixel) and an optical fiber of 100 um core diameter. The covered spectral
wavelength range was 4000 A < X < 6850 A with a pixel-to-pixel resolution of R=\/A\ =~ 20000
(corresponding to ~15kms™1).

Prior to the observing period in 1995 the instrument was upgraded to enable simultaneous observations
in the blue and red range of the optical spectrum, now including wavelengths beyond the Balmer jump.
For this purpose a beamsplitter (dichroitic filter at 5700 A) and an additional blue-sensitive CCD chip
(1170 x 800, 22 um pixel) were integrated in the spectrograph. The wavelength range covered with one
exposure is now 3450 A < A < 5550 A and 5800 A < X\ < 8630 A. To distinguish the two setups, the
name of the spectrograph was changed to HEROS (Heidelberg Extended Range Optical Spectrograph).

By using optical fibers with identical core-diameters (100 pm, corresponding to a “sky-slit” of ~2.7 arcsec
at the ESO 50-cm telescope) in FLASH as well as in HEROS, the resolving power was kept constant in
both instruments.

!The photometric data was kindly placed at our disposal by Dr. C. Sterken.
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Table 3.2: Observing campaigns of HD 160529. T: S/N at A = 5850 A, ¥: S/N at A = 5500 A.

Observing Season Spectra/ Spectral Typ.
. . Instrument
Date Julian Date Nights  Range [A] S/N

Jun—Aug, 1992 2448794 -2448849  54/55  4050-6760 FLASH 1107
Feb—Jun, 1993  2449034-2449141 71/101 4010-6735 FLASH 110t
Feb—Jul, 1994 2449399 -244 9534 54/129 4030-6735 FLASH 1207
Mar—May, 1995 2449791-2449864  23/72  3450-5550 HEROS 60%
Mar—May, 1995 2449791 -2449864  27/72  5840-8630 HEROS 1201

Calibration exposures with an internal flatfield lamp and a thorium-argon (ThAr) arc lamp were taken
immediately before and after the exposures of HD 160529. The light of the calibration lamps is fed into
the fiber and follows the same light-path as the light from the observed stars which ensures always the
same illumination of the CCD pixels.

The design of the instrument together with the mechanical separation of the spectrograph from the tele-
scope and the applied observing techniques ensure excellent stability during the night.

3.2.2 Observing Campaigns

The observations were carried out at the ESO 50-cm telescope in four observing periods in 1992 (June to
August) and 1993, 1994 and 1995 (February to June). Numerous observers participated in the long-term
monitoring projects (see Table 4.5 in Kaufer 1996) to collect sufficient data for a spectroscopic variability
study.

A total of 226 spectra were obtained, with each spectrum averaging a S/N ~ 100 around 5500 A. Table 3.2
shows the observational characteristics of the individual runs. The third column gives the wavelength
range that was used for the final averaging of the spectra. The typical exposure time for one observation
was approximately 120 minutes. The given S/N values reflect the quality achieved for a typical spectrum
of the corresponding observing run.

In the first observing run in 1992 we observed HD 160529 twice per night with short (~10 min) and long
(~120 min) exposure times to make sure possible line saturation effects could be corrected for. In all
following periods the star was observed once per night or every other night (weather permitting) with a
typical exposure time of two hours.

3.2.3 Data Reduction

The spectra were reduced semi-automatically with a modified version of the echelle reduction pack-
age available with the ESO-MIDAS image processing system running at the Unix workstations of the
Landessternwarte Heidelberg. The following outline describes the basic steps performed:

e The flatfield and wavelength calibration (ThAr) exposures are checked for possible shifts of the
spectra during the night. If shifts larger than one third of a pixel are found, the night is divided
into two or more sections for which the reductions are performed independently. The observed
shifts during 2 hour exposures are less than 1/10 th of a pixel, reflecting the internal v.,q accuracy
of < 1kms™!.
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e Cosmic rays hits are located and removed and the inter-order background intensity is fitted and
subtracted.

e The wavelength calibration and flatfield correction are done in the two-dimensional pixel-order
frame. Because the optical fiber illuminates the CCD always in the same way the flatfielding
removes the existing echelle ripples with high precision.

e The orders are merged into one continuous spectrum which gets rebinned to heliocentric velocities
and normalized by low-order spline fits through predefined continuum windows.

The accuracy of the wavelength calibration is of the order of 1kms™!; the continuum in well-exposed
parts of the spectrum is generally determined to approximately +1 %. The uncertainty is mainly due to
remaining echelle-ripples after the reduction.

The fully reduced spectra obtained in the years 1992 to 1994 are published in FITS format on CD ROM
(Stahl et al. 1995).

3.3 Selected Diagnostic Spectral Lines

The broad range of our spectra (wavelength coverage: 3450 —8620 A) offers a huge number of spectral
lines to study. Which lines can we select from this set to learn the most about the atmospheric conditions
of HD 1605297

A clear distinction between pure photospheric and pure wind lines is not possible in the case of HD 160529
(and possibly for LBVs in general) because all observed spectral lines show some signs of wind influence
through asymmetry in their profiles (e.g. usually the blue side of an absorption line is flatter and more
extended than the red side).

Nevertheless we can sort the spectral lines according to their depth of origin in the stellar atmosphere
and thus distinguish main contributions of photosphere and wind. In the atmosphere of BA supergiants
strong lines with small excitation potential (y.) emerge generally in higher atmospheric regions than
weak lines with high x. (see Wolf et al. 1974). This leads to the following sequence for HD 160529 in
the radial direction away from the star:

o HelA5876 (y.=20.87¢V)
e Mg M481 (x.=8.83eV)
o Sill A6347 (.=8.09¢V)
e Fell 6248 (y.=3.87¢V)
o Till M468 (x.=1.13¢V)

A more accurate assignment of the location of the line forming regions using the radial velocities of the
observed lines confirms the above sequence except in the case of the iron and titanium lines which ex-
change their order: the mean radial velocities of their absorption lines are ~73kms~! and ~45kms~!
respectively. However, because Fe 11 A6248 has a complicated line profile (P Cygni type with time de-
pendent multiple absorption components), comparing average radial velocities is not appropriate in this
case and does not lead to reliable results. We conjecture that these two line originate at roughly the
same optical depth and do not use them for direct comparisons of depth dependent examinations. Rather
we use TiIT1 A4468 as a temperature indicator of the wind and scrutinize Fe T A6248 for its line-profile
variations.
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The most important diagnostic lines in the spectra of early-type supergiants are usually the Balmer lines
which reach their maximum strength in stellar atmospheres with temperatures of around ~ 10000 K (i.e.
spectral type A). Their line forming region extends over the whole stellar atmosphere with Ha furthest
away and the higher Balmer lines closer to the photosphere (see Balmer progression, Figure 3.2 and
Figure 3.20): in our spectra Ha, HB and H+y exhibit strong P Cygni profiles pointing to the stellar wind
as the dominant influence in their respective line forming regions. The rather symmetric line profiles and
the decreasing radial velocities of the highest observed Balmer lines indicate that they are formed close
to the photosphere.

The continuum around 3650 A was badly determined because only a few spectra with very low the S/N
ratio were available in 1995. Thus the Balmer jump itself could not be used in the analysis.

Because sodium is practically fully singly ionized (i.e. in the state of Na™) in stellar atmospheres of
Te 2, 10000 K, the NaD resonance lines (excited from ground state: x.=0.00eV) give information
about the conditions far out in the stellar envelope where the temperature is low enough to allow for
recombination of these lines. Note that the NaD and Ca K/H resonance lines are also strongly blended
by interstellar lines; however we can separate the stellar contribution by studying the fast varying com-
ponents in their line profiles.

The following sequence can be established through the excitation potential of the different lines, their
“grade of asymmetry” and their respective radial velocities:

Hetr — Mgun — Sin — Tiun/Feun — Hé - Hy - HS — Ha (— NaD)

photosphere — wind (— envelope)

We concentrate our analysis of HD 160529 on the above mentioned spectral lines.

3.4 Spectral Characteristics of the Mean Spectra

In order to improve the S/N ratio we averaged all spectra weighted by their S/N ratio (measured around
5500 A) and merged the different spectral ranges to one continuous mean spectrum ranging from 3450 A
to 8620 A.

For the blue wavelength range from 3450 —4050 A the automatic continuum normalization (spline fitting
in preselected continuum windows; see last data reduction step in section 3.2.3) failed because of the
extremely low S/N ratio of individual spectra and the high number of metallic lines in this area. Also
the Balmer jump contributes to the normalization problem so that we normalized this area completely
interactively for each single spectrum?. An overview of the resulting S/N ratio at different wavelength
positions is given in Table 3.3.

Table 3.3: S/N ratio of mean spectrum at various wavelengths.

A[A] 3500 4000 4100 5500 5600 6700 6800 8600
S/N 10 80 120 330 490 740 1000 240

%We have used the less-interactively reduced UCLES spectrum as a reference for our interactive normalization process (see
chapter 4.3 for UCLES data reduction and appendix A.2 for the UCLES spectrum of HD 160529).
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The chosen wavelengths in Table 3.3 reflect positions where the various spectral ranges were merged.
The S/N values were determined in areas of +25 A around the given wavelengths. Note that the S/N
ratio gets much lower at the blue end. This is mainly due to the poor sensitivity of the spectrograph and
CCD at 3450 —4050 A and the limited amount of spectra available in this spectral range. The given S/N
value is therefore a result of instrumental constraints, the number of averaged spectra and the flux level
of the star itself at the considered wavelength.

General Appearance

In this section we describe the spectral characteristics of the total mean spectrum and the yearly averaged
spectra of the observing runs.

In this context it is important to point out that all spectral lines are highly variable (see section 3.5) and
that even photospheric absorption lines show signs of wind influences through asymmetries in their line
profiles (i.e. their blue wings are more extended and “flatter” than their red sides) and possible pulsations
through radial velocity variations. Averaging the spectra smears out these features so that the resulting
lines can look almost Gaussian while the individual spectra might deviate substantially from a symmetric
profile (see e.g. Sill A6347 in section 3.5.1).

However the general condition of the stellar atmosphere is well described by the averaged spectrum.
Hence to examine the atmospheric conditions of HD 160529 we study the averaged spectrum first and
then try to explain the variations as deviations from this mean state.

We find that the mean spectra of each year look very similar with the exception of the observing run
of 1994. In this observing run the lines with a strong P Cygni profile (i.e. most notably Ha, HG, Hy
and some strong FelI lines) show a distinctly lower emission with a more blue-shifted and shallower
absorption component. Pure absorption lines are practically unaffected which suggests that only the
wind structure has changed in this event. In section 3.7.3 we model the wind lines and discuss possible
scenarios of changing wind structures to explain the observed behavior. Figures 3.1 and 3.2 show the
mean plots of the yearly observing runs together with the total averaged spectrum.

Photospheric Lines

Photospheric lines with small wind influence have only absorption components and are almost symmet-
ric; they have low radial velocities and exhibit rather regular v.,q variations. Good examples are (in
order of increasing radial velocity): He1, MgII and SiIl. Weak iron lines (W, <250 mA) have similar
line profiles, variability patterns and velocities comparable with the He 1 and Mg 11 lines. The Ti I lines
have higher radial velocities and exhibit irregular variations and stronger deviations from the symmetric
profile. Figures 3.1a-f illustrate the conditions of the “mean” photosphere.

Wind Lines

A high degree of wind influence is obvious for all spectral lines with a P Cygni profile. In the spectra of
HD 160529 these are the strong Fe 11 and Balmer lines.

The FeT1 lines, especially those of multiplets 27, 38, 42, 43, 49, 48 and 74, typically exhibit a P Cygni
profile with a weak emission and two absorption components (see Figure 3.1f).

The Balmer lines show the expected pronounced progression toward the systemic velocity for higher
members of the series (see Fig.3.2a and Fig.3.20). Measuring the individual velocities of the higher
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Balmer lines (A <3900 A) did not lead to a systematic trend mainly because the quality of the few spec-
tra from 1995 is not sufficient to derive accurate radial velocity measurements from Gaussian fits and
many Balmer lines are blended by metal lines in this wavelength region. On the other hand we see radial
velocity variations with amplitudes and absolute values similar to the photospheric lines when we mea-

sure isolated lines (e.g. Hi3, Hi4, Hig) which indicate that these higher Balmer lines are predominantly
influenced by the variability mechanisms of the photosphere and not the wind.

The mean spectrum of the Ha line in 1994 exhibits a distinctly different line profile than in the other

observing runs: the emission intensities of the normalized spectra are about 10 —20 % lower and the blue
edge of the absorption component has moved by about —15 to 40 km s,

In Fig. 3.2b we see that Ha shows strong emission wings up to 35 % of the continuum and extending to
~1300—1500kms~!. These wings are (within the error of the continuum determination) not affected

by the event of 1994. The wings are weaker but still visible in HS and are not detectable in the higher
Balmer lines. The origin of the emission wings is discussed in section 3.7.3.
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Figure 3.1: Atmospheric spectral lines in heliocentric velocity scale vs. normalized flux. The vertical and hori-
zontal thin lines represent the adopted systemic velocity (vsys =—17 kms™!) and the normalized continuum. The

solid lines are from the total averaged spectrum, the interrupted lines from the mean spectra of the respective yearly
observing runs: dotted: 1992, short-dashed: 1993, long-dashed: 1994, dot-dashed: 1995.



30 3 Spectroscopic Variability of the LBV HD 160529

Distant Envelope

As mentioned in the previous section we can study the NaT and CaTI lines to get information about the
conditions in the extended envelope of HD 160529. Although the analysis of the NaD and CaK/CaH
lines is hampered by the strong ISM blends, the variable line sections provide information on the stellar
contributions to their line profiles: synthetic models with temperatures around 10000 K do not show
other strong lines in the close vicinity of these lines so that the line profile variations must come from
Nart and CaTl. The line profiles exhibit an emission part and multiple absorption components which are
highly variable from year to year (Figure 3.6, left) and even on time scales of days within one observing
run of the length of a few weeks (Figure 3.6, right).

The possibility of NaD in emission was speculated for P Cyg by Beals (1951) who observed a broad
emission component near NaD 1. Bernat & Lambert (1978) showed this could not be the case because
there was no corresponding emission visible in NaD 2. They proposed C IT and Fe ITT as most probable
contributors to the emission because other lines of these multiplets were also present.

However this is not the case for HD 160529:
NaD 1 and NaD2 show an almost exact agreement in their line profiles. Furthermore the CaK and
CaH resonance lines which are also formed in a region far away from the stellar surface show a similar

normalized flux
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Figure 3.2: Balmer lines in heliocentric velocity scale vs. normalized flux. Same line specification as in Fig. 3.1.
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Figure 3.3: Mean line profiles of the Na1 D and Ca11 K, H, 8498 and 8542 lines. The emission components of
Ca1 H, 8498 and 8542 are suppressed by blends with hydrogen lines. The dotted horizontal and vertical lines
represent the normalized continuum and the systemic velocity of veys =—17kms™?.

velocity structure in their line profiles (see Figure 3.3; note that the emission component of the CaH line
is suppressed by the blend with He). The simultaneous observations of the emission components in NaT
and Ca Tl make a misidentification unlikely.

We have also detected the Ca11 8498 and Ca118542 lines in the spectra of 1995 (observations with
HEROS = extended wavelength region). These lines are not excited from the ground state and thus
have no interstellar contribution. Although they are both slightly blended by the neighboring Paschen
lines P 16 A8502 and P 15 A\8545 a weak emission component is also visible in Cal18542. The third
component of this Ca I triplet at 8662 A is outside our covered wavelength range.

Forbidden Emission Lines

The high signal-to-noise ratio of the mean spectrum (up to 1000) would be sufficient to detect faint
forbidden lines if they existed. Contrary to other LB Vs like P Cygni where flat-topped forbidden lines of
the iron group were found (Stahl et al. 1993), no such lines are visible in the spectrum of HD 160529. The
only nebular line visible is [N 11] A6584 in the broad red wing of Ha (see Figure 3.2b at ~900kms™1).
Other nebular lines like [S 11] or [O 111] were not detected?®.

Unidentified Weak Emission Lines

Motivated by the recent discovery of weak emission lines in the spectra of BA supergiants (Kaufer 1996)
we inspected our spectra for these features.

First we examined the averaged spectrum for weak emission features. A valid detection was assigned to
features where the intensity was significantly above the noise level but less than 0.2 dex above the local
continuum and the emission was clearly not part of a P Cygni profile.

30n images taken with the STScI-coronograph in May 1995 no nebula could be found around HD 160529 (Nota et al.
(private communication)).
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Table 3.4: Weak emission lines for A\ < 7000 A. Given are
the mean values and standard deviations of the averaged spectra
of each yearly observing run (i.e. the year-to-year variations).
Notes: P: P Cygni line profile, E/A: emission/absorption line, K:
feature observed in BA supergiants (Kaufer 1996), b=blended
by nearby absorption line, intensities in averaged spectrum
(measured in relative continuum units): w: weak (< £0.05),
m: medium (0.05 — 0.1), s: strong (0.1 — 0.2).

A Wy FWHM  Notes
[A] [mA] [A]

5119.87 +£0.10 —-15+4 047+0.08 WwE
0132.16 £0.06 —25+£6 047+0.05 WwE
5413.56 £0.06 =359 0.63+0.04 mE
542476 £0.06 —24+4 0.50+0.09 mE,P?
542724 +0.06 —-66+4 0.61+0.05 SsE
5524.55 +0.11 —-18+4 0.65+£0.07 wE
5529.40+0.04 —-58+2 0.63+0.07 SsE,P?
5534.50 £0.06 —34+14 0.48+0.23 mE,P?
9567.20£0.08 —-69+4 0.72+0.02 sE
5586.54 £0.06 —42+£3 0.65+0.06 mE
5657.45+£0.08 —32+5 0.66+0.03 wE
5990.77 £0.08 —-98+9 0.64+0.05 SsE,P
6083.50 £0.06 —-64+1 0.66+0.05 mE,P
6368.73 £0.07 —-23+4 0.71+0.22 wE
6383.16 £0.10 —-18£5 0.55+£0.05 WwE
6384.84 +£0.11 —-25+2 0.69+0.05 WwE
6406.57 £0.13 —-20£1 0.66 £0.07 wE,P?
6432.08 £0.07 —109+16 0.70£0.09 sE,P?
6515.52 +£0.06 —125+19 0.69+0.12 SsE,P?

3.76 kms ! 16 % 13 % mean o
6.09 kms~! 41 % 48 % max. o
2.17kms™ ! 2% 3% min. o

We also checked the positions of the 19 emission features found by Kaufer (1996) in the spectra of BA
supergiants. Most lines could not be detected in our mean spectrum but if a line feature was found at the
expected position it was included in our sample (even when we observed it in absorption rather than in
emission).

With this systematic search we found a total of 48 weak and so far unidentified spectral features (47 in
emission, 1 in absorption) in our mean spectrum. Most weak emission lines were found in the red part of
the optical spectrum but, because the S/N ratio decreases very quickly in the blue wavelength region, it
cannot be excluded that there are more weak emission features existing at A < 5000 A which could not
be detected with our method.

The wavelengths (A) and the full width at half maximum (FWHM) of the resulting spectral features were
determined by fitting Gaussians to the line profiles; the equivalent widths were integrated directly with
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Table 3.5: Weak emission lines for A > 7000 A. Given are the
mean values and standard deviations measured in the observing

run of 1995. Notes: see Table 3.4.

A Wy FWHM  Notes
[A] [mA] [A]

7221.77+0.05 —40+20 0.71+0.24 mE
7307.45 £ 0.06 —41+23 0.64+0.18 mE
7320.10 £0.10 —55+30 0.954+0.40 mE,P?
7448.68 £0.05 —37+15 0.87+0.28 mE,P?
7461.82+0.11 —42+21 0.84+0.53 mE,P
7515.154+0.06 —62+20 0.85+0.15 mE,P,K?
7532.73+0.07 —31+14 0.67+0.23 mE, P?
7711.26 +£0.27 —104+17 1.144+0.99 sE,P?
775499 £0.30 —51+15 1.08+0.52 WwE,K
7780.01 + 0.38 +94+10 0.98+1.48 wA,K
7788.67 +£0.11 —27+12 1.01+1.03 wE,K
7800.51 +£0.24 —12+17 0.69+0.68 WE
7817.194+0.22 —16+12 0.74+0.51 wE
7840.70 + 0.21 —8+7 0.68 £0.62 WwE
784279 £0.20 —15+9 0.99+0.95 wE
7848.52+0.29 —64+27 251+198 WwE,K?
7851.29 £0.15 —14+38 0.79+0.84 WwE, K?
7865.79+£0.11 —29+10 1.05+0.36 WwE
8068.86 £0.28 —26+13 1.36+1.57 WwE
8073.76 £0.30 —44+18 1.05+0.47 wE,P?
8100.78 £0.09 —63+20 1.40+0.75 mE,K?
8109.75+0.11 —24+15 0.82+0.98 wE,P?
8450.29 + 0.08 —128+38 1.16 +0.37 sE, K?
8485.51 £0.20 —24+16 0.91+0.82 wE
8489.60 £0.23 —14+15 0.76 +£0.67 WwE, P?,K?
8515.16 £0.17 —58+56 1.02+0.56 mE,b
8521.71 £0.27 —14+8 0.45+0.36 WwE, P?
8582.06 £0.14 —47+24 1.184+0.54 WwE,P?

6.54kms™! 58 % 69 % mean o

14.66 kms~! 139 % 151 % max. o
2.01kms™! 30 % 32 % min. o

the local continuum set interactively.

The mean values of the measured wavelengths (X), equivalent widths (W, < 0 : emission, Wy >
0 : absorption) and the FW HM are listed in tables 3.4 and 3.5. The average standard deviation of
each column is given at the bottom of the tables. For a better relative representation we transformed the
wavelengths into velocities and gave the other values as percentages.

The given +-ranges are the standard deviations (1 o) of the corresponding year-to-year (y-y) variations
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Figure 3.4: Dynamical spectrum (see
section 3.5.1 for explanations) of tel-
luric absorption lines (A-band) and the
weak emission feature at 7711 A. The
line drift due to the movement of the
Earth is clearly visible in our helio-
centric spectra. The slightly differ-
ent strength of the telluric lines is due
to changing observing conditions (e.g.
passing clouds, different air masses,
...). The very stable absorption feature

E"N FTCO TTLO at 7699 A is probably an interstellar K 1
Wavelength [A1 line

JO-2400000, 5

(i.e. the o values of the variations of the yearly mean spectra) in Table 3.4.

For wavelengths greater than 7000 A we had only the observations of one year (i.e. 1995). The corre-
sponding listed mean and sigma values of A\, W and FW HM are measured from this observing cycle
only and represent the day-to-day (d-d) variations. The o values can be used as an estimate of the de-
gree of the line variability: by comparing the standard deviations of the values for A < 7000 A and
A > 7000 A we see that the year-to-year variations are rather modest whereas the variability during an
observing cycle can peak at rather high values, especially in W and FW H M (see also section 3.5.2 for
a quantification of the amplitudes of spectral variability). The wavelength variations of the y-y variations
are generally less than 6 kms~! while the d-d variations peak at ~14.7 kms~!, which is comparable to
the weak emission features in BA supergiants which have a sigma of typically ~5kms ™! with a maxi-
mum of ~12kms~! at 8101 A (Kaufer 1996). These values are similar to the v;,q variations found in
some photospheric and wind lines of HD 160529 (see section 3.5.1).

An examination of the time series of the individual spectra revealed that most weak emission lines show
some degree of line profile variability and sometimes even a distinct P Cygni line profile with a weak
absorption component. By averaging the spectra these absorptions got “smeared out” and/or “filled in”
by the local variations so that they are not visible in the averaged spectrum. None of the features show
the same run of time with the telluric lines which excludes a terrestrial origin (see Figure 3.4).

This result confirms the existence of weak emission features found by Kaufer (1996) in LBV spectra;
however in contrast to the non-variable features in the BA supergiant spectra we can see line profile
variations of these features that are similar to observed photospheric and wind lines.

We concur with Kaufer (1996) that a detailed examination of these features is desirable to identify their
origin and judge their diagnostic values. However, this is a topic for studies in atomic physics and the
required research is beyond the scope of this thesis.
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3.5 Time-Series Analysis (TSA)

In this section we used the following methods to visualize, quantify, analyze and discuss the observed
line-profile variations (LPVs):

e two-dimensional dynamical spectra and their corresponding quotient and difference spectra were
created to mark the location of the variability and visualize the time dependence (for the quo-
tient / difference spectra each spectrum was divided / subtracted by the mean spectrum of the re-
spective observing run; see Figures 3.7 — 3.12 and Figure 3.5, middle),

e temporal variance spectra (TVS) were used to quantify the amplitude of the observed line varia-
tions (see Figure 3.13). TVS essentially reflect the variances of the intensities for the considered
wavelength bin (for details on TVS see Kaufer et al. 1996),

o radial velocities (v;nq), relative intensities (I) and Full-Width-Half-Maxima (FW H M) of all com-
ponents of the studied spectral lines were determined by multiple Gaussian fits (the Gaussian fits
of the emission and absorption components were executed separately) while the equivalent widths
(W) were derived by integrating directly over the whole line profiles. The resulting data sets were
used to correlate various parameters and spectral lines originating in different atmospheric regions,

e the above measured v;,q and W) curves were then used together with the available photometric
data in Fourier analyses (i.e. periodograms and power spectra applying the CLEAN-algorithm) to
determine the predominant time scales.

3.5.1 Line-Profile Variations (LPVs)
Dynamical Spectra and Variation Patterns

Simple overplots of spectra and overplots of spectra with a mean spectrum divided or subtracted can
mark the location of line variations very well (see e.g. Figure 3.5) but to keep the information about
the time development of the LPVs a two-dimensional representation of the spectra is needed. For this
purpose we use the form of dynamical spectra developed by Kaufer et al. (1996, 1997 b): the grey scale or
color images visualize the time development in the velocity space of the respective lines. The dynamical
spectrum is left with a black line if there are more than three time steps between observations and is
otherwise interpolated with splines to account for the uneven time sampling. The spectra are overplotted
in the wavelength space on top of the image to show the exact intensity variations. The indicated grey or
color scale on the right ordinate can be used as a look-up table for intensities of the dynamical spectrum.

In Figures 3.7 to 3.12 we show the dynamical spectra and dynamical quotient spectra (not corrected for
the systemic velocity) of a representative sample of our diagnostic spectral lines. Note the different
lengths of the various observing runs, namely: 1992: 55days, 1993: 101 days, 1994: 129 days, 1995:
72 days.

Studying the dynamical spectra we see that the photospheric lines (e.g. He 1 A\b876) show LPVs on their
whole profile while lines that are dominated by the stellar wind (Fe 11 A6248 Ha) have a fairly constant
blue edge. The SiII A6347 lines show a mix of both extremes: in 1992 mostly their red wing was variable
and we could in fact apply double Gaussian fits to their line profiles showing a basically constant blue
component with an overlying variable (in v;,q and I') red component (see Figure 3.5). In 1993 — 1995 we
can then see both sides of the line varying. Note that in 1992 the observing run was only about half as
long as in the subsequent years so that we probably did not cover the whole variation cycle at that time.
The variation patterns of the Mg 11 A4481 lines are very similar to those of the Si 1l A6347 lines.
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Figure 3.5: Left: overplot of spectra from 1992 observing run around Si 11 A6347 lines and their mean spectrum
shifted by +0.02 dex on the y-axis. Middle: overplot of spectra from 1992 observing run around Si Il A6347 lines
with their mean spectrum subtracted (= difference spectra). Right: double Gaussian fits of one particular Si 11 A\6347
line with constant blue and variable red component.

The corresponding quotient spectra show that the variations occur predominantly at about ~ 0 km s~* and
—60kms~! at all lines. They have the form of quickly appearing and disappearing pseudo-absorptions
and pseudo-emissions that are rather symmetric about the systemic velocity with mostly constant ra-
dial velocity. The variation patterns exhibit strong cyclical behavior with time scales around ~40 and
~80days. A few times we also see cyclical prograde and retrograde moving features (see Figure 3.9 and
Figure 3.26, left). In the wind and envelope lines (i.e. Fe 11 A6248, Hy, HG Ha, NaD) we can see addi-
tional non-cyclical blue-shifted intensity-variable but stationary features. Progressing features that move
through the whole line profile to the blue edge of the wind profiles at about —170 kms~! have not been
detected at any line (neither studying individual observing runs nor tracing the whole observing period).
The only possible slowly outward moving non-cyclical features are found around the blue-shifted Na D
absorption components: e.g. in 1993 the strongest of these weak features appears to move from about
—80kms~! to-85kms~! in ~90 days (Figure 3.12) — and even in this case it seems likely that intensity-
variable stationary features cause the apparent “moving” effect. Although no progressing features were
found over the full observing cycle it is possible that they occur at other times: e.g. the stellar wind
might have previously swept up density enhancements or perhaps shell ejections occurred which could
produce the observed multi-component absorption line profiles.

The Fe I1 A6248 lines probably show the most complex line profiles and variation patterns with multiple,
variable absorption and emission components. In 1992 we can see four distinct variation features at
around vy,q ~—-95, 65, =30 and Okm s~!. Again the features appear to vary quickly in their intensity
and switch from pseudo-absorption to pseudo-emission while their radial velocity remains constant. The
blue edge of the Fe I1 A\6248 line with a maximum velocity of about —145kms ! is never variable. In
1993 — 1995 the Fe 11 A6248 quotient spectra look similar to the Sill A6347 variation patterns with only
two or three distinct variation features that move slightly in a prograde direction (see Figure 3.9).

The He profiles do not show significant radial velocity variations during a given observing epoch (typical
Upaq variations are less than ~2kms™'). However we note again that the absorption components of
the Ho—P Cygni profiles in 1994 have higher velocities (about 15—40kms ') than during the other
observing runs. The main He line variations during an individual observing cycle occur in the relative
intensity of the emission component which can vary by 10—20 % on a time scale of a 3—4 weeks (see
Figures 3.11 and Figure 3.33, top/left). Apart from the emission component the strong variation patterns
seen in the dynamical quotient spectra of Ha are not real. They occur because of the strong gradient
of the PCygni profiles at those positions (e.g. in particular the strongest emission components of the
Balmer lines and the saturated absorption lines of Ha, HB and Na D) where even minor inaccuracies in
the normalization and wavelength determination in the data reduction steps produce large differences in
the quotient spectra.
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Figure 3.6: Top/Left: year-to-year variability of NaD lines. Marked are the blue edge and the maxima in the line
profile of the mean spectrum of all observations. Top/Right: overplot of spectra from 1994 observing run around
NaD lines and their mean spectrum shifted in y by +0.02 dex. Bottom: reproduced plots of Sterken et al. (1991)
with observations taken in 1986 (left) and Wolf et al. (1974) with observations taken in 1973 (right).

The quotient spectra of the Na D lines suffer from the same gradient problem as the Ha lines so we dis-
miss the two strongest variation features around the saturated interstellar absorption component although
there might be some stellar contribution to their LPVs as well. Instead we focus on the weaker variation
pattern around v,,q ~—70 to —130km s~!. Note that the observed Ca I lines show very similar line pro-
files and variation patterns to the NaD spectra and our discussion of the Na D lines applies for the Ca11
as well. In the right plot of Figure 3.6 we show an overplot of the NaD spectra from 1994 which exhibit
the strongest variations during a given observing run. Studying the line-profile variations of individual
observing runs we see that particularly the absorption component around —70 kms ™! is strongly variable
in Ca11 and NaT whereas the absorption component around —100 km s~! and the emission component at
about +35km s~ ! remain fairly constant. The LPVs around —100kms~! in the year-to-year variations
plot of Figure 3.6 (left) are thus only blending effects from the dominant —~70 kms~! variability. Com-
paring the NaD lines with spectra taken by Sterken et al. (1991) and Wolf et al. (1974) we can see that
the Na D line profiles are strongly variable on a time scale of years to decades: in Sterken’s observations
of 1986 the absorption components are quite different from our measurements while in Wolf’s spectra of
1973 the emission component is different (i.e. missing) as well.
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3.5.2 Temporal-Variance Spectra (TVS)

Fullerton (1990) developed in his dissertation the method of temporal-variance spectra (TVS) to local-
ize and quantify the amplitudes of line-profile variations by comparing the LPVs with the surrounding
continuum:

o\ 2
— g2 1 N S5
(TVS)Z =0y N—1 Z]:l (%‘c\/ﬁ)
where S;; is the normalized intensity of pixel 4 in spectrum j, S; the weighted mean of the normalized
intensity, o, the inverse of the S/N of spectrum j measured in a continuum band, and oy the inverse of
the rms S/N of the time series.

In simple terms this calculation produces a one-dimensional “spectrum” of the distribution of the LPV
across the line profile. A detailed description of the method can be found in Fullerton et al. (1996). For
our data set we used the adapted form of the TVS analysis for CCD spectra from Kaufer (1996).

Because (TVS)!/2 is linearly proportional to the amplitude of the variability we plotted this quantity in
percent versus the rest velocity of the corresponding spectral line. Due to the statistical approach we can
derive a level of significance for the probability of a variation. In our plots the level of significance for a
95% probability is at approximately 1 % (TVS)'/2 for all lines and observing periods.

In Figure 3.13 we show the temporal-variance spectra of the individual observing periods for some diag-
nostic spectral lines. The correlation between the intensity variations of the dynamical quotient spectra
and the corresponding TVS is clearly visible. However the temporal-variance spectra now allow precise
measurements (e.g. positions and intensities) of the previously described line profile variations:

the photospheric lines always show a double-peaked TVS profile that is quite symmetric about the sys-
temic velocity (around vgys£20—-40km s™1). The separation of the peaks from wvgys is increasing with
increasing radial velocity of the lines (e.g. in 1992 the peaks of the He 1 A5876 line are at vgys+£25 km s~
while they are at vsys+40km s~ for the SiT1 A6347 line). The wind lines have two additional blue-
shifted peaks (around vgys—70 km s~! and Vsys—130 km s~1) that are weaker than the vgys-centered ones.
Note that the Ho peaks close to vgys are mainly due to the steep line gradients and spectral normalization
and are not reliable (see previous discussion of this effect for quotient spectra). This artifact to a lesser
extent also exists in the blue-shifted peaks which is where we see the saturated absorption in Ha and
Hp. However the peaks also exist at the H-y and Fe 11 A6248 lines where the artifact should be negligible.
In 1994 the Fe IT A6248 line has as an additional strong component at v,,q =—200kms~! that is not vis-
ible at the other spectral lines. The envelope lines (i.e. Na D) show again the unreliable extreme double
peaks close to gy but also have one to three weak and variable components around v,,q =—80, —100 and
~130kms™L.

The double-peaked structure of the photospheric TVS lines is very similar to those found for BA super-
giants by Kaufer et al. (1997 b). The authors explain these profiles by radial and non-radial pulsations:
radial pulsation modes contribute only to the line wings while non-radial modes give the main contribu-
tion at the line cores due to traveling bumps crossing the complete profile. We examine this theory in
section 3.6.3 by trying to model our observed photospheric LPVs with a simple pulsational code.

The far blue-shifted TVS peaks of the wind and envelope lines however are not easily explained by
pulsational mechanisms. Even if we exclude all blue-shifted lines that might be contaminated by the
above mentioned artifact the observed slowly moving features at the blue side of the sodium lines are
definitely real. As these blue components do not have a red counterpart we can also exclude axially
symmetric outflow structures (e.g. rotational modulation of wind lines and corotating magnetic fields
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Figure 3.13: TVS of some selected lines. Solid lines: 1992, dotted lines: 1993, short-dashed lines: 1994, long-
dashed lines: 1995. The peak at +100kms~1! in the He 1A5876 line of 1993 is due to a bad pixel row crossing the
corresponding echelle order on the CCD. Note the different scaling of the ordinates. The level of significance for a
95% probability is approximately 1 % (TVS)!/2 for all lines and observing periods. The thin vertical line indicates
the systemic velocity (vsys =—17kms™1).

have been found in BA supergiants by Kaufer et al. 1996). One explanation might be that these peaks
arise from slowly outward moving density enhancements in the wind. They might have been caused by
previous eruptions through shell ejections or by wind interactions with the ambient medium moving at
different speeds and thus sweeping up slowly outward moving shells.

.3 Equivalent Width (W)), Radial Velocity (v.,q) and Photometric Variations

Individual examinations of the huge number of obtained spectra would be subjective and very time-
consuming. Thus we used automatic procedures to objectively measure the equivalent widths (W),
radial velocities (v;,q) and intensities (I) of the spectral lines. Gaussian fits were used to derive the v;,q,
I and FW H M values with the start and end values of the Gaussian usually set to about +1—2 A around
the previously measured position of the line in the mean spectrum. A x? value was assigned to each data
point so that extreme values could be easily identified and removed from further analyses if necessary
(e.g. when the line was crossed by a cosmic ray). The W), values were measured by integrating the line
directly (with limits set to similar values as above).

This method generally leads to good results as long as the lines are not blended or distorted (e.g. by
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Table 3.6: Mean values from TSA (sorted by spectral lines with increasing
wind influence, i.e. increasing v;oq values). Given are the mean values and
standard deviations for the individual observing runs. EM: emission compo-
nent (W, < 0), AB: absorption component (Wy > 0), —: feature not found.
The equivalent width was derived by intergrating over the whole profile; for
lines with P Cygni profile the dominant component determines the sign of W.

spectral line  year Wi Urad (AB) Urad (EM)
[mA] [kms~"] [kms="]
He1A4471 1992  +113 + 42 —-14.3+ 12.0 —
1993 +91 £+ 57 —14.1+ 14.7 —
1994  +103 £ 27 —18.3+ 6.9 —
1995 +126 + 56 —20.1+ 32.8 —
HerA5876 1992  +270+ 30 —21.2+ 6.6 —
1993 +246 + 77 —-23.5+ 5.0 -
1994 +226 £+ 23 -241+ 41 —
1995 +237 + 22 —24.2+ 5.3 —
MgIA4481 1992 4758+ 82  —31.1+46 -
1993 +720+ 88  —33.1+ 5.2 -
1994 4692+ 46  —35.2+ 5.1 -
1995 4772+ 63  —26.2+ 22 -
SimmA6347 1992 4946 + 73 371+ 46 —
1993 4879+ 101 385+ 34 —
1994 +840 £+ 35 410+ 4.7 —
1995 4861 + 50 -324+ 1.8 —
Tilr 468 1992  +194 + 76 —-52.94 13.5 —
1993  +207+ 90 —49.8 + 104 -
1994  +181 + 57 —44.4 + 10.3 —
1995  +114+ 55  —304+ 5.0 -
Fe11 6248 1992 +280 £+ 39 —748 £ 34 +24.6 + 20.9
1993 +221 £+ 67 —-753+£ 5.3 +17.0+ 17.5
1994  +139 + 58 —-76.5+ 126 +11.0+ 16.0
1995 +132 4+ 46 —-60.3+£ 116 +33.1+ 12.6
Ho 1992 +1028 + 143  —74.1+ 19.4 -
1993 4870+ 184 —-73.5+ 8.3 —
1994 +837 + 98 -716+ 44 —
1995  +833+ 142 —588+ 4.1 -
H~y 1992 4742 £+ 96 —86.2+ 4 +59+ 6.7
1993 +554+ 107 —86.3+4 +1.3+ 8.1
1994 4471+ 89 -90.2+ 5.9 +4.0 £ 8.0
1995  +458 £ 59 725+ 4.0 +6.0 £ 5.0
Hp 1992 +161 £+ 148 —983+ 1.9 +4.6+ 1.5
1993 —463 + 149 —976+£ 1.5 +1.8+ 1.7
1994 +60 £ 150 —108.5+ 1.9 +26+ 1.3
1995 +284 £+ 169 —-940+ 29 +4.4+ 1.8
Ho 1992 —8076 + 378 —116.0+ 0.8 +4.2+ 0.9
1993 —8488+ 481 —11414+09  +3.6+ 1.0
1994 —6822+ 404 —130.8+ 2.0 +2.8+ 1.1
1995 —8596+ 707 —119.4+ 0.9 +6.9+ 0.9
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cosmic rays or CCD defects) and the S/N ratio is above ~30. The left plot of Figure 3.15 shows a typical
result from the Gaussian fits. The error bars of the data points are derived from the fits. W in this plot is
derived by multiplying I and F'W H M so that the error bars are retained. Because of the good Gaussian
fits of the He 1 A5876 lines this measure of W), traces the directly integrated W very closely but can
substantially deviate for other lines (e.g. at regions with low S/N ratios).

The photometric data (uvby) were obtained at ESO in the framework of the “Long-Term Photometry of
Variables” (LTPV) project which was initiated more than a decade ago (Sterken 1983). In Figure 3.14 we
show the complete available photometric history of HD 160529 (courtesy of Dr. C. Sterken). Unfortu-
nately only during 1992 between JD-2448795 and JD-2448848 (and on one day at JD-2449079 in 1993)
are simultaneous spectroscopic and photometric observations available so that long-term (i.e. multi-year)
correlations between LPVs and uvby data cannot be performed. Thus we concentrate on the observing
run of 1992 in the discussion of correlations and photometric data.

The spectroscopic data curves reveal that all examined parameters (vyaq, Wy, FW HM, I) are variable:
Table 3.6 shows the mean values and standard deviations of each observing run. Looking at the values of
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Figure 3.15: Left: Spectroscopic variability of He 1 A5876 line in 1992 (W =FW HM x I). Right: Comparison
of photometric and spectroscopic variability in 1992 (W, =directly integrated and normalized by subtracting its
mean value).

the well fitting line components* we can see three trends:

e the absolute radial velocities variations decrease from the photosphere (He 1 A5876, Mg 11 A\4481,
Si1rA6347) to the wind (Hvy, HSE, Ha),

e the absolute and relative equivalent width variations increase from photospheric to wind lines
(note that for the wind lines with strong P Cygni profiles the dominating components of the W,
variations are the emission parts of the line),

e the equivalent width variations of the wind lines are predominantly caused by variations of the line
intensities while photospheric lines have about equal contributions of FW HM and I to W.

The next step after looking for general trends is to search for correlations between the various parameters
that reflect the the physical conditions at different regions in the stellar atmosphere.

Traditionally the photometric data has been used to derive temperatures. For blue stars ¢1 = (u — v) —
(v — b) or the dereddened ¢0 and b — y are good temperature indicators: when cl or b — y become
more positive, the temperature decreases. In 1992 the c1 values of HD 160529 vary by < 0.045 dex while
the b — y values vary by <0.01 dex. However the curves are not correlated: it looks like b — y varies
randomly around a constant value of 0.946 while the cl curve shows a behavior that is similar to the

4He1M4471 and TiII \4468 are in regions with low S/N and Fe1r \6248 and H§ exhibit both photospheric and wind
influences that are not easily separable. Thus these lines are not included in this particular analysis.
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Figure 3.16: Normalized variations of y (dash-dotted), ¢ (dotted), W (Hea) (short dashed), I(Ha) (long dashed)
and vpaq(He 1 A5876) (solid). Left: 1992. Right: 1993.

observed LPVs (i.e. quasi-periodic variations with time scales of weeks to months).

We ascribe this discrepancy to the P Cygni lines with strong emission components that fall into the pho-
tometric bands: the v-band around 4100 A includes the Hé and probably the Hey line while the b-band
around 4700 A is definitely influenced by the H/ line and its extended electron scattering wings. Addi-
tionally the v band covers the Balmer jump region so that the only photometric parameter without hydro-
gen line influence is the b-band around 5500 A. For HD 160529 the y behavior mirrors the c1 variations
very closely but with much larger values: e.g. in 1992 y varied between 6.72 —6.82 mag (dy = 0.1 mag).

Turning to our spectroscopic data set we find that for HD 160529 the Ti11 A4468 line is very tempera-
ture sensitive: comparing the observed Ti1r A4468 LLPVs with calculated synthetic models we find the
temperature varying from approximately 10000 K to 11 500 K (see Figure 3.25 in section 3.6.2). To get
information about the connection of photospheric and wind conditions we study the vy,q curve of the
He 1 A5876 line and the W), curve of Ha: if we assume that pulsations are responsible for the variations
in the stellar atmosphere we can see their effect directly on the photospheric lines as radial velocity shifts
and LPVs while the optically thick wind lines would reflect changes predominantly as equivalent width
variations.

The easiest way to display correlations is to overplot the data points using the observing time as common
abscissa. In the right plot of Figure 3.15 we show the data curves for 7, the normalized® equivalent width
values of Till A4468 and He, the relative intensity variations of the Ha emission component and the
radial velocity curve of He 1 A5876. A connection between these parameters is obvious:

as the equivalent width of TiIl A4468 decreases, the star gets brighter (y decreases), W and I of Ho
decrease and the radial velocity of He 1 A\b876 increases. The W), and I curves of Ha show an almost
identical behavior. The W) (Ti1r A4468) curve peaks (i.e. has a minimum) around JD-2448815 while
y and the Ha parameters reach their peak value around JD-2448820. The v.,q (He T A5876) curve does
not have a sharp peak but has its inflection point around JD-2448820 (assuming a sinusoidal curve).
Note that the equivalent width measurements of the Ti 11 A4468 lines have relatively large errors as the
spectra in this blue region are already rather noisy. All other data points have very small error bars.
Around their respective peaks the curves show a rather wide plateau of about 5— 10 days. The described

5The normalized curves are obtained by subtracting the mean value of the respective parameter. The mean values can be
found in Table 3.6. Note that the mean W value of Ha for 1992 is ~-8076 mA; adding this to the W (Ha) curve shows that
the absolute W values of Ha are always negative.
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behavior is even more readily discerned in Figure 3.16 where we have normalized the data curves by
dividing the parameters by their mean values and fitting a spline function through those data points. The
normalization and splining of the data smoothed the curves and decreased the plateau sizes. We have not
plotted the W (Ti 11 A4468) curve in this figure because the large scatter of the original Ti 11 A4468 data
points (caused by the low S/N and consequently bad W) measurements) do not produce a reliable curve
with this method.

Even considering the uncertainties and the curve shapes with their wide plateaus we can see certain
time shifts between the data curves and differences in the curve shapes indicating that there might be
additional mechanisms at work.

Using the W), (Ti 11 A4468) curve as temperature indicator we can see that when the temperature increases
(W (Tim1 A4468) decreases) the star gets brighter (y and ¢l decrease) so that these photometric values
might be used as temperature indicator after all (e.g. when no appropriate spectroscopic data is available).
At about the same time the relative intensity and equivalent width of the Ha emission decreases (note:
we have already seen that the W) values of Ha are determined by the emission strength), however
these parameters reach their peaks a few days after the Ti 11 A4468 curve. This could be explained by
an increase of continuum flux provoked by the temperature increase. If the Ha line profile itself did
not change, the normalization of the data (i.e. division of spectra by continuum in data reduction steps)
decreases the emission strength of the P Cygni line simultaneously to the temperature increase. The time
lag of the wind variations might have been caused by mechanisms that require some travel time to affect
the wind line regions (e.g. density changes that might have been triggered by radius variations).

The sinusoidal v,q curve of He1 A5876 is consistent with radial and/or non-radial pulsations at the
stellar surface which could trigger the observed atmospheric temperature variations and might also cause
density variations in the wind that could account for the diverse time scales and curve shapes (for a
discussion on pulsations see sections 2.3, 3.6.3 and 3.8).

3.5.4 Period Analysis

In the previous section we have seen that the LPVs clearly show cyclical variation patterns; however,
they cannot be described with a single, simple sinusoidal function. To get an estimate of the predominant
time scales and pseudo-periods we need to apply more sophisticated Fourier analysis methods.

In the following analysis we consider the v.,q and W) curves of the spectral lines and the photometric
values as separate data sets and compare the individual results.

The Lomb-Scargle statistics (Lomb 1976, Scargle 1982) were used to calculate periodograms and power
spectra. These methods are optimized for a non-equidistant sampling of data points and are thus ideally
suited to model our data. Because the resulting spectra have a known x2(2) probability distribution, we
can assign them levels of significance (LOS). In our period analyses we have rejected the peaks below a
LOS of 99.5 %.

To examine our data sets for periodic signals we have normalized the corresponding values by subtracting
their respective mean values and applied the iterative CLEAN algorithm implemented in the MIDAS TSA
context (Schwarzenberg-Czerny 1993).

We tested a subsample of data sets with and without prewhitening (i.e. the removal of periods of the
length of the data set) in the period search and received similar qualitative results. However because
prewhitening affects the quality of the analysis (especially for long time series, see LTPV analysis) we
have not used it in our final CLEAN schemes.
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Table 3.7: Periodicities from CLEAN analysis. The time spans of the data
sets are: spectroscopy: JD-2448795 —-JD-2449864, photometry: JD-2445442 — JD-
2449592. Ab/Em: Absorption/Emission, no notation: absorption component.

Data Set Period (relative Power = Power/ max. Power)
photometry  dy 126.7 (1.000),  53.5(0.308).
Y 105.8 (1.000), 152.2(0.632), 87.0 (0.484),  80.5(0.155),
45.8 (0.135), 135.9 (0.107).
cl 238.0 (1.000),  70.3 (0.250), 100.5(0.158), 116.1 (0.150).
He1\5876 Urad 92.7 (1.000),  83.6(0.406), 46.4 (0.197).
Wi 91.6 (1.000),  29.4 (0.330).
MgI1 M\481  vpaq 93.5 (1.000),  61.1(0.128).
Wi 92.6 (1.000).
SitA6347 Vrad 93.5 (1.000),  61.7 (0.230).
Wi 92.0 (1.000), 116.0 (0.289).
Ti 11 A4468 Vrad 101.3 (1.000),  51.7 (0.752).
Wi 90.7 (1.000),  53.3 (0.346), 34.1 (0.234).

Fell\6248  Abl-v,aq 92.6(1.000),  83.5(0.875), 28.2(0.632),  10.4(0.244).
Ab2-vrq  114.9(1.000),  76.1(0.211).

Em-vpaq 94.1 (1.000).
Wi 86.5(1.000), 75.8(0.794),  33.6(0.484),  54.6(0.254),
26.3(0.189),  51.5(0.161).
Ho Vrad 86.8 (1.000),  96.1 (0.836).
Wy 17.2(1.000),  12.1(0.559),  67.0 (0.438).
Hey EM-traq 126.0 (1.000),  51.2(0.290),  69.5 (0.283).
HB EM-vraq 67.6 (1.000),  44.2(0.426), 59.5(0.232),  60.4 (0.174),
40.5 (0.134).
Wy 127.2(1.000),  45.3(0.364), 64.1(0.180), 69.8 (0.117).
Ha EM-0raq 37.9(1.000), 20.4(0.888), 13.3(0.862), 17.8(0.861),
4.2 (0.799).
Wi 114.2(1.000),  45.1(0.460),  36.4(0.269),  63.3 (0.143).

The following steps are applied in this algorithm:

e calculate the level of significance for 99.5 % confidence (i.e. 3 o probability that the detected period
is significant),

e compute the power spectrum and Scargle periodogram,

e fit a sine/cosine function to the power spectrum using the frequency of the strongest peak in the
periodogram,

e subtract the Fourier model from the data set and recalculate the power spectrum and periodogram
for the residual,

e repeat the above steps until no more peaks are found above the LOS.

Applied on the data sets of an individual yearly observing run this algorithm produces only a few peri-
ods with rather low power. As the typical length of a variation cycle is of the order of the time of an
observing run these results are rather unreliable. We have thus merged the corresponding data sets into
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one combined table and used them for the following analysis.

The quantitative results of the Fourier analyses of the LPVs and some photometric parameters are shown
in Table 3.7. The periods found are sorted by their relative power: we assign unity to the strongest peak
in the power spectrum and normalize subsequent peaks according to this maximum value (i.e. relative
power = power / maximum power). Listed are the periods with relative power greater than 0.1 and level
of significance greater than 99.5 %. Note that the analyses often yield 2 —5 additional periods with rather
small power (i.e. under the arbitrary 0.1 threshold that we set). The periods are measured by fitting
Gaussians to the peaks in the power spectra. Periods with unrealistic fit values (e.g. standard deviation
errors in the fit of the power peak greater than 1.0 dex) are not included even if their power was above
the LOS threshold.

We included the differential magnitude measurements (dy) from the photometric data set in Table 3.7 to
enable a direct comparison of our measurements with the photometric variability analyses of Sterken et
al. (1991): those authors used some filtering techniques to remove certain trends and uniques events (e.g.
a jump in the photometric data around JD-2446500) before applying the Fourier analysis which resulted
in a strong period of 57 days and another possible period of about 101 days. We can see that our method
(no filtering) achieves comparable results with periods of ~127 days and ~52 days, which strengthens
our confidence in the results achieved for the spectroscopic data sets.

The extreme values of ~4 —20 days and the periods in the range of ~50 —70 days have rather small power
values (relative as well as absolute) and mostly higher fit errors than the dominant periods so we discard
them in the subsequent discussion. Note that, although our whole observing cycle covers 1069 days
(JD-2448795 —JD-2449864), we did not find the main c1 period of 238 days in our spectroscopic data
so that we conclude that this value is probably not real: as we have previously discussed the c1 mea-
surements are strongly affected by various Balmer lines and we suspect that this also causes the period
analysis on cl to be unreliable.

We can see that the dominant photospheric pulsation time scales are confined to a very narrow range
of 92.5+1days (for both the v.5q and the W, values). Note that the v;,q data of He1 A5876 has a
secondary period (46.4 days) that is almost exactly half the dominating period (92.7 days) but that such
close “integer-relations” are not found in other data sets. This might indicate the existence of beating
mechanisms that only show up in the deepest photospheric regions and get quickly disturbed by wind
influences. For the wind dominated lines the W analyses of Ha and HS yield periods of ~114 days and
~127 days, somewhat longer than the photospheric time scales. We note that the absolute power of the
equivalent width power spectra decreases strongly from Ha to HB (by a factor ~14) and is negligible for
H~. For the lines that originate in the regions that are influenced by the wind as well as the photosphere
we find very small absolute values for the power spectra and sometimes (as in the case of Wy (Hvy)) we
cannot find any significant period at all. This indicates for that the resulting periods are most reliable for
lines originating in one dominating region (i.e. either photosphere or wind).

In summary we find that the predominant time scales of the photometric and spectroscopic variabilities
are within a similar range around 92127 days. Whereas the photospheric periods are very closely
defined (92.5+1 days), the wind lines show a larger spread of time scales (about 114 —127 days). The
larger periods and time scale range found for the winds lines are consistent with the previous argument
that pulsations might cause temperature variations which would be immediately visible in all spectral
lines through the changing continuum flux and that wind lines could be additionally influenced by density
variations in the outer atmosphere that can also be triggered by the pulsations but do not affect the
photospheric spectral lines.
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Figure 3.17: Results of the period analyses of the v,54 (He 1 \5876) curve using the CLEAN method. Top: power
spectra, solid: original data, dots: after first iteration, dashes: after second iteration. Bottom: crosses: normalized
Urad curve, squares: Fourier model using the three dominant periods.

In order to test the above results and check the importance of the time scales besides the main periods
we recreated the respective data curves using the results from the Fourier analyses. We found that the
dominating periods already restored the basic trends and overall shapes of the curves and that including
the minor periods closely reassembled the complete data curves. Figure3.17 (top) shows the power
spectra corresponding to the three main periodograms found in the CLEAN analyses of the vy,q curve
from the He 1 A5876 line. The discovery and removal of the respective strongest frequency peaks and
the successively decreasing power are clearly visible. In Fig. 3.17 (bottom) we show the normalized vy4q
curve in crosses and overplot in squares the reconstructed sine/cosine function using the three periods of
92.7, 83.6 and 46.4 days. We can see that the reconstructed v;,q curve fits the observations very well.

3.6 Photospheric Models

As mentioned in chapter 2 the synthetic modeling of LBV spectra is a challenging task even for state-
of-the-art numerical codes on current high-speed computers. No current program includes all possible
effects in LBV atmospheres (e.g. NLTE, expanding atmosphere, electron scattering, pulsation, rotation,
magnetic fields, ...). It is thus necessary to assess the influence of the specific parameters and select a
particular code to optimally model the spectroscopic region of interest.
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Figure 3.18: Numerical instability
8000 000 10000 11000 12000 limits of ATLAS6 (from Table4 of
Toe [K] Sterken et al., 1991) and TLUSTY 194.

Furthermore, due to the close vicinity of LBVs to their respective Eddington limits, a good convergence
of the synthetic atmospheres can pose a considerable problem (see chapter 1 and 2 for arguments why
LBVs are considered to be close to their respective Eddington limits).

As we have seen in the previous sections, HD 160529 exhibits certain spectral lines with minimal wind
influence which originate in a narrow region at the stellar surface. Thus we can take advantage of the
currently available, highly sophisticated, plane-parallel, hydrostatic codes to model these lines.

We chose the publicly available codes TLUSTY 194 and SYNSPEC 41 for the calculations of synthetic
models (Hubeny et al. 1995)% because these programs allow departure from LTE which is relevant for
hot stars (Teg = 10000 K) with low surface gravity (see section 2.1). Becker & Butler (1990) showed
that NLTE calculations are crucial to get reliable stellar parameters from fitting LBV-spectra because
non-LTE effects can change the profiles and equivalent widths of spectral lines in this regime of the
Hertzsprung-Russell diagram (HRD).

TLUSTY 194 uses a hybrid CL/ALI scheme which combines the advantages of CL (“globalness” and
fast convergence rate) and ALI (speed of computation) with the concept of superlevels (see section 2.1
for an explanation of the terms and concepts used). With these methods the program is able to calcu-
late synthetic stellar atmospheres in non-LTE with full line-blanketing. A detailed description of the
TLUSTY 194 code is given by Hubeny et al. (1995).

We have found that these codes are able to converge their atmosphere calculations at much smaller log g
values than for example the ATLAS 6 code (Kurucz 1979), indicating that ATLAS 6 interrupts due to a
numerical instability before the physical instability of the Eddington limit is reached. The difference of
the Newtonian gravity (log g4,4,) and the acceleration due to radiation pressure (log g,,4) is of the order
of 0.06 dex for our TLUSTY 194 atmospheres at their numerical limits. In Figure 3.18 we have plotted
the numerical limits of our calculations with TLUSTY 194 together with the ATLAS 6 limits of Sterken
et al. (1991, their Table 4).

To determine the photospheric stellar parameters of HD 160529 we followed the method of Sterken et
al. (1991) of calculating a grid of synthetic models as close as possible to the Eddington limit (ggrqy =
Grad + Gturd + Grot)- For HD 160529 these limitations are especially important for constraining the pos-
sible parameter range because we cannot use ionization balances (all spectral lines are in one individual
ionization state, see section 3.6.1).

5We are indebted to Ivan Hubeny and Thierry Lanz who provided the initial input files to calculate model atmospheres
appropriate for cool LBVs and gratefully acknowledge their subsequent support during the numerical calculations.
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All synthetic spectra were calculated using the following sequential scheme:

first, a simple LTE model is calculated with TLUSTY 194. The next step is a NLTE/C (continuum only)
model, where the lines are assumed to be in detailed radiative balance. The final model is NLTE/L includ-
ing all lines explicitly. The models calculate atmospheres with 91 NLTE levels or superlevels of H, He 1,
Ci1, C1, Mgr1, Mgii, Si1, and SiTl internally. Other elements in various excitation and ionization states
were included using the line lists provided with the programs (stand of October 1995). SYNSPEC 41 is
used to create synthetic spectra based on the TLUSTY 194 atmospheres. Its input parameters (in partic-
ular rotational convolution, turbulence velocities, doppler shift, abundances and spectral resolution) are
altered until optimal fits of the observed lines are reached.

The starting grid of TLUSTY 194 models was calculated with Teg=8000K to 12000K in steps of
AT =500K using solar abundances. To simulate the physical instability of the Eddington limit em-
pirically we reduced the log g values in steps of 0.01 until the code reached its critical numerical limits.
The first fully converging synthetic models are used as lower limits for T, log g and the element abun-
dance. The instrumental profile was taken into account by convolving the resulting synthetic spectra with
a Gaussian function to a resolution of 0.22 A.

The grid of models was extended by decreasing the temperature-grid steps to AT =100 K and varying
the parameters in a range close to the numerical limits; the best fitting spectra were selected to represent
the stellar photosphere. The results are presented in the following section.

3.6.1 Stellar Parameters of the Mean Photosphere
Temperature, Surface Gravity and Abundances

As previously mentioned the He T and the highest Balmer lines are formed very deep in the atmosphere
of HD 160529 (their line profiles have the lowest radial velocities and relatively good symmetry and are
in pure weak absorption (i.e. not much wind influenced)). Teg and log g values of the photosphere were
thus determined by fitting synthetic spectra to these lines in the averaged spectrum.

To excite the He 1 A4471 line, the codes need a minimum temperature of Teg = 10 000 K, while for tem-
peratures greater than 12000 K the synthetic He lines become too strong. The log g values for the
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Figure 3.19: The observed mean photospheric spectral lines (thick solid lines) and the corresponding synthetic
spectra from TLUSTY 194/SYNSPEC 41 (thin dashed lines). The vertical and horizontal dotted lines represent
the adopted systemic velocity (vsys =—17 km s~!) and the normalized continuum. Model parameter: a: vyag =—
20kms™!, T,y =11200K, b: vpag =—28kms™ !, Tog =9000K, ¢: v;aq=—33kms™!, T, =8 500K, d: vpaq=—
40kms~ ', T, = 10500 K. All models use solar abundances, log g=1.13, a rotation velocity of vy, =35km g1
and a microturbulence velocity of picro = 15 km sL.
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HeT line fits range from 0.97 for Teg=10500K to 1.28 for Teg = 12000 K with the best fit around
Ter=11200K, logg=1.13 and He abundances close to the solar values. Reasonably good fits of
He1A4471 and He 1 A5876 could also be achieved by increasing the helium abundances (up to ~2 x solar)
while simultaneously decreasing the microturbulence values (down to ~10kms™1). At 11200K, the
Mg 11 A4481 line can be fitted well only with unrealistically high abundances (~100 x solar), however
at Ter=9000K, logg=1.13 a good fit can be obtained with solar values too (Figure3.19b). The
Mg 11 \4481 line is also blue-shifted by ca. -8kms ™! with respect to the He lines indicating that Mg
lines are formed further out in the stellar atmosphere, where the stellar wind reaches higher velocities
and the temperature may have dropped by ~2000 K. Spectral lines intensities of heavier elements (e.g.
Fe 11, Ti1) also get stronger at lower temperatures, so that good agreements with the observations can be
achieved at these low log g values with solar abundances.

Figure 3.19 shows a sample of photospheric lines from the mean observed spectrum (solid) and their best
fitting synthetic spectra (dashed). We can see the decreasing temperature trend with increasing distance
from the stellar surface: He IA5876: vyaq =—20km s, Teg = 11200 K, Mg I1 A4481: vy5q =—28 kms !,
Teg =9000K, Sill A6347: vrag=—33kms !, Teg =8 500 K. The TiIl A4468 line at vy,q=—40kms '
already exhibits relatively strong wind influence (much shallower blue line wing) and thus the absolute
temperature determination from this line might not be very reliable.

The low log g values from the He-line fits can be verified by calculating a grid of synthetic NLTE models
with different log g values around the Balmer jump region (i.e. from 3650—3700 A): the higher the
Balmer line the deeper it is formed in the atmosphere and the closer it is to its neighbor in the Balmer
series. At a certain point consecutive lines overlap each other and form the Balmer jump area. The
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Figure 3.20: Observed mean spectrum (thick line) and synthetic model spectra (thin lines, y-offset: —0.5 dex) with
the relevant parameters (i.e. Tefr, Vsys, ¥ Sin ¢, Emicro) Of Table 3.11, solar abundances and the noted log g values.
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Figure 3.21: Solid line: NLTE model spectrum with Teg=11200K, logg=1.13 and solar abundances, zero
rotation and turbulence velocities and no instrumental profile convolution. Dashed line: observed mean spectrum.

width of the Balmer lines is determined by the linear Stark effect which is related to the ion and electron
pressure in the atmosphere which in turn is correlated with the surrounding gravity. Thus the highest
observable Balmer line can be used as a measure of the surface gravity.

In Figure 3.20 we compare the synthetic spectra for Teg =11200 K and solar abundances with the ob-
served mean spectrum: the line broadening effect of increasing log g on the Balmer series is clearly
visible. Despite the low S/N ratio and the bad continuum determination in the blue range of our spec-
trum we can observe Balmer lines as high as ~Hgy7/Hgg. In the synthetic spectra with the lowest log g
value we can distinguish the Balmer lines until ~Hgg/Hgg. Changing the He abundance has no visible
effect on the synthetic spectra in this wavelength range, but the inclusion of a more extended line list and
more accurate atomic data might change the calculated line profiles.

We use Tegr = 11200 K, log g = 1.13 and solar abundances for our further analysis as these values achieve
the best spectral fits for the He I lines and consistently for the high Balmer lines as well.

To illustrate the number and accuracy of the atomic lines that were included in our calculations we
show in Figure 3.21 the NLTE spectrum without convolution (i.e. vyo; =0, no instrumental profile, no
turbulence). The synthetic spectrum and the annotation of lines is shifted with the radial velocity of
—17km s !; the text in the line identification legend specifies the element and its ionization state and the
numbers give the rest wavelengths from the atomic line lists. The last entries of the annotated lines are
approximate weights of the equivalent widths of the contributing spectral lines.
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Table 3.8: Extract of Table 12 (corresponding to Fig. 3.22) of Meynet et al. (1994).

age mass logL logTeg X Y logM marks
[10%yrs] [Mgl [Lel [K]  [mass fraction] [Mgyr ']

0.005 39975 5376 4.641 0.680 0.300 -6.426
4.391 32.065 5.626 4.240 0.679 0.300 -5.102
4407 31940 5.655 4.269 0.679 0.300 -5.087
4413 31.730 5.626  3.779 0.679 0.300 -3.996
4447 217713 5776 3.771 0.548 0.431 -3.539
4.468 18.774 5759 4.157 0.206 0.773 -4.097
4.542 14.024 5.460 4.542 0.000 0.980 -4.352
4.563 12.831 5399 4506 0.000 0.767 -4.225
5.008 5.028 5.142 4798 0.000 0.262 -5.246

~ D QmMmoaQ®=m >

Luminosity, Radius and Mass

We take the luminosity of log (L/Lg)=35.6 from Sterken et al. (1991) as a reasonable value, supported
by our independent distance determination (later in this section).

The radius was derived using the Stefan-Boltzmann law: L =47 R’ Teﬁ'4. With T =11200K and
log (L/Lg)=5.6 we get R=168 R,

Using the previously derived surface gravity of log g =1.13 we calculated the current stellar mass to be
R2g
M, = &7 = 14 M.

By comparing the location of HD 160529 in the Hertzsprung-Russell diagram with evolutionary tracks
of Meynet et al. (1994) (calculated with double mass-loss rates on the main-sequence and WNL phases)
we derive a mass on the Zero-Age-Main-Sequence (ZAMS) of Mz aps ~40Mg. We assume hereby
that HD 160529 is evolving to cooler temperatures, i.e. the star is in a pre-RSG (RSG =Red SuperGiant)
phase. This is supported from our spectral line-fits where we derived helium abundances close to solar
values at the stellar surface, which is in good agreement with the abundances used in the evolutionary
models for a star in pre-RSG phase with initial mass of 40 M. Table 3.8 is an extract of the evolutionary
track tables used in the calculations of Meynet et al. (1994). The position of HD 160529 in the HRD is
located between marks C and D. At this point the hydrogen and helium fractions are still close to solar
abundances. The time a star needs to evolve from C to D is about 60 000 years which is of the same order
as the estimated LBV-lifetime (Bohannan 1997).

We scrutinized the mean spectrum of HD 160529 for CNO lines in various ionization states, but a clear
detection could not be found. Sometimes, spectral lines can be seen at the wavelength of a certain CNO
line, but then no further lines of the same ionization state and/or multiplet could be found so that we
attribute these features to line blends or weak lines from other elements. This is mainly due to the rather
low oscillator strengths (i.e. log gf values) of most CNO lines in the visual range but it also rules out
strong enhancements of CNO processed material in the stellar atmosphere, thus supporting the relatively
young evolutionary status of HD 160529.

We note that this result is in contrast to the findings of Sterken et al. (1991) who obtained an initial mass
of 25 Mg by assuming a post-RSG evolutionary status for HD 160529 and then placing the star in the
evolutionary tracks of Maeder & Meynet (1988). The evolutionary models of Meynet et al. (1994) com-
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Figure 3.22: HRD with evolutionary tracks of Meynet et al. (1994) including Humphreys-Davidson limit
(solid line) and the location of HD 160529 (small circle). Important stages are marked for the track with
Mz aps =40 Mg (see Table 3.8 for details).

pute the chemical compositions more accurately and apply improved opacities and nuclear cross-sections
which significantly change the involved time scales with respect to earlier models (i.e. the models of
Maeder & Meynet (1988) have larger time scales). Also using higher mass-loss rates in the calcula-
tions (as appropriate for LBVs) modifies the resulting evolutionary tracks. The evolutionary track with
Mz ans =25Mg in the Meynet et al. (1994) models is definitely too far away from the position of
HD 160529 in the HRD; we thus estimate Mz 4prs =~ 35—-40 Mg, for HD 160529 (see Figure 3.22).

Instead of reasoning that the large difference of M, and Mz 4pss is due to a post-RSG evolutionary
state, the discrepancy could be explained by mass loss through stellar wind and pulsation mechanisms as
proposed by Kiriakidis et al. (1993) and Langer et al. (1994). In their evolutionary scenarios massive stars
(M > 40 M) undergo a phase of pulsational instability immediately after they leave the main sequence
where they are forced in an evolutionary loop. The mass loss induced by pulsation mechanisms might be
up to an order of magnitude higher than the mass-loss rates due to radiation pressure. As we have seen
evidence for pulsation occurring in HD 160529, it seems plausible that the star might have crossed such
phases of increased mass loss (possibly multiple times), thus accounting for the current low mass value.

In Table 3.8 we have listed some values from the calculations of Meynet et al. (1994) for solar abundances
and double mass-loss rates in the main sequence (MS) and WNL states. X and Y are the surface abun-
dances in mass fractions of H and “He. Putting HD 160529 in the corresponding Hertzsprung-Russell
diagram (Fig. 3.22) will place the star between states C and D. This would agree well with our derived
solar He-abundance because at that point the surface abundances are still more or less unchanged. Also
the derived mass-loss rate of M ~10~° Mguyr ! is in accordance with the tabulated values.
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Table 3.9: Maximum rotation velocities within Eddington limit.

Tesr 9rad 9grav Grot log 9rad logggra'u loggrot max. Urot
K] [ems™2] [ems™?] [ems™2]  [cgs] [cgs] [cgs]  [kms™']

8000 2.632 3.802 1.170 0.420 0.580 0.068 36.980
8500 3.355 4.571 1.216 0.526 0.660 0.085 37.710
9000 4.216 5.129 0.912 0.625 0.710 -0.040 32.658
9500 5.234 6.607 1.372 0.719 0.820 0.137 40.060
10000  6.427 7.762 1.336 0.808 0.890 0.126 39.523
10500  7.812 9.333 1.521 0.893 0.970 0.182 42.172
11000  9.409 11.220 1.811 0.974 1.050 0.258 46.018
11500 11.240 14.454 3.214 1.051 1.160 0.507 61.306
12000 13.326 15.849 2.523 1.125 1.200 0.402 54.313

He surface abundances are known only for a few LBVs where they show a very narrow range of values;
e.g. Crowther (1997) gives: H/He =2-2.5 x solar (by number). However if we would assume a He con-
tent of two times solar for HD 160529 we would need to decrease the surface gravity to compensate the
line strengthening effect on the He lines in the spectrum (see Table 3.10), which would in turn decrease
the stellar mass even further.

Velocities and Periods

For the analysis of the spectral time-series it is crucial to get good estimates of the relevant velocities and
time scales. The following measurements and relations were used to obtain these quantities:

e Rotational Velocity (vyot):

Vot Was derived from the rotational broadening of our SYNSPEC 41 models for the He T and MgTI lines.
The best agreement with the observed spectrum was achieved with vyt = vsing = 35 :I:?O kms~!. The
upper limit for the rotational period is thus given by: Prot/sini = 27 R, /v sini = 24342 days.

According to Reid et al. (1993) the projected rotational velocities can be derived from the maximum
half-width of double-peaked features in the temporal variance spectra if the variations are due to non-
radial pulsations but are overestimated if the line formation takes place in material with radial velocity
components above the photosphere. Measuring the TVS features of the He I, Mg 1T and SiII lines results
in vo; ®45kms™!, i.e. about 10km s~ more than the previous method of fitting synthetic spectra to
the photospheric lines. However the TVS features do not show a consistently well-defined double-
peaked profile with steep flanks so that we estimate correspondingly larger errors for this method. As
we have seen previous indications of radial pulsations and wind influence even in the Hel lines our
spectroscopically derived vy value of 3545, km s~ is consistent with the likely overestimated value
from the TVS method. We thus use the value of 35 £5, kms™! for vy, in our further analysis.

The maximum possible rotation for a star can be calculated via: grot < Ggrav — Grad — Gturp- For a first-
order estimate we take ggrqy from the numerical limits of the TLUSTY 194/SYNSPEC 41 code, compute
the radiation pressure via: g,qq = k/co Tog (using k = 0.34 as mean opacity, c as the speed of light and
o as Stefan-Boltzmann constant) and neglect the acceleration from turbulent forces. The resulting values
for vrot,max are listed in Table 3.9. We see that our value of 35 :t?o km s~ is still well within the stability
region at Teg > 11000 K. However adding a turbulence velocity of 10—15kms~! would bring the star
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very close to its Eddington limit in our crude approximation. The last stable atmospheres of the much
more sophisticated TLUSTY 194 models (where rotation and turbulence are included in the calculations)
leave a margin of log g = 0.06 before the Eddington limit is reached.

e Break-up Velocity (vpreak):

The lower limit for the rotational period can be derived by calculating the break-up velocity vpreax =
VG M, /R, = 126 kms!; the corresponding period is: Prot break = 27 Ra/Vbreax = 68 days.

e Escape Velocity (vegc):

The escape velocity was calculated via: vese = /(1 — T /2 g Ry, with the Eddington factor ' =
oel
47rcGM*
opacity due solely to electron scattering, we derive vese =93 kms™1,

= 0.73. With an adopted value of o =0.33, which assumes solar abundances and continuous

The derived gamma factor is well within the typical range of I" found for other LBVs: ' ~0.7-0.8
(Stahl 1991b).

e Microturbulence Velocity (€micro):

The microturbulence velocity of &micro = 15+5kms™! was also derived from our model fits and agrees
well with the usual values for thermal and turbulent velocities found in B supergiants and LBVs (de
Koter et al. 1996).

e Systemic Velocity (vgsys):

From the center of the Hel lines in the mean spectrum we derived vgys =—17 kms~!. This line origi-
nates deep in the atmosphere and is thus a probe for photospheric conditions in a star with an effective
temperature around ~11 000 K.

The observed radial velocity variations of this line are almost sinusoidal (see Figure 3.17) and quite sym-
metric around the mean value (see the TVS spectra of He 1 A5876 in Figure 3.13) indicating pulsations at
the stellar surface. This interpretation is supported by the simultaneous observed variations of the equiv-
alent widths which are expected as a consequence of temperature variations in a non-radial-pulsation
(NRP) scenario.

This value of vgys agrees with measurements of the center of the P Cygni profiles for Ho and Hf3 (see
Figure 3.2 ¢). To determine the center of the P Cygni line profiles we created a mirror image of these lines
and displayed them in such a way that the blue edge of the absorption component and the red edge of the
emission component of the mirror image coincided (for a more detailed description of this technique see
Wolf & Stahl 1982).

Furthermore the radial velocities of the higher Balmer lines (positions measured in the absorption line
cores from Ha to the highest discernible Balmer line H 27) approach this value asymptotically. Figures 3.2
and 3.20 show the observed Balmer series and the measured progression.

e Fundamental Radial Pulsation Period (Praq fund):

A further important intrinsic time scale of the star is the radial fundamental pulsation period. Praq fund
was computed according to Lovy et al. (1984)7 via: Prag fund = Q * \/(R*?’ /M,), with a pulsation con-
stant log @ =—0.054 M, — 0.864 log(Tes) + 1.635. For a temperature of 8000—10000K we get
log Q =~ —1.4. Their formula applies to stars with moderate mass loss near the main sequence. Increased

7Using the fitting formula from Lovy et al. (1984): log Prit, fund = —0.275 Mpor — 3.918 log(Tes) + 14.543 results in
even smaller pulsation periods (by about a factor 0.5).
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mass loss leads to a decrease of the pulsational periods (on the order of 15—25 %). On the other hand the
periods of post-RSG stars tend to increase up to a factor of 2. The derived value of Praq fyng =24 days
lies well below the lower limit of the rotational periods even considering the possibility of a post RSG
status for HD 160529. Therefore the possibility of a discrimination between rotation and pulsation as
sources of stellar variability arises for HD 160529.

Distance Determination

Assuming that the velocity of a star is due to the differential rotation of its host galaxy one can determine
its kinematic distance.

We converted our heliocentric corrected spectra to velocities of the local standard of rest (LSR) velocity
frame, assuming a solar motion of 20 km s~ toward the Apex (o« = 18", § = +30° orl ~ 56°, b ~ +23°
(Unsold & Baschek 1988)). The galactic rotation curve for HD 160529 was calculated with the IAU
standard rotation parameters, i.e. a flat rotation curve © =220 kms~! and R =8.5kpc as recommended
by Fich et al. (1989).

Adopting —174+2kms~! as the systemic velocity for HD 160529, its velocity with respect to the local
standard of rest is vpsg =—8.15+2kms™!. Considering that the proper motion of HD 160529 is not
known, we adopt an uncertainty of +5kms~—! (rather than +2kms~1) for this method which leads to a
kinematic distance of d = 2.8 *9- kpc (see Figure 3.23).

This result is also supported by the velocity structure of the interstellar Nal and CaTlr lines of our mean
spectrum. By separating the strongly variable stellar components from the stable interstellar lines we
get LSR velocities of about —2kms~! for the NaD lines, thus giving a minimum distance of ~0.6 kpc.
However the measured equivalent width of the NaD lines of ~0.8 A and the high interstellar reddening
of E(g_yy) ~ 1.10 suggest a considerably larger distance (see Crowther et al. 1995 for this method of
distance determination).

Note that HD 160529 is located close to the dark cloud at [ =358, b=1 (Feitzinger & Stiiwe 1986) and
within the H1 cloud at [ =15 — 345, b=-7 — +7 (Riegel & Crutcher 1972). Both clouds are within a
distance of 170 pc (so HD 160529 is located well beyond them) but they might influence the Na D and
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Table 3.10: Tolerance ranges of stellar parameters.

Teff logg R* M* r Vesc Ubreak P, rot,break P, rad,fund P, rot/ sin g
[K] [cgs] [Re]l [Mg] [kms~'] [kms~!] [days] [days] [days]

8000 0.58% 330.03 15.11 0.672 75.69 9345 178.75 90.47 471.27

8500 0.66% 29235 14.26 0.712 73.15  96.44 153.43 74.54 422.77

9000 0.71% 260.77 12.73 0.798 61.33 9648 136.80 59.72 377.10

9500 0.82% 234.04 13.21 0.769 70.52 103.74  114.19 48.68 338.45
10000 0.89 % 211.22 12.64 0.804 66.96 106.82  100.08 39.89 305.45
10000 1.25% 211.22 2895 0351 18424 161.69 66.12 39.89 305.45
10000 1.37% 211.22 38.17 0.266 22491 185.64 57.59 39.89 305.45
10500 0.97 % 191.58 12.50 0.812 68.33 111.55 86.93 32.84 277.05
10500 1.071% 191.58 15.74 0.645 10542 125.17 77.47 32.84 277.05
10500 1.17% 191.58 19.81 0.513 138.66 140.44 69.05 32.84 277.05
11000 1.05% 17456 12.48 0.814 71.23 116.76 75.67 27.46 252.44
11000 1.09% 174.56 13.68 0.742 87.77 122.26 72.27 27.46 252.44
11000 1.15% 174.56 1571 0.647 110.15 131.00 67.44 27.46 252.44
11200 1.13% 168.38 13.96 0.728 92.81 125.73 67.78 24.22 243.50
11200 1.17+% 168.38 1531 0.664 108.00 131.66 64.73 24.22 243.50
11500 1.16% 159.71 12.56 0.809 75.74 122.45 66.01 23.05 230.97
11500 1.18 % 159.71 14.09 0.721 96.93 129.71 62.32 23.05 230.97
11500 1.23% 159.71 1581 0.642 116.20 137.40 58.84 23.05 230.97
12000 1.20°% 146.68 12.45 0.816 77.14  127.20 58.37 19.64 212.12
12000 1.22% 146.68 13.03 0.779 86.47 130.16 57.04 19.64 212.12
12000 1.28*% 146.68 1496 0.679 111.79 139.47 53.23 19.64 212.12

$ min. log g: numerical limits of TLUSTY 194 NLTE calculations

t max. log g: 2 solar He abundance — good fit of He lines
1 max. log ¢: 1x solar He abundance — good fit of He lines

CaK/H line profiles which show a complex structure®.

Sterken et al. (1991) determined the distance to HD 160529 by assuming equal absolute brightnesses
for HD 160529 and its “twin” LBV R110 in the LMC. Their derived distance of d = 2.5 kpc is in good
agreement with our independent distance determination. Leitherer et al. (1995) assumed an error of 40 %
for this spectroscopic distance determination which matches our adopted uncertainties.

Accuracies of Derived Parameters

In Table 3.10 we give the numerical limits of our NLTE-TLUSTY 194 models together with the maxi-
mum log g-values with which we could still produce a reasonably good fit for the HeT lines and calcu-
late other stellar parameters using log (L/Lg)=5.6. He lines could not be produced with TLUSTY 194
at temperatures lower than 10000 K. However because HD 160529 has been assigned temperatures of
Tegr =8000-9500 K in the past (see Table 3.1) we have included the values for the numerical limits of

8Recent STIS observations of Carinae have shown that ISM lines can be variable on a time scale of months to years
(Leitherer, private communication). However, the NaD and CaK/H lines at HD 160529 are variable on time scales of days
and have line profiles similar to observed stellar excitation lines so that strong stellar contributions must exist.
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Table 3.11: Stellar parameters from modeling the mean photosphere of HD 160529.

The values of the parameter ranges marked with ' are taken from the literature.

parameter d Ep_v) Sp.Type L, Mo
unit [kpc] [mag] [Lo] [mag]
best value 2.5 1.10 B8la*t 410° -8.9
range 1.4-3.7 1.10-1.22t A2la — B8Iaf -8.5--9.7*
parameter Teg log g R, M, Mzans
unit K] [cgs] [Ro] Me] Mol
best value 11200 1.13 168 14 40
range 10000 - 12000 1.11 —1.37 147 - 211 13 -38 35-40
parameter Y T Vsys Vesc Vbreak
unit [% by mass] [kms™!] [kms™!] [kms™!]
best value 32.8 0.73 -17 93 126
range 27.9 -43.6 0.3-0.8 -14 —--20 86-225 122-186
parameter vsing Emicro P, rot,break Py / sin s P, rad,fund
unit [kms™!] [kms™!] [days] [days] [days]
best value 35 15 68 243 24
range 25-40 10 -20 57 - 69 230 -305 20-40

Terr and log g in this range to estimate the full realm of changes a LBV can undergo during its moderate
variability cycles.

The range of tolerances reaches a minimum around Zeg = 11200 K which is also the temperature where
we come closest to the respective Eddington limit in our line fits. For this temperature we can only
increase the He content to 1.2x solar and still get a reasonable good fit to the He lines.

We have thus chosen the values in row Teg = 11 200 K as the best representation of the photospheric stel-
lar parameters because these values produce the best fits of the He I lines while simultaneously reaching
closest to the Eddington limit. Table 3.11 gives a summary of the adopted and derived stellar parameters
together with the estimated accuracies. The ranges are taken from corresponding values of Table 3.10 or
from the literature if no further restrictions were available, but are updated when possible (i.e. from other
considerations like the Balmer limits for log g, good fits of photospheric spectral lines, ...).

Note that the differences in the accuracy and use of laboratory wavelengths of spectral lines also affects
some stellar parameters although not in a fundamental way (for a discussion on A, see section 1.5).

Consistency Tests of Stellar Parameters

In order to check the accuracy of our derived values we have applied some tests and other methods to
determine stellar parameters:

e All elements, with the possible exception of Mg, are in a unique ionization state in the observed
spectrum. Thus we can only derive rough upper and lower limits, e.g. from the simultaneous
observation of the Mg 11 and SilI spectral lines a temperature range of 7000 K < T < 13000K
can be estimated.
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e Ionization balance of MgT and Mg1I:

only the three Mg Ilines (i.e. A3832, A3838, A5183) with the highest oscillator strengths and lowest
excitation potentials might be observable in HD 160529. Unfortunately these lines have extremely
low S/N even in the averaged spectrum (they are in the bluest part of our observing range) and
are additionally blended by FelI lines (certainly for Mg1 A5183 but probably for the other two
Mg lines as well) so that their equivalent widths measurement are not reliable. The Mg1 lines
might also be influenced by the stellar wind so that the resulting ionization balances which are
usually the most reliable tools to derive temperatures and log g values cannot be used in the case
of HD 160529.

e (lassical spectral type determination schemes (e.g. comparing equivalent widths of Hy with Ca K)
are not possible because there are no good standard stars for such extreme objects as LBVs. In
particular the strong wind lines (i.e. P Cygni profiles) complicate the situation.

e Determine T, log g from He 1 A5876 / Mg 11 A4481 balance:

in the left plot of Figure 3.24 we draw the equivalent width ratios of He 1 A5876 / Mg 11 A4481 for
different log g value (1.2—2.2) as a function of Teg as calculated by ATLAS 8 models®. Using the
lowest stable log g model (log g=1.2) to be as close as possible to the Eddington limit and using
the observed He 1 A5876 / Mg 11 A4481 values of ~0.3+0.05 dex we get a temperature estimate of
Ter=10100—11 200 K. As previously noted we see that the ATLAS models interrupt at relatively
low log g/ Teg values. Nevertheless the resulting values are similar to our previous results using
more sophisticated models.

e Determine Teg, log g from Hd equivalent width curve:

In the right plot of Figure 3.24 we applied the VCS theory (Vidal et al. 1973) for the broadening
of Balmer lines to calculate the equivalent widths of the H¢ line as a function of log g and Teg-.
The measured W) (H§) values in our observed spectra are about 9204110 mA. Considering the
neglect of a wind influence and the relatively high error bars in the W), measurements (because
of bad Gaussian fits and low S/N ratio around HJ) the resulting function agrees well with our
previously derived log g and Teg values for HD 160529. E.g. adapting a possible temperature
range of 10000- 11500 K we get corresponding log g values of 1.0—1.2.

e As a final sanity check we calculated the current stellar parameter values back to the ZAMS us-
ing the evolutionary models of Meynet et al. (1994) and assuming a constant rotation period of
243 days. We obtain the following results:

Parameter Unit Current ZAMS

M, Mg 14 40
R, Ro 168 8.5
Tegt K 40000 43750
L Lo 400000 237700
Upreak  kms—t 126 7115
Vrot kms~! 35 297

As the resulting values are within realistic ranges we are confident that our results are reasonable.

STLUSTY 194 does not automatically include a list of the equivalent widths of the computed spectral lines, so we have used
a small grid of ATLAS 8 models where Wy is listed in the output. The data for Figure 3.24 has been computed by Kaufer (1996)
and was kindly placed at our disposal for these consistency tests.
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Figure 3.24: Left: He1 4471 to Mg 11 A\4481 ratio from Synthetic ATLAS 8 models; log g=1.2 (), 1.4 (x), 1.6
(+), 1.8 (A), 2.0 (O), 2.2 (o). The dashed horizontal line represents the measured value (0.29) from our mean
spectrum. Right: Results of Hé-line fits (equivalent width Wy =920 mA) with VCS theory.

3.6.2 Photospheric Parameter Variations

As a first-order approximation we can use the previously calculated grid of TLUSTY 194 models and
compare them with the observed line-profile variations to estimate the range of variability of the photo-
spheric parameters.

The wavelength region from 4459 to 4486 A is particularly suited to probing the photospheric tempera-
ture variations: here we can measure the temperature sensitive Ti T A4468 line and can simultaneously
use the He1A4471 and Mg 11 A\4481 lines as controls of the results. In the left plot of Figure 3.25 the
spectra of the observing run in 1993 are plotted in this wavelength range. The LPVs of Till A4468 are
clearly visible while the He 1 A4471 and Mg 11 A4481 do not show strong variation patterns.

The right plot of Figure 3.25 shows the TLUSTY 194 models with log g = 1.30 and Tg = 9000 — 12 000 K.
We use the synthetic spectra with log g =1.30 because the Ti 11 A4468 NLTE-models with log g=1.13
are numerically unstable for T.g > 11200 K. However the converging models with logg=1.13 and
Ter =9000— 11200 K exhibit the same behavior as the log g=1.30 models. As previously mentioned
He 1 lines are not formed below Teg = 10 000 K.

Comparing the observed and the synthetic Ti Il A4468 line spectra we see that the atmospheric temper-
ature increases from ~10000 K around JD-2449050, where the Ti 11 A4468 lines are stronger than the
He 14471 lines, to ~11 500 K around JD-2449096, where the TiII A4468 lines are much weaker than
the He 1 A\4471 lines.

As we have discussed before (see section 3.6.1) the lower atmosphere seems to have a strong temper-
ature gradient. As Till A4468 is formed mainly at a small distance away from the photosphere the
temperature at the stellar surface might actually be higher than indicated above. Because Ti IT A4468 also
exhibits some wind influence the absolute temperature determined might not be very accurate. However
we are confident in the differential value of the above results, i.e. that temperature variations of up to
A Ter = 1500 K exist in the photospheric regions of HD 160529.

Let us carry out some simple calculations to see what consequences a variable photospheric temperature
would have on other observable and physical parameters:

To simplify the relations let us assume a variable temperature of 10 % of Teg:
ATeg=0.1Teg, so that Trax = 1.1 Tig.
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Figure 3.25: Left: spectral time-series of the observing run in 1993. Right: observed mean spectrum of 1993 (thick
line) and TLUSTY 194 models with log g = 1.30 and annotated Te. The models are blue-shifted by —28 kms 1.

Assuming that the stellar radius does not change and using the Stefan-Boltzmann law (I = 4 R% o Tog™)
we get: Lmax=(1.1L)*=1.1*L=1.464 L.

Using the definition of apparent magnitudes (Amag=2.51log AL) we get a maximum Amag of 0.414.

As BA supergiants have their peak flux output in the visual range we can in first order associate the
observed visual photometric variation (dy) with this bolometric luminosity variation (Amag). In 1992
vy variations of 6.72 —6.82 mag (dy =0.1 mag) were measured which is about 0.3 mag less than expected
from the above calculation. However we can use radius variations to counteract the temperature induced
luminosity increase. Using the same formulae as above leads to required radius changes of about 7 % to
balance the excess brightness of 0.3 mag.

Note that in the above arguments we deviate from the usual assumption of a constant bolometric lumi-
nosity during the moderate LB V-outbursts or microvariations. Leitherer (1997) suggested this possibility
as an alternative to explain mass-loss variations like those observed e.g. in S Dor and R 71, as luminosity
variation by a factor of a few might easily go undetected, which might be the case for HD 160529 as
well. However if L is constant during our observations we only need to increase the radius variations by
an additional few percent to balance the temperature variations.

As we see in the next section, radius variations on the order of 10 % can occur in LBVs (results from
radial pulsation models assuming L = constant) so that our “back-of-the-envelope” calculations actually

provide reasonable estimates and supply another argument for pulsation being the driving mechanism of
the observed LPVs.
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3.6.3 Pulsation Models

In this section we use a non-radial pulsational code to model the photospheric LPVs and show results
from a radial pulsation model with stellar parameters similar to HD 160529 (courtesy of the Los Alamos
group of Cox, Guzik, Despain and colleagues).

We have seen indications for radial as well as non-radial pulsations in the photospheric LPVs and TVS as
well as arguments pertaining to the observed photometric observations. Pure radial pulsations seem un-
likely to cause the observed line profile variations because they cannot produce the observed retrograde
and prograde variation patterns in the quotient spectra. Also their expected harmonic frequencies are
about a factor 2—5 smaller than the dominant time scales derived from our Fourier analyses; overtones
have even smaller periods. However interfering radial pulsation modes with similar periods might pro-
duce modulations with apparent time scales longer than the fundamental pulsation period. Also radial
non-adiabatic strange modes can have larger fundamental periods that could be close to the observed
time scales (see e.g. strange modes of type I in Saio et al. 1984).

In section 3.5.1 and 3.5.2 we have seen that the LPVs are mostly concentrated in a small range of veloci-
ties around the center of the spectral line. These V/R type variations are usually interpreted as deviations
from the spherical symmetry in stellar outflows if they are seen in wind lines (Kaufer et al. 1996) but
often indicate non-radial pulsations when found in photospheric LPVs (Kaufer et al. 1997 b).

As observed in the quotient spectra of He1 A5876 and SiIl A6347 we see both retrograde and prograde
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Figure 3.26: Lefr: dynamical quotient spectra of the He 1 A5876 line in the observing run of 1993. Note that the
velocity scale is not corrected for the systemic velocity here. Right: simulation of non-radial pulsation with stellar
parameters of Table 3.11 and sini=1,l=+m=1, opp = g—’{ d-t.
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traveling variations features. Particularly in the dynamical quotient spectra of the He 1 A5876 line in
the observing run of 1993 we see the photospheric variation features clearly moving across the line
profile. Because the features are moving retrograde, i.e. against the direction of the rotation, they cannot
be caused by strictly corotating features like magnetic fields which are “frozen” at the stellar surface
(similar to sunspots) but have to be ascribed to real traveling disturbances along the stellar surface. This
behavior is a typical signature of non-radial pulsations with retrograde moving velocity-fields. To model
the observed line-profile variations we have calculated a NRP simulation using the numerical Monte-
Carlo code of Kaufer (1996) with a NRP-amplitude of ~8kms™! (0.23 v sin4, corresponding to the
typically observed wv;,q-variations of the He 1 A5876 line).

The meridional sectors can be estimated from the number of simultaneous observed pseudo-emission
or -absorption features. For HeIA5876 in 1993 this is |m| &~ 1 and for SiltA6347 in 1995 we get
|m| =2 (note that we never see more than two V/R variation features at the same time). The NRP-

frequency of the model oy, = 2% d~1 is a factor 3 larger than the rotational frequenc Qrot = 2m 41,
quency P = 81 g quency 243
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Figure 3.27: Results from non-linear hydrodynamical radial-pulsation models (Guzik, private communication):
variations of radius, radial velocity, effective temperature and bolometric luminosity due to radial pulsations of a
star with: Mzams=50Mg, M,=20Mg, log L./Ls=5.76, Y =0.48. Note that the model assumes a constant
bolometric luminosity that is derived from the effective temperature and radius at the photosphere. The sharp peaks
in My, are thus only artifacts of the numerical calculations.
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Due to the retrograde direction of the NRP quantum numbers (I = +m = 1) the resulting measured
NRP-frequency is even higher: oyrp meas = —m(amp + Qpot) = %—71’ d=1l. In Figure 3.26 we show the
observed dynamical quotient spectra (left) and a non-radial simulation (right) with the stellar parameters
of Table 3.11 and sin ¢ = 1. Note that the corresponding non-radial pulsation period of 61 days did appear
in the Fourier analyses with only a small power at certain data sets. It needs to be emphasized that such
a clear pulsation-like structure as in the above example was not observed in any other spectral line or at
a different observing period. Rather the single pulsation modes are hidden in the complex LPV patterns
due to the multi-periodicity of the velocity fields so that a relatively wide range of time scales could be
constructed via interactions of various NRP modes and the stellar rotation.

Guzik et al. (1997) have calculated non-linear hydrodynamical RP models'? with different masses and
chemical abundances. They show that stars in the parameter range of LBVs are likely to pulsate in many
modes simultaneously, with frequencies very similar to what we see in our data for HD 160529. Fig-
ure 3.27 shows their results for a star with Mz 4prs =50 Mg, which has lost 30 Mg during its evolution
and shows the predicted pulsations. It has not yet had a giant outburst which is probably also the case for
HD 160529. In their models the He and Fe contents play an important role in driving the pulsations and
leading to instabilities which may be observed as LB V-like outbursts. For the lower mass and luminosity
LBVs like HD 160529, there is considerably less iron line opacity driving, and pulsations are almost all
caused by the helium ionization « effect.

The above model results in periods of ~20—40days (~2—5 10 sec) and variations in radial velocity
and temperature that are similar to our observations of the HeI 11 5876 and TiIr A4468 line variability
measurements. Also their predicted radius variation, on the order of 30 R, (using R, =200Rg), is in
accordance with our rough estimates for HD 160529. The combination of radial and non-radial pulsations
provide a physical explanation that is fully consistent with the observed photometric LPVs.

3.7 Stellar Wind Models

The best indicators of stellar winds in the optical wavelength region are the Balmer lines with P Cygni
profiles, with Ha as the dominant transition. To model the observed Balmer lines we first calculate
stationary models using the averaged Balmer profiles as representations of the undisturbed wind. Then
we explore different variability mechanisms and finally model the dynamical spectra as deviations from
their mean state.

The recently developed SEIDYNAMIC-code of Rivinius et al. (1997) was used to model the Ha — Hé
lines of HD 160529. The code is based on the SEI method described by Lamers et al. (1987) and was
modified by Rivinius et al. (1997) to study the stationary and dynamical winds of early B hypergiants. A
detailed description of SEIDYNAMIC is given in their paper; hence we only summarize the most important
features here:

e The radiative transfer equation is solved in the two-level approximation.

e Non-LTE departure coefficients are calculated separately with the Sobolev code (TSOB) described
by Bastian (1982) and Stahl et al. (1983) and are modulated via a damping function of the form:

bomen () = 1 + (bn(x) — 1) exp (R_*lf ) . 3.1)

The damping function is introduced to suppress the unrealistic rise of the b-factors for levels 3 — 6
after a local minimum at a distance of ~5—10 R, (see Fig. 3.29 left). The scale height h,, can be

10Non-radial pulsation modes are not considered in their calculations.
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regarded as a “confidence radius” within which the departure coefficients are trusted.
e The main wind parameters are implemented in the following ways:

wind velocity: (beta law)
R.\*?
v(z) = vo + (Voo — o) {1 — — ) > (3.2)

temperature: (power law)

z \ 7
T(-'E) = Touter + (Tinner - Touter) (R_> s 3.3)
*

density: (from continuity equation)

v R,\?
/)(.7:) = pc,(wev(;) (?) y 3.4)
with the flux density of the wind:
_ M (3.5)
Pe,ave = 4’/T’U()R*2 . .

e Thomson scattering on free electrons is included using the method of Scuderi et al. (1994) and the
redistribution function from Mihalas (1978).

e The time-dependent variations in the wind can be modeled with outward moving density variations
either in the form of blobs and clumps in front of the stellar disk or as spherically symmetric shells.
The underlying stellar continuum can be changed as well.

3.7.1 Stationary Wind Models

Starting with the values of the stellar parameters derived from the photospheric models we calculated a
series of stationary wind models to explore the effects of changing parameters in the SEIDYNAMIC code
on the Balmer lines. The final models were obtained by minimizing the residuals between the observed
and synthetic spectra of all modeled Balmer lines!!. Note that the spectra with the minimum residuals
do not fit the broad emission wings very well. Figure 3.28 shows that the absorption component gets
“filled in” if we fit the central emission simultaneously with the broad wings. We attribute this behavior
to the way electron scattering is included in the code: rather than including non-coherent scattering in
the radiative transfer function to calculate the Balmer lines, SEIDYNAMIC only redistributes the emission
intensity into the line wings. For low-gravity A supergiants Santolaya-Rey et al. (1997) have shown that
the correct treatment of incoherent photospheric electron scattering is crucial to obtain correct fit values
and we expect that this is the case for HD 160529 as well.

Another explanation would be that the mass-loss rates as derived by fitting the emission component and
the electron scattering wings actually do differ: this could happen if substantial clumping exists in the
wind of HD 160529, as the optical depth of the He line is proportional to the density squared while the

' With our code it is possible to model a single Balmer line equally well with a rather wide range of stellar parameters. The
constraint to minimize the residuals of a/l modeled Balmer lines (i.e. Ha — HJ) significantly reduces the number of possible
solutions.
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Figure 3.28: The averaged observed Ha line of 1993 (thick line) and the calculated synthetic model (thin line).
The dashed line is the model before Thompson scattering is applied. Left: model with parameter values of Ta-
ble 3.12 with minimum residuals for all Balmer lines. Right: model fitting simultaneously emission line and wings.
For this model we have increased the mass-loss rate and wind-law exponents to: M=22x10"% Meyr~t, 3=5.5.
Note that the other Balmer lines (i.e. H3, Hy, HJ) are not fitted well with these values.

electron scattering depends linearly on the density (Hillier 1991). This might be possible although we
have not seen any significant substructures in the wind lines that would indicate strong inhomogeneities
(in particular see the ultra-high resolution spectra of HD 160529 in the next chapter). The model calcu-
lations used here have too many intrinsic simplifications to justify any further speculations.

Stellar Parameter of the Static Wind

e Departure Coefficients:

It was found that the departure coefficients have a strong effect on the resulting line profiles. Due to their
unrealistic rise at certain levels and the artificial damping function, their absolute values are not very
reliable. However the form and relative values of the b-factors are consistent for different sets that can
reproduce the relative line strengths of the Balmer series. Figure 3.29 shows their behavior, which agrees
quite well with the more exact NLTE calculations of the “recombined” (i.e. low temperature) model of
P Cygni from Najarro (1995, his Figure 3.1d).

e Helium Ionization and Abundance:

For the temperatures under consideration here, i.e. under ~12 000 K, all helium atoms are neutral. The
helium abundance e does not affect the Balmer line profiles strongly and we obtain good fits for values
between €=0.11-0.20 (i.e. around solar values or slightly higher).

e Velocities:

Terminal velocities are often estimated from the blue edge of the absorption components of the He
profiles. For HD 160529 the resulting values (not subtracting vsys and including the strong Ha variation
of 1994: vy,q (blue edge) ~—170 to 210 km s7! (see Figure 3.2 ¢)) indicate that v, is not constant from
year to year, although it appears rather stable during an individual observing run (see Figure 3.11).

Usually ve can be measured more accurately from the violet extent of the black absorption trough
of saturated lines (see e.g. Lamers et al. 1995). Hence we retrieved the high-resolution spectrum of
HD 160529 (observed in 1992) from the IUE archive. The uncertainties in the wavelength calibration of
IUE were corrected by measuring the velocity shift between the interstellar Mg 1 A2852 UV line and the
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Figure 3.29: Left: NLTE departure coefficients of hydrogen levels 2 to 6 calculated for the 1993 Balmer line
models. Right: b-factors of levels 3 to 6 divided by level 2. Solid lines: modified coefficients (b, new) after applied
damping function, dotted lines: original values (b,,) calculated by TSOB.

NaT doublet in our well-calibrated optical spectra and correcting the IUE wavelength scale accordingly.
Stahl et al. (1991 b) showed that v, can be reliably derived from the strongest Fe1I lines for LBVs,
while the Mg I resonance lines are less suitable due to optical depth effects from the high mass loss (see
Fig.3.30).

We measure a value of about 200 kms™! from the blue edge of the saturated UV FeI lines, which is
about 40 km s~! larger than the value measured from the optical spectra of 1992. We cannot exclude that
the value of vy has changed dramatically in a few weeks or months between our observations of 1992
and the IUE exposure. However it seems more likely that the blue edge of the Ha absorption component
appears red-shifted by a “filling”-effect from the strong electron scattering wings and the general effects
of the dense, turbulent outflowing matter. Note that in our SEIDYNAMIC calculations we need to use
lower values for v, because the models for v, > 200kms~! always yield absorption components
that are too blue-shifted. Thus the simplifications in our numerical wind models (in particular the core-
halo approximation and electron scattering mechanism) might result in underestimating the terminal
velocities.

The initial velocity at the lower boundary of the wind (vg) and the turbulent velocity (vy,,p) that is needed
to broaden the line synthetic line components to fit the observed P Cygni profiles, were varied close to the
sound speed. Good fit results were achieved for values in the range of 10—20km s~ for both parameters.

The exponent for the velocity law was varied from 1—6 and the best fits were found for 5=4.0. Note
that Stahl et al. (1991 b) found values of 8 =3 —4 appropriate to describe A supergiant winds.

e Temperatures:

We set the temperature at the sonic point (Ziyne, in Equation 3.3) equal to the temperature derived from
the Ti1I line models, i.e. Tinner = 8500 K (see section 3.6.1 and Figure 3.19 d), which is close to the gray
approximation of Tipper =0.81 Teg. As we have seen seen before, the TilI lines already exhibit relatively
strong wind influence and deviate from the photospheric LPV patterns so that the onset of the stellar
wind can be identified with the TiII line originating region.

For the outer temperature we used Toyter = 5000 K. This is the value used by Leitherer et al. (1995) for
the electron temperature to model the radio flux of HD 160529. Note that for OB stars the relation of
Telectron = 0.4 Tyg is often used (Leitherer & Robert 1991) which would yield about 4500 K assuming
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Terr =11 200 K. However varying Tuter has only very small effects on the resulting line profile so that
we refrain from a more detailed examination of this parameter.

The exponent of the temperature law was varied between 0.1 and 0.5 and it was found that a shallow
temperature law (i.e. y=0.1) achieved the best fitting results. Note that this is in contrast to the value
of v=0.5 that is usually suitable for B hypergiants (Rivinius et al. 1997). See section 2.6.5 of Najarro
(1995) for a discussion on the temperature structure of stellar winds.

e Photospheric Profile:

For the photospheric absorption component we used the previously calculated models from TLUSTY 194.
Note that the small emission-effect due to NLTE as mentioned in Hubeny & Leitherer (1989) is already
included in the models and clearly visible in the photospheric Ha-line profile.

e Mass Loss Rates:

Leitherer et al. 1995 calculated the mass-loss rate of HD 160529 from measurements of its radio flux to
My qdio= 13410 x 1076 Mgyr—!. This method does not depend strongly on assumptions of the geometry
of the radiation-emitting region (Schmid-Burgk 1982) and is thus a highly accurate method of mass-loss
determination. We have varied the mass-loss rates in our models around this value and achieved our best
fitting model for M=11x10"° Meyr . Again we get a wide range of possible values for this parameter
and expect a correspondingly large error bar due to the approximations in our models. However the close
proximity of our M values and Mmdio indicates that the outflow structure in HD 160529 probably does
not deviate strongly from spherical symmetry.

It is important to note here that, while keeping other stellar parameters constant (at values listed in
Table 3.12), increasing M to values higher than about 20 x 10~6 My yr~! does not increase the Hor emis-
sion line strength any more. Rather, intensity and equivalent width stop growing very suddenly and then
even reverse their dependence on the mass-loss rate. This behavior can be explained by a self-absorption
mechanism: as M is increased, the opacity in the wind increases and gets optically thick at a certain value
of M. At this point the wind material starts absorbing the radiation from deeper atmospheric levels so
that the emission line core (originating from regions close to the stellar surface) gets gradually “blocked
out” and the observed emission line strength decreases with growing mass-loss rates. Such wind condi-
tions probably exist at other LBVs as well (e.g. many LB Vs exhibits similar wind properties and spectral



3 Spectroscopic Variability of the LBV HD 160529

Normalized Flux

Normalized Flux

L | 3.0 _
" Ha f CHg f
6.0 — — [ 7
L ] 20 - s
40 = L i
r 7 1.0
2.0 — — B
0.0 &= e T ; 00— 7 R VVVVVVVVVVVVVVVV T
L TN T I TS T N \\ T T T T Y O N 1 Coovv b 1y ‘»' e b b
—-600 —400 —200 0 200 400 600 —-600 —400 —200 0 200 400 600
™ T T T T 15 T T [ T T T T T T T T T [ T T T [ T T
15 - _ i Ho ]
i i 1.0
1.0 = ~ -
L i 05 ~
0.5 — - = 4
00 kB - 0.0 j """""" i
Lo v e 1 \ [ B R L T I T T T Y T T T B B ]
—600 —400 -200 0 200 400 600 —600 —-400 —200 0 200 400 600
Vhelio [km/s] Vhelio [km/s]

Figure 3.31: The calculated (thin lines) and observed (thick lines) averaged Balmer-line profiles of 1993, rep-
resenting the stationary wind. The residuals are plotted under the profiles (dotted lines). The models use the
parameter values of Table 3.12.

appearances during maximum (i.e. when the stars are coolest and brightest); see Leitherer et al. 1994 for
AG Car and Leitherer 1997 and Crowther 1997 for a general overview of LBV wind quantities); these
conditions complicate the exact determination of mass-loss rates for LBVs where wind densities achieve
such extremely high values.

In Table 3.12 we list the stellar parameter values derived from our wind models for simultaneous fits of
the Ha to H6 lines. As in Table 3.11 we give the range of values that result in relatively good fits and the
best fitting values. The effects of changing the parameter values on the synthetic spectra follow the same
trends as described in Najarro (1995) and Kudritzki et al. (1999). We point out again that our absolute
values are not extremely accurate because of the simplifications of the wind models applied (i.e. mainly
the approximate NLTE treatment, the core-halo (“screen”) electron scattering inclusion and the spherical
symmetry). Our main goal, however, is to study the relationships between the photospheric and wind
parameters during a given variability cycle, i.e. we search for relative dependences. We expect that the
relative quantities are to first order less affected by the inaccuracies in our model calculations so that
the results of the mean Balmer line fits can serve as a good starting point to explore the wind variability
mechanisms.
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Table 3.12: Stellar parameters from modeling the mean wind structure of
HD 160529. The values for M;,q4i, (marked with 1) are from Leitherer et al. (1995).

parameter Voo Jé] Vturb/Voo o)
unit [kms 1] [kms 1] [kms ']
best value 140 4.0 0.070 15
range 135 -200 2.0-6.0 0.045 - 0.140 10-20
parameter Test Tinner Touter Y
unit K] (K] (K]

best value 11500 8500 5000 0.1
range 11000 — 12000 8100 — 9500 4000 -6000 0.1-0.5
parameter M M, odiot R, €
unit [107SMeyr='1  [107*Mgyr'] [Ro]

best value 11.0 13.0 160 0.15
range 7.0 -40.0 8.0-23.0 150-180 0.11-0.20

3.7.2 Yearly Variations of the Average Wind Structure

Figure 3.2 shows the mean yearly spectra where we can see variations of the absorption components in
the Ha profiles that are not visible during the individual observing cycles. In particular in the mean spec-
trum of 1994, Ha exhibits a strongly blue-shifted and broader absorption and a smaller emission intensity
(hereafter “1994-event”). In Figure 3.32 we have plotted the averaged spectrum of the observations from
1994 together with the synthetic models. The only difference from the models of Figure 3.31 is an in-
creased terminal velocity, from 140kms~! (1993) to 170kms~! (1994). This results in a blue-shifted
absorption component and a reduction of the emission strength due to a “thinner” wind (i.e. a reduced
density). Modeling the Balmer profiles by changing M does not lead to satisfactory fitting results: adapt-
ing M to fit the Ha-emission/absorption does not reproduce the observed absorption/emission compo-
nent. As noted in chapter 1.1 mass-loss rates in stellar winds are basically determined by the conditions
below the sonic point while terminal velocities are controlled in the supersonic regions, indicating that
variations in the conditions above the sonic point are responsible for the observed changes.

We have seen that this event influences predominantly the major wind line Ha but leaves the other lines
unaffected. In particular the microvariability patterns and time scales remain unchanged. We conclude
that the immediate causes of this event are probably due to different physical mechanisms than the
microvariations. In particular the previously suggested pulsations cannot have changed strongly in 1994
because the photospheric LPVs are not influenced. This agrees with the above suggestion of supersonic
origins of the year-to-year variabilities of the Balmer profiles.

We speculate that the “1994-event” and possibly all Ha-variations of the mean spectra in the yearly
observing cycles arise from changes in the ionization structure in the extended wind regions. As shown
by Najarro (1995) in a recombined wind (i.e. H and He are neutral) the second level of hydrogen is
kept overpopulated due to the strong optical depth of La which significantly increases the opacity of
the Balmer lines and causes the strong absorption dips of the Balmer P Cyg profiles. As shown in
Figure 3.29a the NLTE departure coefficients decrease in strength for higher Balmer lines. The effects
of a variable ionization structure thus affect mostly the Balmer lines formed in the outermost layers (Ho
and Hp) and decrease for higher hydrogen levels as these Balmer lines become optically thinner and
form closer to the star.



74

3 Spectroscopic Variability of the LBV HD 160529

ll|llll|ll{l\l|llll|l lll|llll|l\lll|{l.lll|

- l 4 3+ /l / —
oL Ha 1 ] . HpB h \ ]
R ] E o2p .
= 4L _ e L ]
o L . o L 4
Q [T}
B B b N o 7
= [ - 5 1F ;
g 2 N £ C ]
= - E =
o ] - 4
z r r— z L 4
B . N - Voo T —
oL R of :
- \ . C ]
TR B R R BN S M N B A |\ !| L] Lo b v v by vy by 1]
6555.0 6560.0 6?2?.0 6570.0 4855.0 4860.0 i 65.0 4870.0
Wavelength Wavelength [
[T T T T T rrr T 1 1T 7] TN o e s S S N NS B w1
- \ . | i
15 H7 /\ ] L Hé i
L 4 N N ]
% B ] % 1 /
5 1 3 G
= 1 [ L ‘ i
o N | o r | b
8 L ] 8 C ‘ ]
= B \ ] = 05 \ -
£ 0.5 C | 7] = K \ | Lo 7
H - / P . H L \ | .
o r \ / 7] o o
Z . | z r . Il i
o B B oF---- R -
o0 L St . C Il ]
i S ] B X ]
Lo v v 00 v 10y l I‘ Lo ] IR B S A B R | ‘| ‘ L 1]
4330.0 4335.0 4340.0 4345.0 4350.0 4095.0 4100.0 i 05.0 41100
Wavelength [A] Wavelength [ ﬂ

Figure 3.32: The calculated (thin lines) and observed (thick lines) averaged Balmer-line profiles of 1994, repre-
senting the stationary wind. The residuals are plotted under the profiles (dotted lines). The dashed lines are the
models before applying the electron scattering (the peaks around +200kms are numerical artifacts caused by the
integration limits of the calculations). The models use the parameter values of Table 3.12 except that the terminal
wind velocity is set to Voo =—170kms™!,

This argument is supported by the location of HD 160529 around a so-called “bi-stability” region: by
studying the UV P Cygni lines of 117 stars with spectral types ranging from O to F, Lamers et al. (1995)
found two discontinuities in the veo / vege ratios: the dominant change occurs around Teg ~ 21000 K
where the ratio drops sharply from ~2.6 at the high-temperature side to ~1.3 at the low-temperature
side. A smaller discontinuity at ~10000 K where the ratio drops to about 0.7 is also visible. Note
that Stahl et al. (1991 b) found values of v, / Vesc = 1.5 —2 for A hypergiants and de Jager (1984) found
values of 0.4 — 1.2 for Ia™ stars. Vink et al. (1999) investigated the bi-stability effect around 21 000 K and
found that the jump is due to an increase in the line acceleration of Fe ITI below the sonic point. Around
10000 K the Fe 11 lines are the main wind driving forces and we expect that a similar effect (i.e. changes
in the Fe IT ionization balance) can cause the velocity jump observed in the Ha lines of HD 160529. Our
previous grid of TLUSTY 194 models for Fe 11 A6248 lines shows an abrupt decrease of the line strength
for temperatures lower than 8500 K and larger than 11 500 K while in between these temperatures the
Fe 11 A6248 line does not vary strongly. Considering the previously determined temperatures variations
in the lower wind region of about 1500 K, one can conjecture that changes of the wind temperature
influence the Fe 1l ionization balance sufficiently to account for the observed year-to-year Balmer line

variations'2.

12The main mechanism that drives hot star winds is the transfer of photospheric photon momentum to the stellar atmosphere
through absorption by spectral lines (“line-driven wind”). In stars with temperatures around 10000 K the dominant absorbers
are singly ionized iron atoms (i.e. Fe I1 or Fet) which then transfer their momentum via Coulomb-interaction to the bulk of the
wind plasma (i.e. hydrogen and helium). If the temperature drops sufficiently for Fe* to recombine, the now neutral iron atoms
cannot interact by Coulomb-collisions anymore and the wind structure changes.
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Leitherer et al. (1989) performed calculations for LBV atmospheres around T =8000— 16000 K and
found that ionization changes induced in subphotospheric regions can explain the observed spectral
changes of LBVs between their minimum and maximum states (i.e. during the moderate variation cycle).
As argued above, we have seen indications of variations in supersonic regions during the microvariation
cycle of HD 160529 in a similar temperature range so that their calculations of the ionization structures
might be applicable in this case as well. To our knowledge, a detailed theoretical study of the wind driv-
ing mechanisms and spectral line forces in the temperature range of 8000 — 12 000 K has not been carried
out recently, i.e. using highly accurate unified models that do not apply the core-halo approximation of
our models or the codes of Leitherer et al. (1989). Such computations are crucial to getting quantitative
results for the effects that are responsible for the detailed long and short term wind variations seen in
HD 160529.

In the following section we examine to first order possible relationships between photospheric and wind
line variations during an observing cycle.

3.7.3 Dynamical Wind Models

In principle the observed wind line variabilities can be pinned down to three mechanisms'3:
e Changing the ionization structure of the wind (i.e. the fraction and distribution of the ions which are
predominantly driving the wind: Fe 11 (Fe 11T) for wind temperatures around 10 000 K (20 000 K)).

e Changing the wind density.

e Changing the photospheric continuum flux.

These three mechanisms are not independent of each other; rather a major change in one parameter
causes others to change as well. For example if the radiation from the stellar disk increases drastically it
might ionize more metal lines which changes the ionization structure of the wind (say Fe 11 into Fe I11).
If these ions drive the outflowing material more effectively the velocity structure and in turn the density
of the wind is affected too. This is the case for B supergiants where two bistability regions are found
(Lamers et al. 1995; also see discussion in previous section).

In this section we study the effects from changing the density and continuum flux. A detailed study of the

ionization structure is not possible with the used numerical code and thus is discussed only qualitatively.

Variations of the Wind Density

In order to model density variations we have to choose a wind geometry. The two basic possibilities are:
e Spherical symmetry in the wind and density variations (“shells”).
e Spherically symmetric wind and randomly distributed inhomogeneities (“blob™ or “clumps’).

Shell ejections are observable as variations of the whole P Cygni profile: the increased density contributes
equally to the emission as well as the absorption strength. Small local inhomogeneities on the other
hand increase the optical depth of the wind line according to their specific radial velocities which form
discrete absorption components (DACs) superimposed on the stationary line profiles. Such features are
frequently found in B supergiants or Wolf-Rayet stars and were modeled with SEIDYNAMIC by Rivinius
et al. (1997) for ¢! Sco.

13Note that the first two mechanisms are actual physical changes in the wind structure while the third point only changes the
spectral lines because of the normalization of the spectra.
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Figure 3.33: Top/left: observed dynamical spectrum of the He line in 1993. Top/right: modeled dynamical
Ha spectrum with M=1110"° Mgyr~!, 8=4.0, continuum variations of 10 % and no time shift. Bottom/left:
modeled dynamical Ha spectrum with M=1110"° Mgyr~t, B=4, density variations of 50 % and a time shift of
—80 days. Bottom/right: modeled dynamical Hov spectrum with M =44 10~ Mgyr~!, 8=4.0, density variations

of 50 % and a time shift of —80 days.
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Figure 3.34: Top/left: observed dynamical spectrum of the HS line in 1993. Top/right: modeled dynamical
Hp spectrum with M =11 107 Mgyr~!, 3=4.0, continuum variations of Figure 3.33. Bottom/left: observed
dynamical spectrum of the H+ line in 1993. Bottom/right: observed dynamical spectrum of the HJ line in 1993.
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However the LPVs of HD 160529 do not show outward moving narrow line features. Instead the ob-
served spectral variabilities are characterized by line variations at a more or less constant velocity or
show a cyclic behavior in the case of photometric LPVs. The strongest wind lines (Ha, HB) exhibit
black, saturated absorption components where no variability is observed. Weaker lines like H-y and the
Fe 11 lines do show variability over the whole P Cygni profile although their variation amplitude is quite
small and might not be correlated.

The density variations were implemented by multiplying a “correction factor” times the average flux
density in the wind (Equation 3.5). To see if the wind line variations are correlated with the photospheric
LPVs we use the radial velocity curve of the He1A5876 line for comparisons. The applied density
perturbations were derived from a smoothed spline fit of the v;,q (He 1 A5876) curve. The function was
inverted so that the maximum negative velocities would represent the maximum increase in density and
then normalized to a mean value of unity (see solid curve of Figure 3.16). The amplitude of the correction
function was varied to model the flux values of the Ha line and represent the density variations required
to fit the wind lines. As argued in section 3.5 we suggest that the v,,q-curves of the photospheric lines
are caused by pulsations of the stellar surface which might introduce density perturbations into the wind.
Using again a beta-law for the propagation of the density variations, the time needed to reach the Balmer
line forming region depends strongly on the value of 3. This time delay was accounted for by shifting
the density correction function backward in time until a good agreement with the Ha variability was
reached.

We have also varied the velocity law for the density perturbations and the input mass-loss rate to study
their effects on the dynamical wind. All other parameters were taken from the previously derived static
model.

Even allowing the whole envelope to change its density by 50 %, the variations of p are not suffi-
cient to explain observed variations of the Ha emission strength if used with low M values (about
7-15x 1076 Mgyr—!). With higher mass-loss rates, i.e. M larger than ~20x 1079 Mgyr~!, we can
reproduce the intensity variations of the Ha emission, however then the line shape is not fitted well, i.e.
the emission and absorption components of the P Cygni profiles are wider than observed and the emis-
sion component is too strong. Furthermore in order to achieve the correct time alignment of the observed
and modeled LPVs we need to shift the density perturbation curve 80 days backwards to account for the
time delay of the traveling features when using the same value for the velocity law exponent as obtained
for the mean wind (8 =4). However this means that we use an inaccurate correction function: our ob-
serving runs are not long enough for the adopted vyoq (He 1 A5876) curve to reach back in time as far as
needed. Thus we cannot model the Ha emission variations with density perturbations if the travel time
scale is greater than the observing run. Smaller 8-values yield shorter time delays but then the density
perturbations (even up to 50 % of the whole wind density) are too small to achieve the observed emission
variations. The lower plots of Figure 3.33 illustrate the described p—model behavior.

In conclusion we can say that realistic density variations on the order of 10—20 % (as e.g. observed
in B supergiants by Rivinius et al. 1997) cannot cause the observed Balmer line variations. Note that
because of this circumstance, HD 160529 could have significant density variations in its outflow without
providing directly observable spectral symptoms. The reason for this situation might be that the wind
conditions are close to the previously discussed self-absorption parameter space: increasing the wind
density even in large amounts might not achieve a significant increase in the line emission if the opacity
in the wind gets optically thick and acts as a counter measure.
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Variations of the Continuum Flux

As described in section 3.5.3, variations of the continuum flux have immediate effects on the corre-
sponding spectral lines when the spectra are normalized. We have used the same correction function as
in the previous density variation models. Again we varied the amplitude of the correction curve to fit the
observed emission line variations but this time did not include a time shift.

The top/right plot in Figure 3.33 is the result of a model run using an amplitude of about 5 % in the
continuum flux variations. We can see that the model reproduces the observations very well: the line
shape and variation patterns as well as the time dependencies are all fitted nicely. As consistency tests
we have calculated dynamical models for H@, H-y and Hé using the same correction function and obtain
again very good fit results (see the top plots of Figure3.34 for the observations and models of the HS line
in 1993). We conclude from the good fit results that variations of the underlying continuum are probably
the main cause of the observed wind line variabilities.

In the lower plots of Figure 3.34 we show the observed dynamical spectra of Hy and Hé in 1993. These
lines exhibit the same behavior as Ha and Hf3, although they are much less influenced by the stellar wind.
Careful inspection of the dynamical Hd spectrum in the lower/right plot of Figure 3.34 detects a faint
emission component for Hé as well, that follows the same behavior as the Ha—Hy lines. Furthermore
the non-saturated absorption components of Hy and H§ show no significant signs of radial velocity
variations as would be expected for outward moving density enhancements like blobs or shells so that
these LPVs also support the argument for continuum flux variations. The small intensity variations in the
H+y and H¢ absorption lines could be due to slight changes in the ionization balance of the metal lines that
may affect the line intensities without radial velocity changes. However, to disentangle the contributions
in detail, better numerical models are needed, so we postpone further studies to a later time.

3.8 Summary and Discussion

For the first time the galactic Luminous Blue Variable HD 160529 was observed spectroscopically over
a time period of four years (1992 —1995) on 55— 129 consecutive nights per year. These observations
provide a unique data set with high spectral and temporal resolution to examine the observed variability
and study the dynamical mechanisms in LBV atmospheres.

By studying the dynamical behavior of selected diagnostic spectral lines we have probed the conditions

at various depths of the stellar atmosphere. We can distinguish four classes of diagnostic lines'*:

1. Photospheric lines: these lines are always in absorption and show quite symmetric line profiles
with v;,q-values of 0—20kms~!. Their variability patterns are very regular and follow sharply
defined time scales of 92.5+1 days. Examples are: He 1 A5876, Mg 11 A4481 and Si 11 A6347.

2. Transition lines: these lines have profiles with shallow blue wings, absorption components with
Vraq-values between ~15 and ~60km s~! and sometimes weak emission components. Their vari-
ability patterns are very complex and irregular and they exhibit time scales with low power on the
order of 20— 115 days. Examples are: Ti Il A4468, Fe 11 A6248 and H¢.

3. Wind lines: these lines have P Cygni profiles with strong emission components and absorption
components with v;,q-values greater than 60kms~!. Their variability patterns are less regular
than the photospheric lines and have larger pseudo-periods of about 114 — 127 days. Examples are:

Ha, HBG and Hy.

41n this chapter we assume negative v,4-values for all absorption lines and a systemic velocity of Vsys =—17 km s~* to be
subtracted from the discussed radial velocity values.
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4. Envelope lines: these lines are excited at temperatures much lower than Teg and have profiles with
multiple absorption components (vyaq > 60kms™!) and weak emissions. Mainly the absorption
line strengths are variable but slowly outward moving features might be possible as well. The
complex line profiles, and in particular the ISM and hydrogen line blends, prevent reliable results
from Fourier analyses or model fits. Examples are: NaT and CaTl lines.

We called the second group of spectral lines transitional because their line profiles and radial velocity
values indicate that the respective line forming regions are influenced strongly by both the photospheric
variability mechanisms and the wind conditions. Thus these lines are in a transition region between
the two extreme atmospheric conditions (i.e. wind dominated or photospheric). Note that this transition
region encompasses the sonic point with velocities around 15—20km s™!; hence its conditions strongly
influence the main wind parameters M and Voo (see section 3.7).

A detailed study of the above line classes is necessary to achieve good constraints in the model calcu-
lations of the respective spectral analyses and learn more about the conditions in the extended stellar
atmospheres of LBVs.

In the following sections we summarize and discuss the results from our observations and analyses. We
also present some thoughts about the possibilities of binary systems causing the observed variations and
draft future prospects in this research area.

3.8.1 Summary and Discussion of the Results

Studying the mean spectra of the respective observing cycles we can see that the photospheric lines are
basically constant on a yearly basis (see Figure 3.1 a—e) indicating that the average photospheric condi-
tions remain constant over the whole observing campaign. However, the transition, wind and envelope
lines exhibit significant year-to-year variations (see Figures 3.1f, 3.2b—f and 3.6). A closer study of
the time dependence of the LPVs, in particular using dynamical spectra, reveals that all spectral lines are
variable on a time scale of days. The respective dynamical quotient spectra show that the variations occur
as pseudo-absorption and emission features that are symmetric about the systemic velocity. Usually the
LPVs patterns are stationary and mainly vary in their strengths but occasionally prograde and retrograde
moving variation features can be observed as well (see Figures 3.5 left, 3.8 —3.10 and 3.26).

The temporal variance spectra (Figure 3.13) confirm the above results but also allow a quantification
of the observed LPVs: the photospheric lines always show a double-peaked TVS profile that is quite
symmetric about the systemic velocity (around 'Usysi20—40kms_1). The separation of the peaks from
Usys 18 increasing with increasing radial velocity of the lines (e.g. in 1992 the peaks of the He I A5876
line are at vgys£25 kms~!, while they are at Vgys 40 km s~! for the SiIr A6347 line). The transition,
wind and envelope lines exhibit additional blue-shifted peaks and generally more complex TVS profiles
indicating that, although the photospheric variability mechanisms are present in these lines, additional
effects contribute to their LPVs. The double-peaked structure of the photospheric TVS lines is indica-
tive of simultaneous radial and non-radial pulsations: the RP contribute mainly to the line wings while
NRP modes provide the main contribution at the line cores due to traveling bumps crossing the complete
profile. Kaufer et al. (1997 b) found a very similar situation in the photospheres of other BA supergiants.
The far blue-shifted TVS peaks of the non-photospheric lines can be explained by slowly outward mov-
ing density enhancements in the wind which might have been produced by previous shell ejections or
by wind interactions with the ambient medium moving at different velocities and building up density
enhancements in the interaction zones. Axially symmetric outflow structures (e.g. rotational modulation
of wind lines and corotating magnetic fields) as found in BA supergiants winds by Kaufer et al. (1996)
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cannot cause the observed TVS and LPV patterns, as such mechanisms fail to explain the retrograde
moving variation patterns and the non-existing counterpart of the far blue-shifted TVS peaks.

Note that we also did not see evidence for outward moving density enhancements in the LPVs or TVS.
This is in contrast to studies of Of supergiants (Eversberg et al. 1998) and W-R stars (Moffat & Robert
1992), which show TVS profiles that cover the whole line forming region and are interpreted as outward
moving density perturbations.

The equivalent widths (W}), radial velocities (v;,q) and intensities (I) of the spectral lines were mea-
sured with automatic routines using direct line integrations (for W) and Gaussian fits (for v.,q and I)
to get objective results. We see that vy,q variations dominate in the photosphere while W variations
are the major source of the wind-LPVs. Comparing the various spectral line values and the photometric
variations obtained during Sterkens’s LTPV program, we detect a correlation between these parame-
ters: as the equivalent width of Till A4468 decreases, the star gets brighter (y decreases), W) of Ha
decreases and the radial velocity of He 1 A5876 increases (see Figures 3.15right and 3.16). Using the
W, (Ti11 Ad468) curve as temperature indicator, we can interpret this behavior as an increase in tem-
perature (W (Ti A4468) decreases) thus simultaneously raising the continuum flux which decreases
Wi(Ha) in the normalization step of the data reduction. The time lag of the wind variations compared
to the W), (Ti11 A4468) variations indicates the existence of an additional mechanism that requires travel
time to affect the wind line regions. The sinusoidal v,,q curve of He 1 A5876 is consistent with radial
and/or non-radial pulsations at the stellar surface which could cause the observed atmospheric tempera-
ture variations and might also trigger density variations in the wind that could account for the mentioned
different time dependencies of the considered data curves.

The above spectroscopic and photometric data sets have been used in Fourier analyses to determine the
periodicity and dominant time scales of the variations. We find that the predominant time scales of
the photometric and spectroscopic variabilities are within a similar range, around 92 —127 days. The
photospheric periods are very closely defined at 92.5+1 days while the wind lines show a larger spread
of time scales (about 114 — 127 days). The analyses sometimes yield up to four additional shorter periods
with smaller power indicating a multi-periodicity of the LPVs. These minor periods are required for
a detailed reconstruction of the variability curves, while the dominant periods determine their general
behavior (see Figure 3.17). This result is consistent with the previous argument of pulsations causing
temperature variations that are immediately visible in all spectral lines (through the changing continuum
flux) and that wind lines are additionally influenced by density perturbations in the outer atmosphere
which do not affect the photospheric spectral lines but lead to different time scales of the wind variations.

To test the previous theories and get quantitative results for the atmospheric conditions in HD 160529
we modeled the mean line profiles and the observed LPVs with static and dynamic atmospheric codes.
We have chosen highly sophisticated plane-parallel codes (TLUSTY 194 and SYNSPEC 41) to model
the photospheric lines and relatively simple spherical hydrodynamic codes (SEIDYNAMIC) to model the
wind lines. We realize the shortcomings of these methods as LBVs are in a parameter range where ba-
sically all imaginable effects (expanding, possibly nonspherical, atmospheres, NLTE-effects, ...) can be
important. However, to get initial results of the dominating mechanisms at work in the respective atmo-
spheric regions, the above approaches appear justified and return reasonable results. The resulting main
stellar parameters of the mean photosphere are: Teg =11200K, logg=1.13, R, =168 R, M, =14 Mg,
Mz ams=40Mg, vsys =—17km ™!, vese =93km s ™!, Wpreax = 126 kms™, vsini=35km s~ &micro =
15kms™1, Prot break =068 days, Prot/sini =243 days, Prag fund =24 days and the mean wind models
yield: veo=140kms™!, f=4, vg=15kms™1, M=1110"° Mguyr~!. Here we have listed the results
from the photospheric analyses for parameters that provided different values from the wind-model fits as
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we expect that the approximations in the SEIDYNAMIC models yield larger errors than the TLUSTY 194
models whose results have been validated by various consistency tests (see section 3.6.1). Tables3.11
and 3.12 list all results of the different analyses together with the error ranges.

We note the rather large mass discrepancy between the current mass of M, =14 Mg, as determined
from the spectral line fits (via Teg and logg), and Mz s =40Mg, as indicated in Figure 3.22 by
comparing the location of HD 160529 in the Hertzsprung-Russell diagram with evolutionary tracks of
Meynet et al. (1994). We arrive at this result because we assume that HD 160529 is evolving to cooler
temperatures as we get the best line fits with models using solar abundances, thus indicating a relatively
young evolutionary status of this star. This argument is supported by the lack of forbidden nebular lines
(forbidden lines are excited by collisions into metastable levels which require high densities) and the
absence of a nebula around HD 160529'°: as most LB Vs exhibit a surrounding nebula (either formed by
strong dense winds, shell ejections and/or super-outbursts, see Nota et al. 1995), its absence suggests that
HD 160529 entered the LBV phase only recently and is not old enough to have formed an observable
nebula. To explain the mass discrepancy, we suggest that HD 160529 might have undergone various
evolutionary “loops” with high mass-loss phases. Such scenarios were proposed by Kiriakidis et al.
(1993) and Langer et al. (1994) for pulsating stars with M > 40 M, which could explain the large mass
loss of HD 160529 from the ZAMS to the current LBV state. These phases could also produce density-
enhanced shells in the envelope of HD 160529 which would account for the far blue-shifted absorption
lines that we have seen in the NaD and CaK/H lines.

Also notice that the rotational period (Prot/sini = 243+%2 days) is much larger than the time scales
derived from the Fourier analysis (92— 127 days). Even considering that Py /sini gives only an upper
limit for the period, purely rotational modulated mechanisms like magnetic fields on the stellar surface
seem unlikely.

The previously used temperature dependence of the Ti IT A4468 line is verified by TLUSTY 194 -models
in section 3.6.2, where we derive a variable temperature structure of the lower atmosphere in the range
of T =~ 10000—11500 K. Our previous arguments for PR- and NRP-modulated photospheric LPVs
are supported by radial pulsation models (courtesy of Dr. J. Guzik) using stellar parameters similar to
HD 160529, which yield global variations of radius, radial velocities and effective temperature similar
to our observed and deduced values (see Figure 3.27) and the reconstruction of the dynamical quotient
spectra of He 1 A5876 in 1993 by simple, low-order non-radial pulsation models (see Figure 2.26). In
general the observed LPVs have a more complex structure than the above example which we ascribe
to the previously indicated multi-periodicity of the pulsation modes. However, we can estimate the
meridional sectors from the simultaneous observed pseudo-emission or -absorption features and get a
maximum value of |m| <2.

From our SEIDYNAMIC-model fits of the wind lines we gain the following important results:

e The correct treatment of NLTE departure coefficients and electron scattering are essential to derive
reliable quantitative results from the Balmer line fits. The SEIDYNAMIC-models are not sophis-
ticated enough to yield good absolute parameter values but are nevertheless sufficient to reliably
estimate relative variations in the wind of HD 160529.

e We obtained different results for the mass-loss rate by fitting the wings and the emission com-
ponent of the Ha line (i.e. the M-values of the line-wing fits are a factor of 2-5 larger than the
line-emission fits, see Figure 3.28). Taking these results at face value could indicate significant

15Nota et al. (private communication) imaged HD 160529 in various filters with the STScI-coronograph mounted at the NTT
and failed to detect an obvious nebula.
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clumping as the strength of electron scattering wings is proportional to the density, whereas the
total line emission is proportional to the density squared (Hillier 1991). However the simplifica-
tions in our models (in particular the incorrect treatment of electron scattering and NLTE and the
core-halo approximation) prevent conclusive results.

e The determination of M using Balmer line fits is additionally complicated by the closeness of
the wind conditions in HD 160529 to a self-absorption regime of the outflowing matter: as M is
increased to more than about 20x 10~ % Mgyr—! the model Ha emission line strengths cease to
increase and reverse their dependencies on the mass-loss rates. We speculate that this behavior is
an opacity effect where, at a certain value of M, the wind material gets so dense that it becomes
optically thick and starts absorbing the radiation from deeper atmospheric levels, thus “blocking
out” the emission line core radiation from deeper atmospheric levels and decreasing the observable
emission line strength.

e We observe variations of the Ha profiles in the mean yearly spectra that are not visible during
the individual observing cycles, i.e. blue-shifted, broader absorption and smaller emission inten-
sities. We could reproduce this behavior by changing the v, values in the models while keeping
all other parameters constant (see Figure 3.32). Note that varying M did not produce satisfac-
tory Balmer line fits, indicating that changing conditions in the supersonic part of the wind cause
these particular LPVs (in first order approximation mass-loss rates are determined by the condi-
tions below the sonic point while terminal velocities are controlled in the supersonic regions). We
conjecture that ionization changes in the extended wind regions might be responsible for these vari-
ations: we have seen evidence for a variable temperature structure of the transition region (variable
Ti 11 A4468 lines) and found indications for changing densities in the wind regions (time lag from
photospheric- to wind-LPVs and possible radius variations). Both parameters have strong effects
on the ionization structure of the outflow material in BA supergiants (Kaufer et al. 1997 a) and
could cause the observed LPVs. Supporting this argument is the bi-stability mechanism around
Tesr = 10000 K found by Lamers et al. (1995), that is presumably caused by changes in the ioniza-
tion balance of singly ionized metal lines.

e To explore connections between the photospheric LPVs and the wind variabilities during an ob-
serving run, we used the vyaq-curve of He 1 A5876 as best indicator of the photospheric conditions
to create a “correction” function that was multiplied with the examined parameter values. We find
that changing the wind density does not produce good fits for the dynamical spectra while varying
the continuum flux reproduces the temporal dependence of the Balmer lines very well (see Fig-
ures 3.33 amd 3.34). Note, however, that in our models density variations in the range of 10—20 %
(as found in early-B hypergiants by Rivinius et al. 1997) do not produce large observable effects
on the Balmer lines (probably due to the above mentioned self-absorption mechanism) so that sig-
nificant density variations might occur in the wind of HD 160529 that would be undetectable in
the optical spectra.

The line profile shapes (P Cygni-type with multiple absorption components) and fast LPVs (time scales
of days) of the NaT and CaTI lines signify strong stellar contributions in these profiles. Usually these lines
are very weak in BA supergiant spectra (apart from the ISM lines) because the atmospheric temperatures
are too high. However, assuming the temperature drops monotonically with a shallow power law, as
indicated in section 3.7.1, then the NaD and Ca K/H resonance lines would be formed far out in the
stellar envelope where the temperature is low enough to allow for recombination of these lines. It is
conceivable that at this distance the wind runs into previously ejected, slowly moving material (which
might have occurred in the evolutionary loops with extreme mass-loss rates as suggested above to explain



84 3 Spectroscopic Variability of the LBV HD 160529

the discrepancy between the current mass and Mz 4s5) or the ISM. In either case the density of the
outflow increases drastically in the interaction zone and shocks occur that might excite the sodium and
calcium lines. Ultimatively, nebulae form out of these interaction regions. The fact that no nebula was
detected around HD 160529 supports our previous argument that this star only recently left its main-
sequence state to become an LBV. Note that, if the envelope-line forming regions are at a distance of
about 50 R, or more, wind material traveling at an average speed of about 200kms~! would need at
least one year to arrive at that location (light travel times would be on the order of hours). Thus the
variations of the NaD and Ca K/CaH lines are difficult to correlate with the observed photospheric- and
wind-LPVs. We refer to chapter 12 of Lamers & Cassinelli (1999) and the suggested reading references
there for further information about possible outer envelope developments of stellar winds.

Comparing our results with the findings of Kaufer (1996) we can see that the photospheric variations
of HD 160529 are rather similar to those found for other normal BA supergiants: although our LPVs
exhibit higher amplitudes, the principal mechanism of the line variabilities can be attributed to radial and
non-radial pulsations in both cases. The wind variations, however, are different in our study: we find a
close connection between the wind and photospheric LPVs through the continuum flux variations while
normal BA supergiants wind variations seem to be disconnected from the photospheric LPVs. Rather
they are dominated by rotational modulations for which we found no evidence in our study. Outward
moving density perturbations in the inner wind regions, as reported by Rivinius et al. (1997) in early-
B hypergiants, have not been found in our spectra. As already mentioned by Kaufer (1996) we stress
again the importance of the ionization structure in the stellar outflows for stars with temperatures around
Teg ~ 10000 K, which needs to be calculated in detail to get correct quantitative results for the wind
parameters.

Concluding we find that low-order radial and non-radial pulsations can consistently account for all the
microvariations of HD 160529: RPs and NRPs directly affect the stellar surface and can explain the pho-
tospheric LPVs. They can also induce the wind variations via temperature fluctuations, which in turn
influence the continuum flux and the ionization structure of the wind, and might trigger density varia-
tions in the stellar outflow, which would explain the slightly longer and more irregular time-dependent
behavior of the wind-LPVs (note that the dynamical time scale for the Ha line forming region around
1-5R, is on the order of a few days to weeks).

Analyzing the causes for the pulsations themselves is beyond the scope of this thesis. However recent
research of strange mode instabilities (SMIs) provides promising mechanisms as these SMIs seem to
occur naturally in stars with high luminosity-to-mass values, which correspond with the evolutionary
phases of LBVs (see Glatzel 1997, 1998). More detailed calculations with hydrodynamic codes that
consider the important effects found in this thesis, will deliver quantitative results to gain further insight
into the LBV mechanisms.

3.8.2 Notes about a Binary Scenario

It is well known that about 30 — 50 % of OB and W-R stars are binary systems (Vanbeveren 1994, Kenyon
& Gallagher 1985). If we assume that LBVs are a standard evolutionary state for essentially every
massive star, then the LBV populations should reflect the above binary fraction. However of the 25—
40 well-known LBVs and LBV-candidates (Bohannan 1997 lists 31 recognized LBVs) only three are
established binaries (i.e. HD 5980, R 81, 7 Car). It follows that the companion star, if present, is difficult
to detect. A possible scenario is that the companion star(s) is (are) buried in a common envelope. For
HD 160529 the flux distribution is known over a wide wavelength range (see Blomme et al. 1997) and
thus a distant companion (no common envelope) would have probably been detected in the spectral
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energy distribution (although it might be hard to see for very hot or very cool stars or if the companion
has the same spectral type). Also the variations induced in a binary system are usually much better
defined (i.e. have very distinct periods) and have longer time scales (e.g. 5.5 yrs for n Car; see Damineli
1997) than what we observe in HD 160529. However the periods of a very close binary system with
HD 160529 as the giant component could be similar to the time scales that we observe in the LPVs
(order of weeks to months).

A common envelope scenario is most likely the case for nCar: e.g. Lamers et al. (1998) suggested a
close binary scenario with a separation of 15 AU and two massive stars (60 -80 Mg and 50—-70Mg).
The strong wind interaction of those massive stars could produce the observed bipolar structure of the
Homunculus nebula (see page ¢z of thesis) and account for the discrepancies in the element abundances
of nebula and nucleus as well as exhibit the previously found 5.5 yr periods in near infra-red spectral lines
and photometric data (Damineli 1997). Kenyon & Gallagher (1985) proposed an even more complex bi-
nary model with an accretion disk mimicking a photosphere of a rather cool temperature (~10000 K)
dominating the luminosity of the whole system with radiation pressure instabilities that may cause addi-
tional variations.

It is conceivable to imagine a scenario where the common envelope of a binary system emits the radia-
tion that we considered as photospheric and a small companion star rotating around HD 160529 at a short
distance would introduce disturbances of the common envelope in a way that would cause the observed
spectral and photometric variations. In fact, Tubessing et al. (1999) analyzed photometric and spectro-
scopic data of R 81 and derived a period of about 74.5 days from the photospheric data and observed
variations of the Ha line that are similar to the time scales and LPVs of HD 160529.

However, even in the above three case of LB Vs that are expected to be binary systems, their variability is
not necessarily dominated by binary interactions. Following the principle that the simplest explanation
which accounts for all the observations has the highest chance of being correct, we favor the model of
pulsations being responsible for the observed LPVs in HD 160529.

Using the above binary fraction of OB and W-R stars we can also draft a counterargument: as all LBVs
are known to be variable but not all LBVs are binary systems, the binary system interaction cannot be
the sole mechanism of the LBV variability. In contrast hydrodynamical models of hot stars show that
pulsations occurs naturally when the luminosity-to-mass ratio gets as high as observed for LB Vs (Glatzel
1997) so that this mechanism is a more likely candidate to explain LBV variabilities in general.

3.8.3 Future Prospects

The simple models that we used in our analyses were appropriate for our goal of getting first results
and indications of the physical mechanisms at work in the atmosphere of HD 160529. The huge amount
of data that were collected and analyzed here made this step necessary as calculating physically correct
models for each spectrum would be beyond the numerical capabilities of present day computer facilities.

With this first step completed, it is now important to see what effects the neglected physical mechanisms
have on our results. Very sophisticated models exist now to treat various effects like shocks (Feldmeier
1995), clumping of outflows (Feldmeier 1999), corotating interactive regions (Owocki 1999), pulsations
(Guzik et al. 1999, Glatzel 1997) and “unified codes” that calculate photosphere and wind simultaneously
without simplifications like the Sobolev or the core-halo approximation of our models and apply a correct
treatment of electron scattering mechanisms (Santolaya-Rey et al. 1997).

All the listed mechanisms might be important in the atmospheres of LBVs and contribute to their spectral
variability. The unique data set presented here is available to the scientific community (published on
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CDROM by Stahl 1995) and can be used to test the various effects.

In particular calculations of the exact line forming regions (e.g. photosphere including the influence of the
stellar wind), have to be carried out for a detailed analysis. First attempts have been made by the author
and collaborators using the ISA/WINDSPEC-codes of Alex de Koter & Ivan Hubeny and EMISSEI of
Henny Lamers & Jeroen van Gent, and the initial results have been presented by Ging et al. (1997).
Further studies are needed to improve the results obtained in this research project and collaborations in
this field are currently in progress.



Chapter 4: Wind Structure and Mass Loss in LBVs

4.1 Introduction

It has been known for some time that the broad emission line profiles of W-R stars exhibit narrow-line fea-
tures in emission as well as absorption (e.g. Brown & Richardson 1995). The narrow emission features
are likely to be due to regions of locally enhanced densities, indicating clumping and/or asymmetries in
the wind structure. These effects have dramatic consequences on the derived wind parameters: including
inhomogeneities is an important contribution in the calculation of precise mass-loss rates which might
significantly affect the stellar evolution of these massive stars and provide clues whether the winds of
LBYV stars are driven by radiation pressure alone, or whether other driving mechanisms, such as stellar
pulsations and shocks, may be significant.

Several factors indicate that LBV stars too may have irregular or clumpy winds:

e [LBVs are known to have variable mass-loss rates and/or to shift in and out of the W-R phase (e.g.
AG Car, see Leitherer et al. 1994).

e Infrared observations with the ISO satellite indicate the existence of inhomogeneities in the cir-
cumstellar envelope of the LBV-prototype P Cygni (Lamers et al. 1996).

e Finally, coronographic images of LBV nebulae exhibit clumpy substructures (Nota et al. 1995).

Systematic studies of inhomogeneities in spectral lines have been carried out by Moffat & Robert (1992)
for W-R stars and by Eversberg et al. (1998) for the Of supergiant ( Pup where outward moving stochas-
tic substructures were found in the wind lines. In these objects the wind speeds are an order of magnitude
higher than in LBVs so inhomogeneities can be found in relatively low-resolution spectra. In LBVs how-
ever, we need spectra with a resolution of better than ~10kms~! (approximately the thermal velocity).

A systematic survey of such observations has so far not been attempted. Consequently we applied for
observing time and acquired high-resolution spectra of LBVs to tackle the question of substructures in
LBV winds. The quality (i.e. high S/N ratios) of the spectra is equally important to their resolution in
order to distinguish real line features from the background noise. These conditions served as constraints
for our target selection: we aimed to observe as many LBVs as possible at a given site to get results that
might be generalized for all LBVs and required that the objects are bright enough to achieve a S/N ratio
of about 100 per spectra with resolutions greater than 50 000.

Note that the plots and discussions in this chapter are “work in progress”. We do not attempt to analyze
the spectra here or make conclusions about the physical mechanisms and outflow geometries. Rather we
present the spectra and discuss the observed line profiles with emphasis on the detected inhomogeneities
(in section 4.3). The merit of presenting these high-quality (high-resolution and high S/N) spectra in this
thesis is to publish the data and make it available as a general reference to the astronomical community.

Initial simple models of the P Cygni spectra have been carried out by the author and collaborators (see
Ging et al. 1997). More sophisticated models, using the “unified” code of Dr. J. Puls, are planned and
collaborations with the Munich group around Dr. R. Kudritzki are in progress, but will be presented in a
future paper.
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4.2 Observations and Instrumentation

The observations for this ultra-high resolution project have been carried out with different instruments
on three observing sites. This allowed us to observe most confirmed LBV brighter than V' < 11.0 in the
Galaxy and the Large and Small Magellanic Clouds. We aimed to cover the whole optical wavelength
range with our spectra and achieve a typical S/N ratio of 100 for a single, well exposed spectrum with a
resolving power of at least 50 000. A detailed description of the obtained spectra is presented in following
sections for each observing run.

As a constraint we set the maximum exposure time to 1 hour to avoid the excess accumulation of cosmic
ray hits and took multiple exposures of the same object. This allowed us to remove cosmics effectively
and check for short-term variations in the line profiles (as previously detected for hot stars of various
spectral and luminosity classes; e.g. see: Kaufer et al. (1996) for § Ori (B8lab), Eversberg et al. (1998)
for ¢ Pup (O4I(n)f) and Moffat & Robert (1992) for W-R stars).

Due to the echelle configuration the cross-dispersed spectra from our observations at UCLES/AAT and
CFT/KPNO covered the optical wavelength range almost continuously. For our observations with CES
we had to select specific “observing windows™ since the long-slit configuration allowed a maximum
wavelength range of only ~ 80 A and a concatenation of about 50 windows to cover the whole optical
range is not feasible. We concentrated in this case on the highest Balmer lines and some diagnostic He 1,
Fe11, Si11 and Mg1I lines.

4.2.1 CF1/KPNO

The observations were carried out on May 20—22, 1996 with the spectrograph at the Coudé Feed Tele-
scope (CFT) at the Kitt Peak National Observatory (KPNO). We used various gratings and setups to
ensure an optimal throughput and the large F3KB—CCD (3072 x 1024, 15 um pixel) to cover a wide
wavelength region. The spectrographic setup resulted in a pixel dispersion of approximately 0.017 A/pix
at 4000 A and 0.025 A/pix at 7000 A. The spectral resolution was measured from the FW HM of the
NaD and CaK/H ISM lines to be R~ 100 000.

The instrument was not changed during the night to ensure the necessary stability to enable consistent
high-quality calibration exposures.

With counts ranging from 3000 to 40000 ADU we stayed in the linear range of the CCD response
(~0.1 %). The only exception were the red exposures of aw Leo where we reached a maximum countrate
of ~60 000 ADU (CCD linearity ca. 1 %).

To obtain an optimal data calibration we collected a series of bias and internal flatfield exposures three
times per night (i.e. at the beginning, middle and end) and took Thorium-Argon (ThAr) images about
once per hour. We also observed a couple of standard stars to check for the reality of weak features (e.g.
by observing fast rotating stars with similar spectral type we got the positions and strengths of telluric
lines affecting our spectra). The complete observing log is given in Table 4.1.

4.2.2 UCLES/AAT

The observations at the Anglo-Australian Telescope (AAT) were carried out by Dr. Jessica Chapman on
October 3 and 4, 1995, with the University College London Echelle Spectrograph (UCLES) mounted at
the 3.9 m telescope!. The Tektronix CCD (1024 x 1024 pixel, pixel size: 24 x 24 pm) was used with two

1 The data from additional observations with this instrument in January 1996 could not be utilized: due to a software error
the cross disperser was moved at a random time after the initial setup. This resulted in an arbitrary shift in the dispersion
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Table 4.1: Observing campaign at CFT/KPNO. The S/N values are
taken around: @ : A = 4500 A, b : A = 5400 A, ¢ : A = 6100 A.

Object V Exposures Date Spectral range typ. S/N
aleo 135 4x200sec May?20, 1996 3925-4665A 150¢
4x200sec  May21, 1996 4460-5700A  190°
4x200sec  May22,1996 5413-7055A  250¢
pLeo 3.85 3x1000sec May?20, 1996 3925-4665A 110
3x1000sec May21, 1996 4460-5700A  135°
4x1000sec May?22, 1996 5413-7055A  175¢
THer 3.90 2x1000sec May20, 1996 3925-4665A  90°
2x1000sec May21, 1996 4460-5700A  115°
3x1000sec May22, 1996 5413-7055A  140°
PCyg 4.81 7x1500sec May?20, 1996 3925-4665A 60®
5x1200sec  May20, 1996 3925-4665A  85°
6x 1500sec May21, 1996 4460-5700A  85°
4x1200sec May21, 1996 4460-5700A  85°
3x1100sec May21, 1996 4460-5700A  85°
6x 1500sec  May22, 1996 5413—-7055A  130°¢
3x1300sec May22, 1996 5413—-7055A  130°
3x1100sec May22,1996 5413-7055A  130¢

gratings (31.6 lines/mm and 79 lines/mm) at three positions (central wavelengths (A.): 3949 A, 5417 A
with grating 31.6 and 5592 A with grating 79). This setup covered a wavelength range of 3600 A to
7240 A with a gap from 4450 A to 4580 A. In the red end of the spectrum (\ > 5770 A) adjacent echelle
orders of the same grating setup did not overlap; however the different free spectral range of the two
gratings minimized the resulting gaps in the spectra. For A > 6900 A we had only the highest two
orders of the 79 lines/mm-grating with large gaps available which showed almost only telluric lines. We
therefore confine the discussed wavelength region to 3600 —6800 A.

Both gratings give the same dispersion and differ mainly in the free spectral range. Thus averaging and
combining spectra during the data reduction did not affect the spectral resolution.

The intrinsic stability of this instrument is <0.01 pixels (= 15 m/s peak to peak) as measured with re-
peated 1 min exposures over one hour (AAO Observers’ Guide, 4th edition (1991), page 74). Returning
from a changed grating setting is possible with a typical RMS accuracy of 0.2 pixels.

The linearity of the CCD is better than 1% up to 7300 A with fringing in the red as the main con-

tributor; the readout is ADC limited to 65535 and never reaches saturation, which occurs at about
450000 electrons/pixel.

The instrumental setup resulted in a pixel dispersion of 0.077 A/pix at 7200 A and 0.036 A/pix at 3600 A
which yields a resolving power of R~ 50000 as measured from the FW HM of typical strong ThAr
comparison lines.

direction and moved the desired observing window out of the efficient region of the CCD (as the echelle response is a strong
function of wavelength offset from the center of the free spectral range, the S/N of the data dropped steeply). We are thus not
including those spectra in this observing sample.
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Table 4.2: Observing campaign at UCLES/AAT. The S/N values are taken
around the center of the corresponding wavelength region (i.e. A¢).

Object V' Exposures Date Ac Spectral range typ. S/N

R71 9.8 3x480sec Oct3,1995 3949A 3600-4450 A 20
3x480sec Oct3, 1995 5417A 4580-6950 A 25

2x480sec Oct3, 1995 5592A 4740-7240A 30

HD 160529 6.7 3x120sec Oct4, 1995 3949 A 3600-—4450 A 40
2x120sec  Oct4, 1995 5417A  4580-6950 A 130

2x60sec  Oct4, 1995 5417A  4580-6950 A 90
4x60sec  Oct4, 1995 5592A 4740-7240A 100

HD 168607 8.3 3x200sec Oct4, 1995 3949 A 3600-—4450 A 25
6x100sec Oct4, 1995 5417A 4580-6950 A 65
2x200sec  Oct4, 1995 5592 A 4740-7240A 100

3x100sec  Oct4, 1995 5592 A  4740-7240 A 75

HD 168625 84 5x180sec Oct4, 1995 3949 A  3600-4450 A 25
3x200sec  Oct4, 1995 3949 A  3600-4450 A 20

3x200sec  Oct4, 1995 5417A 4580-6950 A 75

4x 120sec  Oct4, 1995 5592 A  4740-7240 A 65

R40 10.7 3x600sec Oct4, 1995 3949 A 3600-4450 A 40
3x600sec  Oct4, 1995 5417A  4580-6950 A 60

4x600sec Oct4, 1995 5592 A 4740-7240 A 70

HD35980 9.3 3x600sec Oct4, 1995 3949 A 3600-—4450 A 50
3x600sec  Oct4, 1995 5417A 4580-6950 A 40

3x600sec  Oct4, 1995 5592A 4740-7240A 30

R 81 104 4x600sec Oct4, 1995 3949 A 3600-4450 A 45
4x600sec  Oct4, 1995 5417A  4580-6950 A 60

3x600sec  Oct4, 1995 5592 A 47407240 A 60

S Dor 10.0 2x720sec  Oct4, 1995 3949 A 3600-4450 A 55
1x720sec  Oct4, 1995 5417A  4580-6950 A 95

1x285sec  Oct4, 1995 5417 A  4580-6950 A 55

2x600sec  Oct4, 1995 5592 A 4740-7240 A 90

Bias frames, flatfield exposures of quartz lamps and Thorium-Argon calibration images were taken at
least once per hour and every time the grating setting was changed.

The complete observing log is given in Table 4.2.

4.2.3 CES/CAT

The observations were carried out on April 5—12, 1996 via remote control from the ESO headquarters
in Garching/Germany. The spectra were obtained with the Coudé Echelle Spectrometer (CES) which is
permanently fed by the Coudé Auxiliary Telescope (CAT) at the ESO/La Silla observing site.

We used the long camera and the ESO-CCD #38 (Loral/Lesser) with 2688 x 512 pixel, pixel size:
15x 15 pm (corresponding to 0.56 x 0.45 arcsec) which is the best available instrumental setup for op-
timizing throughput at spectral resolutions under 75 000. To maintain a high efficiency over the whole
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Table 4.3: Observing campaign at CES/CAT. The S/N values are taken from
the respective 4.th-band spectra (see multiband description on page 95) at the
continuum around the center of the corresponding wavelength region.

Object V' Exposures Date Spectral range  typ. S/N
HD94491 6.2 2x300sec  Apr05,1996 6523-6602 A 250
2x300sec  Apr06, 1996 6324-6392 A 240
2x300sec  Apr07, 1996 4835-4886 A 70
3x300sec  Apr08, 1996 44564504 A 70
2x300sec  Apr09, 1996 4320-4369 A 80
2x300sec  Apr10,1996 4320-4369 A 70
2x300sec  Aprll, 1996 4455-4503A 55
2x300sec  Aprl12,1996 63246392 A 250
HD80077 7.6 3x1800sec Apr05,1996 6523-6602 A 150
3x1800sec  Apr06, 1996 6324-6392A 140
3x1800sec  Apr07,1996 4835-4886 A 75
4x1800sec  Apr08, 1996 4456-4504 A 55
4x2400sec  Apr09, 1996 4320-4369 A 70
HR Car 8.6 4x1800sec Apr05,1996 65236602 A 120
4x2400sec  Apr06,1996 6324-6392 A 115
4x2400sec  Apr07,1996 4835-4886 A 70
4x2400sec  Apr08, 1996 4456-4504 A 60
4x2400sec  Apr09, 1996 4320-4369 A 70
4x2400sec  Aprl0,1996 4320-4369 A 65
AG Car 6.9 4x600sec  Apr05,1996 6523-6602 A 120
3x1200sec  Apr06, 1996 6324—6392A 135
3x1200sec  Apr07,1996 4835-4886A 90
4x2300sec  Apr08, 1996 4456-4504 A 100
4x1800sec  Apr09, 1996 4320-4369 A 125
n Car 6.2 4x1300sec Aprl0,1996 4320-4369 A 120
3x1300sec  Aprll,1996 4456-4504 A 80
4x1300sec  Aprll, 1996 4835-4886A 100
5x600sec  Aprl2,1996 6324-6392A 110
10x300sec  Apr12,1996 6523-6602 A 200
HD 326823 9.0 3x1800sec Apr05,1996 65236602 A 65
2x2400sec  Apr06,1996 6324—6392 A 70
2x3300sec  Apr06, 1996  6324-6392 A 65
4x2400sec  Apr07, 1996 4835-4886A 45
5x2400sec  Apr10,1996 4320-4369 A 40
2x2400sec  Aprll, 1996 4455-4503 A 40
HD316285 9.1 4x3300sec Aprl0,1996 4320-4369 A 30
3x3300sec  Aprll, 1996 4455-4503 A 25
3x1800sec  Aprll, 1996 4835-4886A 30
4x2400sec  Aprl12,1996 6324—-6392 A 75
4x3300sec  Aprl2, 1996 6523-6602 A 110
HD 169454 6.6 3x1300sec Apr05,1996 65236602 A 130
3x1300sec  Apr06, 1996 6324—6392 A 120
3x1200sec  Apr07,1996 4835-4886A 90
4x2300sec  Apr08, 1996 4456-4504 A 90
4x1200sec  Apr09, 1996 4320-4369 A 80
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observed wavelength region we selected the blue or red observing “path” at the crosspoint of 5200 A (as
recommended). The paths were never changed during the night to minimize the technical overhead time.
Except for the last two nights the observed wavelength ranges were also kept constant during the night
to maintain a high stability of the instrument and facilitate the wavelength calibration.

With relatively short exposure times of less than 40 min we generally avoided the A/D saturation of the
CCD. The linearity of this chip is better than 1 % up to a limit of approximately 100 000 electrons/pixel.
This limit was never reached in the continuum of our observed spectra (except the saturated exposures
of n Car which were taken out of the sample) but could be exceeded sometimes in the strong emission
lines (i.e. in Ha). We will consider this when we discuss the observed spectra individually later.

The instrumental setup yields a pixel dispersion of 0.029 A/pix at 6530 A and 0.019 A/pix at 4330 A
which resulted in a resolving power of R~ 60000 as measured from the F'W H M of a sample of strong
ThAr lines.

To obtain an optimal data calibration we collected a series of bias and internal flatfield exposures in the
beginning and end of the night and took a few Thorium-Argon (ThAr) images about once per hour. We
also observed a standard star to check for the reality of weak features (e.g. by observing fast rotating
stars with similar spectral type we get the positions and strengths of telluric lines affecting our spectra).
The complete observing log is given in Table 4.3.

4.3 Data Reduction

To reach the goal of this project and deliver excellent spectra with very high resolution and simultane-
ously covering a wide wavelength range we sometimes operated at the technical limit of the observing
instruments. Some reduction steps of the resulting data were thus quite challenging and a considerable
effort was spent to achieve the best possible wavelength calibration and continuum determination. To
facilitate similar projects in the future we give here a detailed description of the applied data reduction
procedures.

All spectra have been reduced with standard IRAF-routines for coudé and echelle spectra. The first
steps to remove the “detector signature” are always the same: trim the two-dimensional CCD image to
remove the overscan region and include only “good data”, remove DC-offset (i.e. subtract the bias level)
and correct pixel-to-pixel gain variations using flatfield (FF) images (i.e. divide the object frames by the
normalized flatfield exposures).

It is important to check that the flatfield images match the illumination function of the objects along the
spatial direction — a mismatch can produce artificial effects in the data rather than improving it! For
our data at the AAT a significant misalignment of the illuminated FF and object orders was detected and
consequently the flatfielding step was not carried out. Fortunately due to the excellent characteristics
of the CCD (linearity better than 1% and very good cosmetics) this has no significant influence on the
resulting flux measurements.

4.3.1 Cross-dispersed (Echelle) Spectra

We describe here the extraction, calibration and normalization steps that were applied to the cross-
dispersed images of our observations at CFT/KPNO. The deviations from this routine which were re-
quired for the UCLES-data are described at the end of this section.



4 Wind Structure and Mass Loss in LBVs 93

CFT/KPNO-Spectra

The combination of the CCD response and echelle blaze function produced a complicated instrumental
profile in these observations which can ordinarily only be corrected with a high order polynominal or
spline fit. This would in turn also remove the shallow broad wings of the emission lines in our P Cygni
spectra. We decided therefore to correct the instrumental profile in two steps:

L.

The blaze function was corrected with a second-order spline fit in the two-dimensional wavelength-
order frame. Merging the orders at this state would lead to ripples with a width of ca. 5 times the
width of a single echelle order and amplitudes of roughly 15 % of the continuum level as well as
artificial peaks at the positions of the order-overlaps due to the steep blaze-gradient at the order
edges.

. These effects can be corrected efficiently in the single order frame with a low-order polynominal

fit (3. order chebyshev function), leaving well rectified spectral pieces which can then be merged
into a continuous spectrum.

For aLL.eo we used a high-order spline function for the continuum fit in step 2 thus removing essentially
all broad stellar absorption lines (v;ot=329 kms~1). This left only non-stellar narrow features (e.g. ISM
and telluric lines) in its spectrum which we used to verify the detected narrow line features of the P Cygni
spectrum.

The individual reduction steps are given in the following outline:

The background subtraction and wavelength calibration was done with doecslit. We performed
two-dimensional spline fits between the orders to determine the background (e.g. the scattered
light) and used the optimal extraction algorithm to weight the spectral orders and remove cos-
mic rays. The dispersion was determined by interpolating the wavelengths of the closest ThAr
exposures.

The blazefunction was corrected by a two-dimensional second-order fit of a cubic spline function
in the wavelength-order frame using imsurfit. The relatively large residuals at the order edges were
removed by cutting off ~2 A on either side of the image frames, still leaving ample overlapping
regions.

The orders were then normalized separately (with continuum) using low-order (3 —4) chebyshev-
function fits at preset continuum windows. In a few cases where line contributions were visible
all across the spectral order (e.g. Ha, HB3) or when broad lines existed at the edge of the order the
adjacent orders were merged together before setting the continuum windows. In these cases the
blaze-correction produced well conformed overlapping regions so that the merger did not affect
the line profiles.

The now well-rectified spectral orders (especially at the edges) were then combined into a single
continuous spectrum (with scombine). We individually trimmed the orders before the merging and
applied two ramp functions to weight the spectra in the overlapping regions to make sure the line
profiles were not affected by this reduction step.

Finally the spectra were scaled to a heliocentric wavelength range using the middle of the exposure
time with dopcor.
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Some spectral lines (e.g. helium and hydrogen) have extremely broad emission wings (up to ~100 A for
Ha) extending far beyond the typical width of one echelle order (60—90 A depending on wavelength).
Our treatment of this problem (see above) makes the continuum-determination somewhat more uncertain
at these locations.

By comparing the overlapping regions of consecutive orders we estimate an average flux uncertainty in
our P Cygni spectra of about 1 % with occasional peaks of about 5 % around the broad lines of Ha, H3
and the strongest He T lines.

UCLES/AAT-Spectra

In our UCLES/AAT-spectra we normalized each order separately via division of a three-dimensional
spline fit. The parameter (sample range, order of fit function, ...) for corresponding orders at multiple
observations of the same objects were kept constant.

This simple approach leads to the same results as the more sophisticated method above if no extremely
strong or broad lines are found in the spectrum and adjacent orders overlap with each other which is the
case in the red range of our UCLES-spectra. In the blue range where the first statement is not fulfilled
our orders also do not overlap anymore. We did not have a standard star spectrum available which could
have helped with the continuum determination (see next section). Fortunately the broadest emission lines
(Ha, HB) always fell in the center of the corresponding order so the line profiles were not affected by
the gaps between the orders?.

In the final step we merged all normalized orders back to a single spectrum and averaged them to improve
the S/N ratio in a mean spectrum for each object.

The flux accuracy as measured from the difference of adjacent orders is generally better than 1 % except
around the broadest Balmer lines (usually only Ha and HB) and the strongest He 11 lines where we
estimate a continuum level uncertainty of ~10 % due to the applied simple normalization method.

4.3.2 Long-slit (Coudé) Spectra

The next reduction steps follow the same principles as in the case of echelle spectra but exclude the
specific routines dealing with the cross-dispersed data format. The following extraction and calibration
steps were applied to the CES/CAT data:

e Find spectrum on CCD. This was done automatically by looking for the strongest peak in the
spatial direction of the CCD frame. In a few cases where a strong ghost was present on the chip
we interactively assigned the correct aperture.

e Define extraction and background window. The data extraction windows were set to a flexible
width with the lower and upper aperture limits given at 5 % of the peak intensity. The background
region was defined in a fixed region to the left and right of the center of the spatial profile where
no ghosts were detectable.

e Trace the center of the spatial profile as a function of the dispersion axis. We used a low-order
three-dimensional spline fit for the tracing; the typically achieved fit quality had a standard devia-
tion of ~0.2 pixel (i.e. the light loss is negligible for a typical aperture width of 20 —30 pixel).

2The only exception are the spectra of HD 5980. Its emission lines during our observations were so broad and strong that
they extended over multiple orders. The final merging to form a continuous spectrum produced artificial steps in the line
profiles. We did not smooth these profiles any further since this would introduce subjective errors which would not improve the
spectra.
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o Sum the spectrum within the extraction window. We used the optimal extraction scheme with the
cleaning option to extract the spectra. This method creates a noise model of the data, performs
a variance weighted extraction and removes strongly deviating points (i.e. cosmic rays) from the
data. However the noise model is not reliable when the counts reach the CCD-saturation limit. In
the few cases when that happened we used the simple sum of pixels to extract the spectra®.

e Wavelength calibration. The dispersion was determined by interpolating the wavelengths of the
closest ThAr exposures. The dispersion function was determined by a three-dimensional spline fit
(typ. order: 7—10) with a RMS (root-mean-square) of 0.0010—0.0017 (max. 6\ < 0.008 A, max.
dv < 0.3kms~!). Figure4.1 shows the high accuracy of our data reduction which allows us to
take full advantage of our high resolution spectral observations.

In the normalization step we deviated from the previously developed routine for cross-dispersed data
to rectify the spectra: since the instrumental constraints of CES do not allow observation of a broad
wavelength region we had to concentrate on a sample of selected lines which were observed in high
resolution. The maximum width of a \-window in our setup was approximately 80 A (around Hev).

Due to this small range it is hard to determine the correct continuum curve from the LB V-spectrum itself,
especially around the strong Balmer lines where broad electron scattering wings complicate the situation
even further. Also none of our individual observing ranges overlapped with another so we could not
create a broad range by merging them.

We thus decided to use the continuum fit of our observed standard star HD 94491 as reference for all
objects observed in the same night with identical instrumental setup.

Since HD 94491 has no emission lines (and thus also no electron scattering wings) and if there are no
other irregularities in the instrument or from the star (which we can only assume here) its spectral contin-
uum should be determined by its temperature and the instrumental response function alone. Its spectral
curve after the wavelength calibration could be fitted very well at all observed wavelength regions.

To check these statements we compared the spectrum of a flatfield lamp (which is a very good ap-
proximation of a blackbody radiation) with the reference continuum fit. The good agreement of their
spectral curves supports the assumption that a single temperature Planck function can be used to model
the continuum of the standard star. In the case where HD 94491 had broad Balmer lines in its spectrum
(vsini ~ 183kms~!) we used the continuum fit of HD 80077 to double-check the reference continuum
curve.

HD 80077 is the most “well-behaved” (i.e. its mass-loss rate and variability are very low with respect to
its luminosity) star of our sample and has rather weak emission lines (compared to the other LBVs) and
thus also only weak electron scattering wings (if at all). This can be corrected by sampling the continuum
only in the regions outside the maximum width of the electron scattering wings. The electron scattering

2
wings were estimated via: v, = QT’Z—T with the Boltzmann constant k& = 1.380 10~ '685™" and the

s2K
electron mass m, = 9.109 10~28 g.

Using a rather high temperature of 30 000 K we get v, ~ 950 kms~!; we thus sampled regions more than
1000 km s~! away from the strong emission lines to account for the possible effects of electron scattering

3IRAF gives the option to produce a multidimensional spectrum where the variance-weighted, cleaned spectrum is put in the
first data-band, the unweighted, uncleaned spectrum (simple sum) in the second band, the sky/background spectrum in the third
band and the sigma spectrum (noise) in the fourth band. We activated this feature and checked its S/N values by calculating the
square root of the pre-normalized pixel-counts. Since the noise in our data is dominated by Poisson statistics the two methods
agreed usually quite well.
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Figure 4.1: The plot in the upper left shows an observed ThAr spectrum around 4480 A. The marked spectral lines

were found in the identification database and used for the dispersion solution. The non-linear part of the dispersion

solution is well behaved (middle left) and the residuals are very low (bottom plots).
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Figure 4.2: “Direct Continuum Fit” — spectrum of HR Car with continuum fit (2. order spline, dashed line) from
preselected continuum windows (£15 A away from He). Diamonds mark points rejected from the fit.

wings on the continuum.

Next we created a synthetic blackbody spectrum (with the task mkldspec in IRAF) with a temperature
of 15400 K corresponding to a spectral type of B 5V for HD 94491 (18 500K — B 21 for HD 80077)%
in the respective wavelength regions. Dividing the blackbody spectrum by the reference continuum
extracts the instrumental response function. Then we just had to multiply all object spectra with the
response function to correct for the instrumental profile. Since our reference continuum fit was not flux
calibrated we still had to normalize the spectra to unity which we did by dividing each spectrum with a
second-order chebychev function. This correction was basically a constant shift and thus did not affect
the individual line profiles.

This procedure is justified since the CCD is linear in the corresponding region (linearity better than 1 %,
see above) and the temperature of the standard star could be accurately accounted for®.

The superiority of our chosen procedure lies in the reduced user interaction which always introduces
subjective decisions. This is well illustrated in Figures 4.2 and 4.3:

Figure 4.2 shows the spectrum of HR Car after the wavelength calibration step with a continuum fit
(dashed line) that can be obtained by fitting the spectral curve in windows larger than 15 A away from
Ha. In Figure 4.3 we have overplotted the normalized spectra of HR Car from this “direct” continuum

“The spectral type was taken from the Bright Star Catalogues Supplement for HD 94491 and from Carpay et al. (1989) for
HD 80077; the corresponding temperatures are from Landolt-Bornstein, Volume 2b, Group VI, page 453.

5The used temperature of 15400 K was taken as a typical value of a B 5 main sequence star. Even inaccuracies of a few
thousand Kelvin would not change the Planck function very much in our wavelength regions since its peak is in the UV range
around 2 000 A and we observe in the optical wavelength region in the Rayleigh-Jeans part of the spectrum where the blackbody
function has only a small gradient (see section on flux accuracies on page 99 for details).
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Figure 4.3: Normalized Spectra of HR Car, solid line: “response function” normalization, dashed line: “direct
continuum fit” normalization.

fit (dashed) and after the normalization with the above described response function method.

The normalization from the “direct” fit (which seems quite reasonable at the first look) leads to a signif-
icant reduction of the Ha-emission strength and affects the whole line profile. Also the strength of the
surrounding electron scattering wings is greatly suppressed. Modeling this line profile would result in
inaccurate stellar parameters. In the case where no broad emission wings exist in the observed spectrum
window and the continuum is easily detectable, the two methods lead to very similar results.

In the last steps we adjusted the wavelength scale to the heliocentric system and combined the corre-
sponding object spectra (i.e. averaging the spectra using the mode as weight) to improve the S/N ratio.
Stronger “cosmetic” defects arising from bad pixel columns in the CCD were also corrected during this
time — almost no cosmic peaks could be detected, i.e. they were efficiently removed with the cleaning
process described on page 95.

Flux Accuracy

The flux accuracy is determined by the detector linearity, the uncertainty of the temperature of the star
used as reference for the continuum fits and the errors made by the fitting of the continuum itself. We
estimated the following contributions to the total flux uncertainty:

e CCD linearity: < 1%
e temperature: < 0.5 %

e continuum fit: ~ 0.5-9.0%



4 Wind Structure and Mass Loss in LBVs 99

The CCD linearity was taken from the CES/CAT operating manuals or the respective WWW pages
(http://www.eso.org/odt/cat cesllr 38/linearity.html).

The temperature uncertainty was estimated via the spectral type of HD94491: it is noted as BSV
(= T = 15400K) in the Bright Star Catalog Supplement and as B31V/ V (= T < 18700K) in
the SIMBAD archives. We assigned the two corresponding temperatures (table from Landolt-Bornstein,
Volume 2b, Group VI, page 453) as the uncertainty levels and got the percentage value by comparing
the corresponding Planck functions in the respective wavelength regions. As expected (see footnote on
page 97) the difference is quite small since we operate in the rather flat Rayleigh-Jeans region longward
of the maximum of the Planck function and in a narrow wavelength window.

The errors made by the fitting are the most substantial ones and, due to the involved interactive steps of
choosing the “right” fitting function order and the spectral ranges, also very subjective. We estimated the
errors here by comparing the temperature corrected fits of HD 94491 and HD 80077. Usually these two
curves agree to within less than ~0.5 % but reach a maximum difference of ~9 % at the broad Balmer
lines where the HD 94491-fit gets unreliable. The highly diverging continuum fits at the edges of the
CCD were eliminated by cutting off 1 -3 A on either side of the observed spectral range.

In summary we estimate the average flux uncertainty of the CES spectra to be less than 2 % with occa-
sional peaks of about 10 % around the broad lines of Ha and HS.

4.4 Spectral Characteristics of LBVs

In this section we describe the spectral characteristics of the mean optical spectra for each object with
emphasis on detected substructures in the stellar lines.

None of the LBVs showed significant variations (i.e. larger than the uncertainties in the flux determina-
tion) in their spectra during our short snap-shot series (our longest series was four times 55 min exposures
of HD 316285, see Table 4.3). Thus averaging the spectra only improved the signal-to-noise (S/N) ratios
of the resulting mean spectrum without smearing out spectral features. This of course does not mean that
the stars are not variable on longer time scales; we can only conclude that during our observations the
LBVs did not show any spectral variability greater than about 2 % on time scales of minutes to hours.

The most prominent spectral features deviating from the shape of the general line profiles are marked
by dashed vertical lines in the plots and are emphasized in the discussions. We restricted the marks to a
maximum of six lines per figure so that the plots remained clear. Note that even the averaged spectra are
sometimes not of sufficient quality to reliably detect and resolve all possible subfeatures and distinguish
them from line blends or noise.

Except when noted differently, the zoomed line plots were created from the heliocentric spectra and
were transformed into velocity space centered at the rest wavelength of the chosen lines (annotated are
the element name, ionization state and rounded laboratory rest wavelength for each specific spectral
line). Line blends (most notably He and CaH) can thus be distinguished in the v-space plots. We
always include all observed Balmer lines and the dominant helium lines in the plots as these lines are
usually used for modeling to derive stellar parameters. We also plot the sodium and calcium lines when
available, and sort all diagnostic lines in the plots by decreasing velocity to provide a rough measure of
the line-forming regions in the LB V-winds.

Since the spectrum of P Cygni has the highest quality (i.e. highest resolution and S/N ratio) and covers
the widest wavelength region and because this star often serves as prototype for analogies with other
LBVs we concentrate on the detailed discussion of its spectrum (in particular in section 4.5) and then
describe the remaining 15 object spectra.
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44.1 PCygni

Probably the most detailed analysis of P Cygni spectra has been carried out by Najarro (1995) but the star
has been studied extensively by many scientists over the years. However, there are still open questions
in interpreting observations, e.g.:

e Scuderi et al. (1994) found that the wind of P Cygni is fairly homogeneous: by fitting models
to the He line the authors find the same results for the mass-loss rates by modeling the optical
depth of the Ha line (proportional to the square of the density) as well for the electron scattering
wings (linearly dependent on the density). The asymmetric distributions of clumps as detected
in coronographic images of the P Cygni nebula (see e.g. Nota et al. 1995) are in contrast to this
result. Furthermore the existence of inhomogeneities in the circumstellar envelope of P Cygni is
also supported by recently obtained infrared observations with ISO (Lamers et al. 1996). This
leads to contrary pictures of the physical conditions in P Cygni’s extended atmosphere.

e The many observed forbidden lines in the spectrum of P Cygni probe the physical conditions of the
stellar outflows at large distances from the star (R > 100 R,). In a recent paper, Israelian (1995)
calculated a grid of theoretical synthetic spectra for P Cygni showing that line blending can mimic
the complex [FeIT] line structure. He challenged previous interpretations of these line profiles as
indications for inhomogeneities in the stellar wind.

e Markova (1994) reported line splitting and DACs in their P Cygni spectra but these features were
not seen in the spectra of Stahl et al. (1993). This contradictory result could be due to the lower
resolution of the spectra of Stahl et al. (1993) or a time dependence on the occurrence of the narrow
features, but it is also possible that some of the structures reported by Markova (1994) are due to
photographic noise (Markova’s spectra had a higher resolution but a much lower S/N ratio than the
typical spectra of Stahl et al.).

Our high-resolution, high S/N spectra of P Cygni should contribute to the understanding and solution of
some of the above mentioned problem areas.

We have used the averaged spectrum of P Cygni as published by Stahl et al. (1993) to compare with our
observations. Both spectra have very high S/N ratios (Stahl et al: ~2000, our data: ~450) but our data
has a resolution that is about a factor 8 higher than the one of Stahl et al. (1993). In our plots we have
included the data of Stahl et al. as small circles for some selected lines and a smoothed spectrum of our
data that has a similar resolution of ~ 12 000. It is clear that the lower resolution smears out the detailed
substructures of the observed lines (see left plots of Figure 4.4). However, it is also possible that Stahl’s
spectrum “lost” some fine line features due to the averaging of the spectra which are variable on time
scales as short as a few days but not on time scales of minutes to hours so that our observations are not
influenced by this effect.

We have found previously undetected wiggles in some line profiles: most notably the Ha, He 1 A5015,
NaD and CaH/K lines, which are visible in each individual spectrum. The detected features were
checked for telluric lines (by comparing the spectra with that of the fast rotator a L.eo) and pixel-to-pixel
variations on the CCD as well as effects from the merging the orders. The wiggles seen in the Ha and
some helium lines can be associated with telluric features. The helium features that are not identified
with telluric lines do not have corresponding counterparts in the other helium lines so we assume that
they are due to line blends from other stellar lines (see top plots of Figure 4.4). The NaT and CaTI lines,
however, exhibit features that appear at the same velocity in all lines and are not associated with telluric
lines (note that the high velocity features around 150 —230km s~! show corresponding absorption in the
modified a Leo-spectrum).



101

4 Wind Structure and Mass Loss in LBVs

-50 0
—-95 —30

60

50

12 92

-78

©  © © 0 — N © @© © 0N
>~ >~ >~ @ >~ <o
o @ © o <+ @ O ™ o o O
0 0 © 0 A U <t 0 0 <
- - — = — — =
[0} ] (SR [ o [ 9} o [
= = T = = = = T oD == =
T T T T T T T
—
- ) |
jm]
=
L = i
el
L o i
—
|- N -
o]
— (0] —
s
L [«] -
T e P I S S
J%o&o,\w \\\\\\\\\\\\\\\\\\\ 3 _3__
\obw/oJo\W \\\\\\\\\\\\\\\\\\\\ % 3 _ 4_
I T = SN = N NN, DR A SRS S
< [V (@) o <t

« Leo (10 x flux)

XN[] ‘[9d

—200 0 200 400 -400 —200 0 200 400

—400

—B67 —28

-163

N >~ ™
@ o~ = % % ™~ — >~ o) = m
>~ < > 0 Ye) © — o (@) o <
o o) ™ < < ) ~ 0 0 w0 ~
Yo} © © = = 0 0 — — — .
— — — = = = = = =
—_ =) =] =] — o] =
- — —- - —- [0) o) ) &0
n n (] n 0 z z = = F= =
T 7 T T T T W
|
<
— [aV]
D, A X T
| | |
o ol © o
Z Z & &)

o Leo (5 x flux)

XN[J ‘o1

—200 0 200 400

—-400

—100 0 100 200

—200

Vhelio [kM/S]

Vhelio [km /s ]

Figure 4.4: Selected line profiles of P Cygni in heliocentric velocity space. Successive spectral lines shifted by

—0.5dex in y are identified on the right side of the plots. The top numbers annotate spectral line inhomogeneities.
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In particular the absorption features around —33, —23, =7, 1 and 12kms ™! seem significant. We note
again that the lower resolution spectra are not sufficient to detect these features.

The problem now consists of separating the stellar contributions of the lines from the ISM absorptions. A
detailed study of the line profiles might resolve some problems (see e.g. Welty et al. 1994) but probably
the best way to distinguish the contributions is to study their temporal behavior. Initial examinations of
spectral time series of P Cygni using data from Stahl et al. (1995) indicate considerable variations of the
NaD lines on time scales of weeks to months. However for clear conclusions we might need to search
for even faster variations as recent STIS observations indicate that ISM clouds might be variable on time
scales of months (Leitherer, private communication).

Other atmospheric lines do not show significant substructures — the few features of the Sill lines are
most likely due to line blends as well. Note that most atmospheric lines exhibit the typical P Cygni
profile but that the SiII lines appear only in emission with a broad, triangular-shaped line profile. The
general line profiles of our spectra and the observations of Stahl et al. (1993) are thus very similar —
the main difference lies in the fine structure of the line profiles. The fact that the spectra remain fairly
constant is evidence that P Cygni’s atmospheric condition does not change much, confirming that the star
is currently in a long quiescent phase.
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In Figure 4.5 we compare our averaged spectrum with that of Stahl et al. (1993) for a sample of detected
[Fe11] lines. Even with our superior resolution it is not possible to further resolve the line profiles. The
wiggles on top of the line-plateaus could thus be formed by either blobs or clumps but are more likely
effects of line blending as suggested by Israelian (1995).

4.4.2 Observations at UCLES/AAT
HD 160529

The Balmer lines show the usual progression towards lower velocities for the higher Balmer lines. Ha
and H/ have strong emission and wide shallow wings. Around vpej = 15 km s~ ! the Hé and He lines
exhibit a weak narrow absorption feature that is faintly visible in Hy and H 8 as well. In higher and lower
Balmer lines the feature is not visible but that might be due to a suppression by the strong emission parts
in Ho and HQ and the gradual weaking of the higher Balmer lines. An alternative explanation would be
that this line-structure is actually only an apparent feature caused by the narrow emission part overlying
the broad absorption line. This scenario explains better that the line feature is at a positive velocity
and also explains naturally why it is only seen in a small range of Balmer lies (i.e. the decreasing wind
influence from the low to the high Balmer lines weakens the emission). In spectral lines other than the
Balmer lines this feature is not seen.

The photospheric lines show shallow blue wings extending to about —100 km s ~1. The Fe 11 \6248 lines
exhibit complex line profiles with three rather narrow absorption components and one emission compo-
nent. Similar profiles have been seen in our time series studies in the previous chapter which indicated
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Figure 4.6: Selected line profiles of HD 160529 in heliocentric velocity space.
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that this line originates in a transition zone between the photosphere and the wind and is highly variable.

The NaD and CaK lines exhibit a structure similar to the Fe 11 A6248 line in terms of complexity (i.e.
multiple absorption features and an emission part) but the line components are much more pronounced
with strong absorption features at —113, —78, —45, —25 and -5 km s~ 1. These features exist for all three
lines at the same velocity-location in the line profiles. As we have seen in chapter 3 the far blue-shifted
features are variable on a time scale of days to weeks, indicating that they originate from the star rather
than the ISM, thus providing a way to probe the conditions of the outer stellar envelope. Although the
Fe 11 A6248 line exhibits substructures at similar velocities, the line features might not be caused by the
same physical mechanism as Fe 11 A6248 is formed much closer to the stellar surface than the NaD and
CaK lines.

HD 168607

The Balmer lines of this star are slightly stronger than the ones from HD 160529 with similar broad
shallow emission wings mainly in Ha. In Ha we see an additional strong absorption component at —
132 km s~! which is also faintly visible in H3 and possibly in some photospheric lines (e.g. SiII A6347).

Only the dominant singly-ionized iron line Fe 1T A6248 is discernible and shows a faint P Cygni profile
— the weaker Fell and Till lines are not visible. Together with the line strength of HeI A5876 this
indicates a temperature of around 12 000 — 14 000 K which corresponds well with the B9 Ia spectral type
classification by Walborn & Fitzpatrick (2000).
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Figure 4.7: Selected line profiles of HD 168607 in heliocentric velocity space.
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Sharp substructures are seen only in the NaD and CaK lines with the most prominent ones at: —70, —44,
—27, -8 and Skms~!. Again the features are visible in all NaD and CaK lines at the same velocity.

HD 168625

The spectral lines of this star are quite broad, possibly indicating a fairly high rotation velocity.

The Balmer lines are relatively weak for this star: only Ha and HB show a P Cygni profile with rather
faint emission parts. A weak wind is also indicated by the rather symmetric absorption profiles of the
higher Balmer lines. Although the S/N ratio is not very high we can see a bump around —45kms~" in
Ha and Hp or alternatively an additional absorption part around —120 km s~ 1. Judging from comparison
of the absorption parts of the higher Balmer lines we favor the former scenario. The Ha-emission
additionally exhibits a dent in its peak around 70 kms~!.

The absence of Fe 1l and Till lines and the strong He 1 A5876 line indicate a stellar temperature higher
than ~16000 K. Note that Nota et al. (1996) observed the star around the same time and derived
Teg = 15000 + 2000 K and found an expanding shell with ~40kms~!. They observed also the nebula
around this star with an inner elliptical shell and two outer loops suggesting a bipolar structure typical of
LBV nebulae.

The NaD and CaK lines have almost identical profiles as in HD 168607 and in particular the exact
same substructure-velocities of =70, —44, —27, -8 and Skms~!. The line profiles and the closeness of
the HD 168625 and HD 168607 in the sky (separation ~62”) indicates that ISM clouds might be the
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Figure 4.8: Selected line profiles of HD 168625 in heliocentric velocity space.
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responsible absorbers in creating the NaD and CaK substructures. More features exist in these lines at
higher positive (i.e. red-shifted) velocities which are probably of interstellar origin as well.

HD 5980

HD 5980 is a binary system that experienced a major outburst in Oct/Nov of 1994 (Barba et al. (1995).
During our observations of Oct 1995 the system was evolving back to its previous state where it exhibited
a W-R type spectrum. However our spectra look actually rather similar to Nova outburst spectra (see e.g.
Ging 1993), indicating that we still see massive expanding shells in the Balmer and He line peaks. In
particular the peaks at —160, 0, 160 and 520 km s, that have the same shape and location in all Balmer
and He T lines, are evidence for massive shells or clumps, moving in outward directions away for the star.

Note that the extreme width of the spectral lines for this object sometimes exceeded the range of an
echelle order which produced the artifacts (i.e. flux shift in y-direction) in the spectral lines of H~y,
He 11 A4686 and He 11 A\5411.

S Dor

The Balmer lines of S Dor exhibit strong P Cygni profiles, the usual progression of the higher Balmer
lines and line wings for Ha on the order of 41500 km s~ *. Although the emission intensity of the Balmer
lines are in the same range as in P Cygni their FW HM is much smaller: ~100kms~! as compared
to ~200kms~! for PCygni. The absorption part of the Her line shows two components at 175 and
225kms 1.
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Figure 4.9: Selected line profiles of HD 5980 in heliocentric velocity space.



4 Wind Structure and Mass Loss in LBVs 107

The non-hydrogen lines show a variety of profiles: the Fe 11 A6248 and Ti 11 A4780 lines exhibit P Cygni
profiles with strong emission components (W (emission) ~ 5 x W) (absorption)). Siil A6347 exhibits a
reverse P Cygni profile with about equal strengths of the emission and absorption components. Note that
line profiles with absorption components on the red side of the emission have been observed in S Dor and
R 127 before, usually shortly after a historical maximum phase (Wolf & Kaufer 1997). The weak Fe 11
lines and He 1 A5876 are so faint that they are almost not discernible. The line strengths (in particular
H, He and Ti) indicate that S Dor was rather cool at the time of our observations — probably less than
9000 K. Note that in Oct 1999 S Dor was even cooler and exhibited F-type spectra with temperatures
around 7500 K (Massey 2000).

Again the fine substructure is visible only in the NaD and CaK lines at velocities of: 180, 206, 218 and
231kms !. Note that the galactic ISM components do not affect these line profiles as they are shifted
by the speed of the LMC (about 275kms™!); however the ISM clouds of the Large Magellanic Cloud
now contribute to the NaD and CaK lines. The dominating stellar components in those lines are broad
P Cygni profiles (in particular for Ca K).

R 40

The Balmer lines are relatively weak compared to other LBV spectra — only Ha and Hf exhibit emission
components. There is a possible line feature around 100 kms~! which is clearly visible in the H/3 line
and faintly detectable in Hy. He might be influenced by it as well but the line blend with CaH does
not allow a clear identification. H9 also shows a line inhomogeneity close to that velocity — although
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somewhat blue-shifted. The sharp peak at H 10 is an uncorrected cosmic ray event.

The metal absorption lines exhibit a small blue-shifted feature at vpelio = 155 km s~1, which was already
discovered by Venn (1997) in high-resolution, high S/N CASPEC spectra and was attributed by her to
a separate outflowing wind component. This component is also visible in the Na D lines in addition to
finer components around 110, 142, 165, 174 and 205kms~!.

Note that the host galaxy of R 40 is the Small Magellanic Cloud so that the galactic ISM lines are shifted
by about 160km s~! (i.e. they are the blue-shifted, sharp absorption line doublets around vpelio = 0)..

Venn (1997) found that R 40 could be reliably analyzed with methods developed for normal A supergiants
due to the small wind influence which might be due to the low metallicity of the SMC. The absence
of emission components in any spectral lines apart from Ha and HS confirms this result. Their low
temperature of ~8000 K as derived by comparisons with other A supergiants is supported by the very
weak He 1 A5876 and FeTr lines in our spectra.

R71

The Balmer lines of R71 appear notably different when compared to the other hydrogen line profiles:
the Ha and HQG lines look more like pure emission lines with a superimposed small absorption dip,
rather than the usual P Cygni profile. Thus the Balmer lines are highly reminiscent of B[e] stars where
equatorial disks create such profiles. In fact, R71 is known to have a surrounding nebula (Nota et al.
1997) and Waters et al. (1999) reported a detached dust shell as well. Also the higher Balmer lines do
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not progress towards lower velocities but rather remain fairly constant around 200 km s~!. The dominant
substructures are a strong absorption component at 155 km s~! and a minor one at 205 kms™1.

The non-hydrogen lines follow the “special” line form of the Balmer lines: while the singly-ionized
metal lines and SilII A6347 are very faint, the He 1 A5876 line actually exhibits two weak emission parts
on the blue and red side of the absorption component. The absorption itself might have substructures at
192 and 218 kms™!, although this could be an apparent effect of the low S/N ratio. The NaD lines also
are very faint and do not exhibit their usual broad stellar “background” profile. Instead only subfeatures
seem to exist which are not as well correlated within the NaD and CaK lines are seen previously in other
LBVs. The strongest substructures are seen in the Ca K line at 139, 160, 192, 218 and 243 km s~L,

R 81

R 81 is an eclipsing binary system. Its spectroscopic and photometric variations were recently analyzed
by Tubessing et al. (1999). The authors found strongly cyclical variation patterns with a period of about
74 days and suggested a morphology with circumstellar shells encompassing the whole system, to explain
the observed line profile variations.

In our spectrum we recognize the typical Balmer line P Cygni-type profiles with broad emission wings
in Ha and the progressive behavior of the higher Balmer lines. We can detect four distinct absorption-
substructures at 130, 155, 200 and 280 kms~!. The blue features remain fairly stable but the feature
around 280 km s~! seems to be progressing towards lower velocities. Note that the feature is very broad
in the higher Balmer lines and rather narrow in the He line where it is located on top of the emission
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Figure 4.12: Selected line profiles of R 71 in heliocentric velocity space.
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component.

As with R 71 we can hardly detect the metal lines in the spectrum but find a strong He 1 A5876 line with
shallow blue and red emissions around the absorption line. Also the NaD and CaK lines have similar
line profiles, where mainly the substructures can be seen. The dominant features are at velocities of 200,
221,251,267 and 280 kms™ 1.

We conclude that both stars might have similar photospheric parameters although their wind and outer
atmospheres are dominated by completely different processes. It might be possible to gain insights into
the respective dominating processes of each system by comparing its spectra with the spectra of the other
system, and so disentangle each system from its respective disturbing processes.

4.4.3 Observations at CES/CAT

In our CES/CATobservations we cover a much smaller wavelength region than in the other observations
and are thus restricted to discussing fewer spectral lines. However, we took care to observe important
diagnostic lines, like the strongest Balmer lines for wind diagnostics and the Mg 1T AMd481and Si 11 A6347
lines to get information about the photosphere.

In a few observations (e.g. n Car and AG Car) the Ha line was over-exposed in the spectra; the upper
part of the emission lines are not reliable in those cases and we cut off the unusable part when plotting
the Balmer lines.
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Figure 4.13: Selected line profiles of R 81 in heliocentric velocity space.
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n Car

71 Car is one of the most peculiar stars known. Although it has been studied extensively the system is
still far from well understood. One reason is the complex composition of 7 Car: it was recently found to
contain one or more close companion stars and it has a huge bipolar nebula with clumpy substructures
(see image on page ix) — for more information on this object we refer to the special study session in
the LBV-workshop ‘“Luminous Blue Variables: Massive Stars in Transition”, ASP Conference Series,
Vol. 120, eds. A. Nota & H.J.G.L.M. Lamers, 1997.

The spectra of ) Car deviate from all other studied LBV spectra here: they are characterized by extremely
strong emission lines, many of which might originate in the nebula rather than the star itself. Most
lines have general triangular shapes sometimes with finer substructures superimposed. It is hard to
distinguish the many nebular emission peaks from substructures of 1 Car’s spectrum itself. We note that
the Balmer lines exhibit at least three common smaller line inhomogeneities at velocities of —330, —160
and —75kms~!. The He1 and Si I lines exhibit a distinct structure around -42 km s~ that probably does
not exist in the Mg 11 A\4481 line.

AG Car

The perhaps most comprehensive analysis of AG Car was carried out by Leitherer et al. (1994). The au-
thors studied AG Car photometrically, spectroscopically and with polarization measurements over many
years to cover the typical LBV moderate variability cycle. When comparing their optical spectra with our
observations we find an excellent agreement with their spectra of May 20, 1992 when the star’s stellar
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rel. flux

brightness was increasing while its temperature was decreasing. Close to its visual maximum variable
absorption components were detected in the He lines and explained by discrete expanding shells moving
at constant velocity (they do not show radial velocity variations) with decreasing density (thus decreasing
the line strengths of the respective absorption components).

These results were interpreted as variable outflows with density enhancements in the equatorial plane.
The significant broad, shallow wings of the Ha line were attributed to electron scattering mechanisms
in the outflow. Leitherer et al. (1994) concluded that the wind conditions in AG Car are actually similar
to the ones of B[e] stars with slow, dense and faster, less dense winds occurring, that shape the spectral
behavior of AGCar. Finally the authors suggested that the mechanism responsible for the observed
variations has its origin in subphotospheric regions.

We conclude from the similarity of the spectra that during our observations in April 1996 the conditions
of the stellar atmosphere were similar to the ones in March 1992 and the same effects produce our
observed line substructures at -98 kms~! in the Balmer lines and —70, —25 and 70kms~—! in the HeT,
Mg 11 and Si Tl lines. The He 1 A4471 line is in strength and shape actually very similar to the Si,IT A6371
line but is shifted by about +95 km s~! with respect to it. Note that the above velocity measurements mark
the peaks of emission inhomogeneities in the respective spectral lines. Assuming shell ejections would
produce additional absorption components in the line profiles and we have to measure those to estimate
the velocities of the corresponding shell. However, here we just want to mark the most significant line
inhomogeneities so either method will suffice.
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Figure 4.15: Selected line profiles of AG Car in heliocentric velocity space.
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HR Car

As part of their study of the strongly bipolar HR Car nebula, Nota et al. (1997) obtained optical spectra
of this star in May 1995 and January 1996. In the later observation the continuum flux had increased
by about a factor of 12 and the Ha P Cygni-type line profile had changed significantly, i.e. a second
absorption component developed in 1996 and the emission component evolved from a flat top profile in
1995 to a regular emission line in 1996. The authors suggest changes of the opacity in the inner wind
regions as being responsible for the variations of the emission lines and shell ejections as possible causes
of the second absorption component. They also mention (as did Leitherer et al. 1994) the possibility of
radiative transfer effects creating the absorption components, as described by Hillier (1992).

In our spectra of April 1996 we see four significant subcomponents with the same velocities (i.e. —250,
—180, —110, -30) in the Balmer lines. The much stronger emission line and electron scattering wings at
Ha probably fill in the component at —30 km s~ *; nevertheless it can still be recognized as an asymmetry
in the emission line profile. This fact (i.e. multiple absorption components at identical velocities in
different lines) rules out radiative transfer effects as the responsible mechanism as these effects vary for
different lines and are not present in all model calculations (Hillier 1992).

The blue-shifted components are not visible in other lines but the feature at —30 km s ! is visible as a line
inhomogeneity in the magnesium and silicon lines as well. The He 1 A4471 line does not show the feature
indicating that He 1 is formed closer to the stellar surface than the originating regions of the shells.

Although it is possible that the spectra of Nota et al. (1997) did not detect all existing absorption compo-
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Figure 4.16: Selected line profiles of HR Car in heliocentric velocity space.
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nents at the time due to their relatively low resolution of about 1—2 A the formation of one shell suggests
that additional density perturbations might have developed in the time after their 1996, observations re-
sulting in the multi-component absorption lines in our observation about three months later. Studying
their zoom-plot of the Ha line profile in 1996 we detect a weak asymmetry in the emission part that
could correspond to the =30 km s~! feature which might indicate the originating region in the outflows
where the shells get formed and ejected. However more detailed analyses and collaborations are needed
to prove this suggestion.

HD 169454

HD 169454 was observed from 1992 to 1994 as part of the same spectroscopic monitoring program
that also provided the data for the time series study of HD 160529 in chapter 3. Rivinius et al. (1997)
analyzed the data and found outward moving line features in the absorption components of wind lines.
The behavior of these features is reminiscent of the discrete absorption components (DACs) seen in O
stars and is in both cases attributed to propagating non-spherical density perturbations (i.e. “blobs™).

In our spectra of 1996 we cannot clearly detect these features although a weak, broad absorption feature
is visible in the HB, He 14471 and Mg 11 \4481 lines at vpeio=—235kms™'. Note that the stronger
absorption component of H+y at this velocity is probably mainly caused by Stark broadening (as predicted
by SEIDYNAMIC models). If the feature is real in the He 1 A4471 and Mg 11 A4481 lines it would confirm
the findings of Rivinius et al. (1997) that the density disturbances originate at the base of the wind and
then move outwards, as these lines are mainly formed in the photosphere (although they do show some
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Figure 4.17: Selected line profiles of HD 169454 in heliocentric velocity space.



4 Wind Structure and Mass Loss in LBVs 115

wind influence as indicated by the shallow blue line wings).

HD 316285

rel. flux

The Balmer lines of HD 316285 have a shape very similar to the ones seen in P Cygni but are even
stronger (i.e. the intensity is higher by about 70 % and the F'W H M is larger by a factor of 2), indicating
a very strong wind. The most recent detailed analysis of this star was carried out by Hillier et al. (1998)
who found that HD 316285 indeed has an extremely high mass-loss rate (>2x 10~4 Mgyr—!) and a per-
formance number (= ratio of wind momentum to radiative momentum) that is 30 times greater than that
of P Cygni. Although there is no photometric history of this object the authors suggest that HD 316285
is a LBV because of its spectral variability and its stellar properties and chemical content. Presumably
HD 316285 is, like P Cygni, in a relatively quiescent phase of its LBV life where significant spectral
variations but no major photometric changes occur.

Because of the low apparent brightness of the star we had to choose large exposure times for this object
in order to get the desired high S/N ratios and so the telluric line blends are rather strong in the spectra.
All marked narrow features in the Balmer line plot can be identified as telluric.

The line profiles of He1A5015, Mg 11 A\4481 and the two SiTI lines appear rather similar and are not
shifted with respect to each other. The Sill lines exhibit a faint inhomogeneity/asymmetry in their
profiles around —210 km s~ 1. In the other two lines this feature is not visible but the reason could be that
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Figure 4.18: Selected line profiles of HD 316285 in heliocentric velocity space.
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the S/N ratio of the blue lines is much lower.

HD 326823

rel. flux

In our spectra we confirm the double-peaked emission line structure of Ha as found by Sterken et al.
(1995) and observe the same two peaks in the H3 and Hry lines. Also the forbidden [N 11] lines at 6548 A
and 6583 A are visible (see spectra in appendix). Note that our He 1 \6678 line profile looks almost
exactly like that of Sterken et al. (1995) from April 28, 1994 — even the smaller inhomogeneities on top
of the red emission component exist. However, as HD 326823 exhibits strong night-to-night variations,
we attribute this line profile as a chance event rather than some large-order atmospheric effect (note that
Sterken et al. 1995 mentioned that the fast variations are of the same order of magnitude as the variations
spanning decades).

In the SiTI lines we can detect five distinct features at —230, —170, =70, 70 and 170 km's ~*. The symmetry
of the two pairs of features at (70, 70)kms~! and (=170, 170)kms~! could indicate two spherically
expanding shells with a systemic velocity of 0 km s~!. The features are less pronounced in the He 1 \4471
line and almost indistinguishable in Mg 1T A\4481.
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Figure 4.19: Selected line profiles of HD 326823 in heliocentric velocity space.
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HD 80077

All Balmer lines exhibit a distinct line feature at vpelio =—25 kms 1.

A quick web-based literature search on the Astrophysics Data System (ADS)® for HD 80077 spectra
yielded only one, fairly old spectrum (June 1984), published by Carpay et al. (1989) that was taken
around Ha with a spectral resolution of 14 000. Their Figure 2 shows an Ha line profile that is similar to
ours although no inhomogeneity is visible which is probably due to their lower spectral resolution. It is
possible that no such feature existed in the spectra of HD 80077 in 1984 but the generally low variability
and the similar line profile favors the former argument.

We can see the feature in the Si112 6347 line as well but it does not show up in the other line profiles.
Assuming that some sort of density perturbation is responsible for the line feature (say a shell) we can
estimate the originating location of the shell, i.e. in this case it is the area of the SilI 2 6347 line-forming
region around Vpelio =0kms™1.

5The URL for ADS is: http://adsabs.harvard.edu/cgi-bin/nph-abs_connect

3 a 7‘2?

|
|
1 M SilIes71

i

L ! |
|

L | |
|

|
|
|
|
|
|
|
l
|
2 |
1 0.5 W Sill6347
l - ‘ .
| |
>< > F [ 1
E | CH 1 f
- : S| : ,
© l o l
= | Ho = 0 | Mg 114481
1 ! L ! |
: W
| I | T
| i | :
‘ Hp | l |
| |
| -0.5 | He 4471
L | - |
0 i ~ Hy i
: l . l
L ‘ L L L ‘ L L \\‘ L L L ‘ L L L ‘ L L ‘ L L L ‘ L L \\‘ L L ‘ L L ‘ L
—400 —-200 0 200 400 —400 —-200 0 200 400
Vhelio [km/s] Vhelio [km/s]

Figure 4.20: Selected line profiles of HD 80077 in heliocentric velocity space.



118 4 Wind Structure and Mass Loss in LBVs

4.5 Summary and Discussion
4.5.1 Summary and Discussion of the Observations

In this section we summarize and discuss the observed spectra for this “ultra-high resolution™ project.
We discuss the P Cygni spectra in detail and then proceed with notes that apply for all observed objects.

P Cygni

So far all published spectral atlases of P Cygni achieved their high S/N ratio by averaging spectra ob-
tained over several years to a mean spectrum (see Markova 1994 and Markova & Zamanov 1995, Stahl
etal. 1991 a, 1993). Since the typical variability time scale of P Cygni is on the order of months (for pho-
tometric as well as spectroscopic variations; see Stahl et al. 1994) the averaging “smeared out” the line
profiles so that possible weak sharp components cannot be detected in the mean spectrum. In our spectra
we did not detect any significant variability so by averaging our data we only improved the S/N ratio
without affecting the line profiles. Furthermore our spectra provide a superior resolution (R = 100 000
compared to R = 12 000 of Stahl et al. (1993) and R =~ 18 000 (at 6500 A) and R ~ 21000 (at 3800 A) of
Markova (1994) and Markova & Zamanov (1995) respectively).

While the group of Markova reported possible line splitting and DACs in their spectra these features
could not be seen in the spectra of Stahl et al. (1993). Because of the lower resolution of the spectra of
Stahl et al. (1993) and the low S/N ratio of the spectra of Markova (1994), this question could not be
answered conclusively. Both observational constraints are resolved in our spectra and we can confirm
the findings of Stahl et al. (1993) in that we cannot detect any definitive line splitting. However, from
our one-time snapshot, it cannot be excluded that DACs are present at other times — it is possible that
we just did not catch the optimal phase of the variability cycle and/or that these features are present
predominantly in spectral lines outside our observing window (e.g. mainly the higher Balmer lines are
expected to show these features).

Stahl et al. (1991 a) unexpectedly discovered forbidden FeTr lines in their averaged optical spectrum of
P Cygni (S/N= 500, spectral resolution: 12 000). These lines show a flat-topped profile with sharp edges
and have intensities of only a few percent of the continuum. With further averaging of a total of 119
spectra, the authors even reach a S/N ratio of about 2000 as measured at 5400 A (Stahl et al. 1993). Our
averaged spectrum achieves a S/N ratio of about 450 with a maximum value of 1100 in the emission
part of Ha. Our spectrum is thus comparable with the above spectrum of Stahl et al. (1993) in terms of
S/N ratio but has a superior resolution of R = 100 000. However even in our spectra the [Fe IT] cannot be
further resolved. The observed substructures in the forbidden emission lines have a typical FW HM of
~60—100km s~! which is more typical for lines originating in the stellar wind closer to the star. Thus it
seems that the structured profiles of the forbidden lines are indeed caused by line blending as suggested
by Israelian (1995), rather than by single blobs or clumps in the extended atmosphere. However if the
circumstellar envelope consists of many clumps with a broad velocity dispersion in the line of sight, their
contribution to the emission lines could also produce the observed profiles.

Studying our spectra we see that the broad emission wings of the strongest hydrogen and helium lines
(Ha, HB, Hy, He 5876, He 6678) seem to scale with the corresponding emission strength. The mech-
anism forming these wings is thus most likely electron scattering although some NLTE contribution as
found by Hubeny & Leitherer (1989) cannot be ruled out. The shallow, broad wings around the He,
Hp and Hry lines have widths of about 1500 —1000km s~ for the respective lines. Her also shows an
extension of the wing on the blue side of up to ~5000km s~!. led spectra also resolve for the first time
the asymmetric, saturated but non-zero absorption profiles of the Ha and HQ lines which exhibit similar
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forms as “black” absorption troughs found in many UV lines. The absorption components of the higher
Balmer lines and all helium lines (which are formed deeper in the stellar atmosphere) are not saturated
anymore; rather they show the typical known P Cygni profile and exhibit a line progression (i.e. weaker
lines are formed at lower velocities).

The Balmer lines appear smooth; all weak features in the Ha line could be associated with telluric
features (see top/left plot of Figure 4.4). This supports the results of Scuderi et al. (1994), validating
the “smooth-wind” assumption in synthetic models of the optical spectrum of P Cyg. It is also clear
that high-quality data such as ours are essential if one wants to detect faint narrow-line features of blobs
and clumps and distinguish them from telluric features. This result agrees with our previous argument
of a homogeneous expanding shell at large distances from the star (R > 100R,) as concluded from
the forbidden [FeI1] line profiles. In contrast are the asymmetric distributions of clumps as detected in
coronographic images of the P Cygni nebula (Nota et al. 1995) and the indication of inhomogeneities in
the circumstellar envelope as derived from infrared observations with ISO (Lamers et al. 1996).

The seemingly contrary pictures of the physical condition in P Cygni’s extended outflow region can be
resolved by abandoning the assumption that the matter is either clumpy or homogeneously distributed
throughout the outflow. Feldmeier (1999, in particular the discussion section) described a scenario that
can explain all observational facts based on model simulations that extended to 100 R, and applied the
line-driven instability mechanism: dense shells occur only above ~1.5 R, so the Ha line-forming region
of typically 1-1.5 R, should not be significantly affected. An intermediate region of about 1.5-50 R, is
clumpy due to the line-driven instabilities (this can explain the inconsistencies between determining M
from IR or optical data). Finally the outermost outflow part is rather smooth again, related to inefficient
radiative cooling (i.e. internal thermal pressure leads to a re-expansion of the shells), which agrees with
the smooth [FeI1] line profiles.

All LBVs

In the section 4.3 we discussed the observed spectra individually without cross-correlating the observa-
tions of other LBVs (i.e. for each LBV we described its mean spectrum, emphasizing substructures in the
spectral lines and listed related references). Here we look at all spectra and discuss the common features
with the goal of finding a global picture of the conditions in expanding LBV atmospheres.

The fact that none of the LBV spectra showed significant variations on time scales of minutes to hours
indicates that the physical mechanisms responsible for the LBV variations in general do not have such
high frequency components; rather the minimal time scales are on the order of days to weeks (e.g. as
detected by Stahl et al. 1994 for P Cygni or see previous chapter for HD 160529). This might serve as a
constraint for theories and models to explain the LBV variability mechanisms.

By ordering the line profiles with increasing velocities in our plots (i.e. line with largest vpelio-value
on top of plots and line with lower wye)i0-values successively decreasing) we created in first order ap-
proximation a probing scale through the stellar atmosphere (we assumed here the usual wind law where
the velocity increases with radius). In those plots it is easy to see if line inhomogeneities follow a cer-
tain trend (like changing their velocities or strengths in different wind regions). We can estimate the
line-forming region of possible blobs, clumps and/or shells by examining in which line the associated
inhomogeneity-feature is first visible. An example is HD 80077 where we see a line feature at 25 km s ~!
in the all Balmer lines and faintly in the SiII 2 6347 line while the other lines that form deeper in the at-
mosphere do not exhibit this feature. Also weak, narrow features that e.g. only show up in the Ha line
and not in the higher Balmer lines can be attributed to telluric line blends even if no comparison spectrum
is available.
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We see a general trend of inhomogeneities getting more pronounced and more frequent in spectral lines
that are formed further out in the atmosphere: e.g.: many H, Fe, Na, and Ca lines show significant
substructures while photospheric lines show mostly wind influence (shallow blue line wings) but not
necessarily distinct line features. In particular the Call and Nat lines of all our observed stars show
complex structures, usually with multiple sharp absorption components and often a broad emission com-
ponent as well. The results of the variability studies in HD 160529 (chapter 3) and P Cygni (first tests
using data from Stahl et al. 1995) indicate significant stellar contributions in these profiles and thus they
might be used to study the conditions in the envelopes of LBVs.

This result has important consequences of the studies of ISM lines when LB Vs are used as background
stars (e.g. Welty et al. 1994 found 16! distinct ISM components in the NaD; line of P Cygni) but might
not have considered stellar contributions. Separating the stellar and ISM contributions in these lines will
thus be important in both studies.

The line-driven instability mechanism (Feldmeier 1999) that we discussed in the previous section, might
explain the observed trend of inhomogeneities forming preferably in lines that originate further away
from the stellar surface: the lower wind and photospheric regions are not influenced by the instability
while the sodium and calcium lines (and possibly/partly Ha) might get formed in the intermediate wind
region where the line-driven instability dominates and creates clumps and shells.

In certain stars corotating interactive regions (CIRs) can produce significant clumping of the wind close to
the star (see recent 2D-CIR models of Owocki 1999). Clumpy LBV nebulae structures can be reproduced
in detail by “ram-ram” pressure mechanisms and fast/slow wind models (Garcia-Segura et al. 1996).

Other mechanisms might explain substructures that are seen in lines forming deeper in the atmosphere
(e.g. pulsation triggered shell-ejections, sudden changes in the ionization structure of the atmosphere, ...)

A final explanation for the observed tendency of the line-substructures is that clumping exists close to the
photosphere but is not visible because the density structure is not high enough to affect the photospheric
line profiles and/or opacity conditions close to the photosphere do not allow the observation of clumps.

4.5.2 Future Prospects

We will perform a literature search for photometric observations that were carried out close to our spec-
troscopic observing runs to determine the state (maximum or minimum) of the respective object at that
time. We will use this information to study whether inhomogeneities are a general feature in the winds
of massive stars or if they only appear in certain evolutionary phases (note that by obtaining spectra for
a large number of sources we should have observed LBVs in a wide range of atmospheric conditions).
This clearly has important consequences for stellar evolutionary models and models for the wind-driving
mechanisms.

The accurate modeling of the LBV spectra including possible clumping effects will provide highly accu-
rate mass-loss rates and help to understand the physical effects at work in LBV atmospheres. This will
determine the potential to use these extremely bright objects as “standard candles” in distant galaxies. In
particular it might be possible to use their wind momentum - luminosity relation (WLR), similar to the
galactic BA supergiants Kudritzki et al. (1999), as extragalactic distance indicator which would provide
important constraints on cosmological evolution models.

As mentioned before we will collaborate with the Munich group of scientists including Dr. R. Kudritzki,
to apply their highly sophisticated unified models for fitting the spectral lines of our data.
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In conclusion, we believe that we have met the goal of our thesis, namely, to provide the data and perform
the analysis necessary to tackle some of the important open questions in the field of LBV research (see
section 1.4).

In particular, we have presented the first detailed study of LBV line profile variations, using HD 160529
as an example, and have made initial analyses of spectral time series on which future, more sophisticated
numerical models can be based.

The most important result from our analyses is that all observed spectral line variations can be explained
by radial and non-radial pulsations. The additional effects in the stellar atmosphere (changes of the
ionization structure and variable wind densities), that are needed to explain the detailed behavior of the
wind lines, can be attributed to be triggered by pulsations as well. Thus, RPs and NRPs seem to be the
underlying physical mechanisms that cause all observed line-profile variations in HD 160529.

The ultra-high-resolution snapshot spectra that we have acquired with colleagues are state-of-the-art: to
our knowledge they are the most complete sample of such high-resolution, high S/N LBV spectra. The
data is available to the scientific community (the publication of the spectra is in progress but immediate
access can be provided by request).

Although the ultra-high-resolution LBV spectra have not yet been analyzed in detail, initial basic models
have been calculated and preliminary results have been presented by Ging et al. (1997).

Further studies building on these results are in progress; in particular, we are collaborating with the
Munich group of Kudritzki to apply their sophisticated unified model code to analysis of the spectra
presented in chapter 4.

In section 3.8 we have also discussed the possibility that HD 160529 might be a binary system with the
observed line profile variations being the result of interactions with a companion star. However, we
do not need to invoke this more complex model as we can explain all the observed line variations as
consistent with the pulsations of a single star. Furthermore, if at least some LBVs are single stars, not all
of the characteristic LBV behavior can be attributed to having multiple stars in the system.

Nevertheless the question of how many LBVs actually are multiple star systems is intriguing and the
effects such systems might have on their spectral lines are not well known. Even the well studied LBVs
7 Car and R 81 have only recently been shown to be binary systems. Apart from simple stellar statistics,
another argument for some more LBV being binary systems might be the bipolar nebulae structures that
are seen around many L.BVs which could easily be explained by a companion star causing the deviation
of the spherical outflow. However, the information available from our present data set is not well suited
to addressing the issue of multiple stars, and this question must be deferred to another research project.
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Appendix A: Spectral Catalogue (High Resolution, High S/N
Mean Spectra)

In the following appendix we plot the mean heliocentric spectra of our high-resolution observations.

For each object we summarize again the most important observing information. Note that no signifi-

cant variations were observed during these observations so that averaging the spectra only improved the

signal-to-noise (S/N) ratios without smearing of spectral features.

To our knowledge the given plots thus represent the highest quality (i.e. highest resolution and S/N)
optical spectra of LBVs currently available and provide an ideal sample for sophisticated codes to model

these objects.

The listed signal-to-noise ratios were derived using the typical S/N values of the individual spectra in

the red wavelength region, as listed in Tables 4.1 —4.3, and calculating the square root of the sum of the

squared values, i.e.:

Smean = Z SZQ
J =1

with Speqn and S; the mean and individual S/N ratios and n the number of individual spectra obtained

in the respective wavelength region.

This approach is justified as we are in the photon dominated regime of noise with our high S/N spectra.

The achieved values were rounded to the next zero-digit integer number and checked by measuring a

few spectra interactively (with IRAF’s splot routine) at the continuum level around 6400 A. Note that
the S/N ratio depends strongly on the observed wavelength region as the efficiency of the spectrographs

decreases rapidly in the blue wavelength range. Also the S/N ratio in the strong emission lines can be
substantially higher than the surrounding continuum values (e.g. the maximum S/N of the mean P Cygni

spectrum in the Ha emission line is about 1100 compared to ~450 for the continuum).

To take advantage of the high resolution we have stretched the spectra onto small y-axis plots and did

not annotate the spectral lines to maximize the available space.

Table 1.1 lists the visual brightness and coordinates of the observed objects and gives a summary of the

essential observing information (i.e. observing time, location, instrument and resolution). The details of

each observation are listed in Tables 4.1 —4.3.
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Appendix

Al

Mean Spectrum of P Cygni

Observing instrument: CFT/KPNO

Observing date: May 20-22, 1996

Observed wavelength range: 3920—7030 A

Spectral resolution: 100 000
S/N ratio at 6400 A: 450
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Figure A.1: Mean spectrum of P Cygni from 3900—4300 A; observed on May 20, 1995.
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Figure A.2: Mean spectrum of P Cygni from 4300—4700 A; observed on May 20 and May 21, 1995.
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Figure A.3: Mean spectrum of P Cygni from 4700—5100 A; observed on May 21, 1995.



132

Appendix

1.05

0.95

1.08
1.06
1.04
1.02

0.98

1.04
1.02

0.98

: | T T T | T T T | T T T | T T T | T T T | :
_ | | | | | | | | | | | | | | | | | | | | | __
5200 5220 5240 5260 5280 5300
— | T T T | T T T | T T T | T T T | T T T | -]

| 1 1 1 | 1 1 1 | 1 1 1 | 1 1 1 | 1 1 1 | _:
5300 5320 5340 5360 5380 5400
: | T T T | T T T | T T T | T T T | T T T | :
S R R R T T R A R T R R RN R S R
5400 5420 5440 5460 5480 5500

Figure A.4: Mean spectrum of P Cygni from 5100—5500 A; observed on May 21, 1995.
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Figure A.5: Mean spectrum of P Cygni from 5500—5900 A; observed on May 22, 1995.
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Figure A.6: Mean spectrum of P Cygni from 5900—6300 A; observed on May 22, 1995.
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Figure A.7: Mean spectrum of P Cygni from 6300—6700 A; observed on May 22, 1995.
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Figure A.8: Mean spectrum of P Cygni from 6700—7100 A; observed on May 22, 1995.



Appendix

137

A2

Mean Spectrum of HD 160529

e Observing instrument: UCLES/AAT

e Observing date: October 4, 1995

Observed wavelength range: 3600—6800 A

Spectral resolution: 50 000
S/N ratio at 6400 A: 200
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Figure A.9: Mean spectrum of HD 160529 from 3600—4000 A; observed on Oct4, 1995,
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Figure A.10: Mean spectrum of HD 160529 from 4000—4400 A; observed on Oct 4, 1995.
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Figure A.11: Mean spectrum of HD 160529 from 4400—4800 A; observed on Oct 4, 1995.
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Figure A.13: Mean spectrum of HD 160529 from 5200—5600 A; observed on Oct 4, 1995.
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Figure A.16: Mean spectrum of HD 160529 from 6400— 6800 A; observed on Oct 4, 1995.
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A3

Mean Spectrum of HD 168607

Observing instrument: UCLES/AAT

Observing date: October 4, 1995

Observed wavelength range: 3600 — 6800 A

Spectral resolution: 50 000
S/N ratio at 6400 A: 200
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Figure A.17: Mean spectrum of HD 168607 from 3600—4000 A; observed on Oct 4, 1995.
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Figure A.18: Mean spectrum of HD 168607 from 4000—4400 A; observed on Oct 4, 1995.
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Figure A.19: Mean spectrum of HD 168607 from 4400—4800 A; observed on Oct4, 1995.
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Figure A.20: Mean spectrum of HD 168607 from 4800—5200 A; observed on Oct 4, 1995.
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Figure A.21: Mean spectrum of HD 168607 from 5200—5600 A; observed on Oct 4, 1995.
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Figure A.23: Mean spectrum of HD 168607 from 6000— 6400 A; observed on Oct 4, 1995.
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Figure A.24: Mean spectrum of HD 168607 from 6400—6800 A; observed on Oct 4, 1995.
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A4

Mean Spectrum of HD 168625

e Observing instrument: UCLES/AAT

e Observing date: October 4, 1995

Observed wavelength range: 3600—6800 A

Spectral resolution: 50 000
S/N ratio at 6400 A: 130
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Figure A.26: Mean spectrum of HD 168625 from 4000—4400 A; observed on Oct 4, 1995.
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Figure A.27: Mean spectrum of HD 168625 from 4400—4800 A; observed on Oct 4, 1995.
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Figure A.28: Mean spectrum of HD 168625 from 4800— 5200 A; observed on Oct 4, 1995.
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Figure A.29: Mean spectrum of HD 168625 from 5200—5600 A; observed on Oct 4, 1995.
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Figure A.31: Mean spectrum of HD 168625 from 6000—6400 A; observed on Oct 4, 1995.
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Figure A.32: Mean spectrum of HD 168625 from 6400— 6800 A; observed on Oct 4, 1995.
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AS

Mean Spectrum of HD 5980

Observing instrument: UCLES/AAT

Observing date: October 4, 1995

Observed wavelength range: 3600 — 6800 A

Spectral resolution: 50 000
S/N ratio at 6400 A: 70
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Figure A.33: Mean spectrum of HD 5980 from 3600—4000 A; observed on Oct4, 1995,
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Figure A.34: Mean spectrum of HD 5980 from 4000—4400 A; observed on Oct4, 1995.
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Figure A.36: Mean spectrum of HD 5980 from 4800— 5200 A; observed on Oct4, 1995.
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Figure A.38: Mean spectrum of HD 5980 from 5600— 6000 A; observed on Oct4, 1995.
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Figure A.40: Mean spectrum of HD 5980 from 6400— 6800 A; observed on Oct4, 1995.
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A.6

Mean Spectrum of S Dor

e Observing instrument: UCLES/AAT

e Observing date: October 4, 1995

Observed wavelength range: 3600—6800 A

Spectral resolution: 50 000
S/N ratio at 6400 A: 130
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Figure A.41: Mean spectrum of S Dor from 3600—4000 A; observed on Oct 4, 1995.
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Figure A.42: Mean spectrum of S Dor from 4000—4400 A; observed on Oct 4, 1995.
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Figure A.43: Mean spectrum of S Dor from 4400—4800 A; observed on Oct 4, 1995.
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5140

5160

2180

5200



178

Appendix

2F .
1.5 F -
1 o .

N N B T R B B
5200 5220 5240 5260 5280 5300

: | T T T | T T T | T T T | T T T | T T T | :

2 F E

: Al S

:_ | I I I | I I I | I I I | I I I | I I I | _:
5340 5360 5380 5400

1.8

1.6
1.4
1.2

R
|

9500 9520 9540 5560 5580

Figure A.45: Mean spectrum of S Dor from 5200—5600 A; observed on Oct 4, 1995.
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Figure A.46: Mean spectrum of S Dor from 5600—6000 A; observed on Oct4, 1995.
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6800



182

Appendix

A7

Mean Spectrum of R 40

Observing instrument: UCLES/AAT

Observing date: October 4, 1995

Observed wavelength range: 3600 — 6800 A

Spectral resolution: 50 000
S/N ratio at 6400 A: 140
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Figure A.49: Mean spectrum of R 40 from 3600—4000 A; observed on Oct 4, 1995.
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Figure A.50: Mean spectrum of R 40 from 4000—4400 A; observed on Oct4, 1995.
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Figure A.51: Mean spectrum of R 40 from 4400—4800 A; observed on Oct 4, 1995.
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Figure A.52: Mean spectrum of R 40 from 4800—5200 A; observed on Oct4, 1995.
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Figure A.53: Mean spectrum of R 40 from 5200—5600 A; observed on Oct 4, 1995.
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Figure A.54: Mean spectrum of R 40 from 5600—6000 A; observed on Oct4, 1995.
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Figure A.55: Mean spectrum of R 40 from 6000—6400 A; observed on Oct 4, 1995.
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Figure A.56: Mean spectrum of R 40 from 6400— 6800 A; observed on Oct4, 1995.
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A8

Mean Spectrum of R71

e Observing instrument: UCLES/AAT

e Observing date: October 3, 1995

Observed wavelength range: 3600—6800 A

Spectral resolution: 50 000
S/N ratio at 6400 A: 50
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Figure A.57: Mean spectrum of R 71 from 3600—4000 A; observed on Oct 3, 1995.
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Figure A.58: Mean spectrum of R 71 from 4000—4400 A; observed on Oct 3, 1995.
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Figure A.59: Mean spectrum of R 71 from 4400—4800 A; observed on Oct 3, 1995.
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Figure A.60: Mean spectrum of R 71 from 4800—5200 A; observed on Oct 3, 1995.
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Figure A.61: Mean spectrum of R 71 from 5200—5600 A; observed on Oct 3, 1995.
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Figure A.62: Mean spectrum of R 71 from 5600—6000 A; observed on Oct 3, 1995.
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Figure A.63: Mean spectrum of R 71 from 6000— 6400 A; observed on Oct 3, 1995.
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Figure A.64: Mean spectrum of R 71 from 6400—6800 A; observed on Oct 3, 1995.



200

Appendix

A9

Mean Spectrum of R 81

Observing instrument: UCLES/AAT

Observing date: October 4, 1995

Observed wavelength range: 3600 — 6800 A

Spectral resolution: 50 000
S/N ratio at 6400 A: 120
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Figure A.65: Mean spectrum of R 81 from 3600—4000 A; observed on Oct 4, 1995.
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Figure A.66: Mean spectrum of R 81 from 4000—4400 A; observed on Oct4, 1995.
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Figure A.67: Mean spectrum of R 81 from 4400—4800 A; observed on Oct 4, 1995.
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Figure A.68: Mean spectrum of R 81 from 4800—5200 A; observed on Oct4, 1995.
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Figure A.69: Mean spectrum of R 81 from 5200—5600 A; observed on Oct 4, 1995.
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Figure A.70: Mean spectrum of R 81 from 5600— 6000 A; observed on Oct4, 1995.
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Figure A.71: Mean spectrum of R 81 from 6000—6400 A; observed on Oct 4, 1995.
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Figure A.72: Mean spectrum of R 81 from 6400— 6800 A; observed on Oct4, 1995.
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A.10 Mean Spectrum of n Car

e Observing instrument: CES/CAT

e Observing date: April 10—12, 1996
Observed wavelength range: 4320—6602 A

Spectral resolution: 60 000
S/N ratio at 6400 A: 630
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Figure A.73: Mean spectrum of 7 Car; observed in April 1996.
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Figure A.74: Mean spectrum of 7 Car; observed in April 1996.
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Figure A.75: Mean spectrum of 7 Car; observed in April 1996.
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A.11 Mean Spectrum of AG Car

e Observing instrument: CES/CAT

Observing date: April 5-9, 1996
Observed wavelength range: 4320—6602 A

Spectral resolution: 60 000
S/N ratio around 6400 A: 240
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Figure A.76: Mean spectrum of AG Car; observed in April 1996.
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Figure A.77: Mean spectrum of AG Car; observed in April 1996.
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Figure A.78: Mean spectrum of AG Car; observed in April 1996.
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A.12 Mean Spectrum of HR Car

e Observing instrument: CES/CAT

e Observing date: April5—10, 1996
Observed wavelength range: 4320—6602 A

Spectral resolution: 60 000
S/N ratio at 6400 A: 240
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Figure A.79: Mean spectrum of HR Car; observed in April 1996.
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Figure A.80: Mean spectrum of HR Car; observed in April 1996.
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Figure A.81: Mean spectrum of HR Car; observed in April 1996.
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A.13 Mean Spectrum of HD 169454

e Observing instrument: CES/CAT

Observing date: April 5-9, 1996
Observed wavelength range: 4320—6602 A

Spectral resolution: 60 000
S/N ratio at 6400 A: 230
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Figure A.82: Mean spectrum of HD 169454; observed in April 1996.
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Figure A.83: Mean spectrum of HD 169454; observed in April 1996.
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Figure A.84: Mean spectrum of HD 169454; observed in April 1996.
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A.14 Mean Spectrum of HD 316285

e Observing instrument: CES/CAT
e Observing date: April 10—12, 1996
Observed wavelength range: 4320—6602 A

Spectral resolution: 60 000
S/N ratio at 6400 A: 220
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Figure A.85: Mean spectrum of HD 316285; observed in April 1996.
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Figure A.86: Mean spectrum of HD 316285; observed in April 1996.
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Figure A.87: Mean spectrum of HD 316285; observed in April 1996.
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A.15 Mean Spectrum of HD 326823

Observing instrument: CES/CAT

Observing date: April5—11, 1996

Observed wavelength range: 4320—6602 A

Spectral resolution: 60 000
S/N ratio at 6400 A: 120
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Figure A.88: Mean spectrum of HD 326823; observed in April 1996.
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Figure A.89: Mean spectrum of HD 326823; observed in April 1996.
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Figure A.90: Mean spectrum of HD 326823; observed in April 1996.
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A.16 Mean Spectrum of HD 80077

e Observing instrument: CES/CAT

e Observing date: April5-9, 1996
Observed wavelength range: 4320—6602 A

Spectral resolution: 60 000
S/N ratio at 6400 A: 260
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Figure A.91: Mean spectrum of HD 80077; observed in April 1996.
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Figure A.92: Mean spectrum of HD 80077; observed in April 1996.
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Figure A.93: Mean spectrum of HD 80077; observed in April 1996.
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